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Chapter 1

Publications

The abstracts of the four included articles are given here. The contribution of the author
of this dissertation on the articles is summarized at the end. Hereafter the included articles
are referred to as Papers I to IV.

Publ. I

Sandroos, A., Vainio, R., “Particle acceleration at shocks propagating in inhomogeneous
magnetic fields”, Astronomy & Astrophysics, 455:685-695, 2006.

Abstract:

We consider particle acceleration at the scatter-free limit in quasi-planar shock waves
propagating in inhomogeneous magnetic fields. It is shown that both non-constant mag-
netic field intensity and field-line curvature may lead to efficient acceleration of particles
at shocks propagating through the structure. Shocks propagating towards increasing mag-
netic field intensity trap energetic particles, and as the field increases at the shock front
the particles, by conserving their magnetic moment µB = E⊥/B, increase their perpendic-
ular energy by the ratio of maximum field magnitude to the field magnitude at the point
of injection, E⊥,max = E⊥,injBmax/Binj. This may result in energy gains by factor of 100
in the solar corona. In addition, shocks propagating in curved magnetic fields may trap
particles and accelerate them to high energies on field lines on which the shock-normal
angle gradually increases toward 90◦. Suitable field-line geometries should be common
in many astrophysical objects, such as stellar coronae and quasi-perpendicular parts of
supernova shocks.
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Publ. II

Sandroos, A., Vainio, R., “Simulation results for heavy ion spectral variability in large
gradual solar energetic particle events”, The Astrophysical Journal 662:L127-L130, 2007.

Abstract:

Large gradual solar energetic particle (SEP) events have been found to be highly vari-
able in their heavy ion characteristics at high energies, where these events start to show
signatures typically associated with impulsive events. The signatures include enhance-
ments in heavy ion abundances, elevated charge states of Fe at high energies, and en-
hanced 3He/ 4He ratios. We present results from test-particle simulations, considering
the behavior of Fe and O ions in a semirealistic model for the solar corona, that diffusive
shock acceleration can produce most of the observed features if the seed ions consist of
suprathermals from the corona and flares. We also compare our results to a recently de-
veloped SEP model of Tylka & Lee (2006) and find that the critical assumptions of the
model are qualitatively correct and that, despite its simplicity, it may provide a realistic
description of the compositional and spectral variability of heavy ions in SEP events.

Publ. III

Sandroos, A., Vainio, R., “Reacceleration of flare ions in coronal and interplanetary shock
waves”, The Astrophysical Journal Supplement Series, 181:183-196, 2009.

Abstract:

Some gradual solar energetic particle events show unusual features at high energies
that are typically associated with impulsive events. Proposed reasons for these hybrid
events are superposed individual impulsive and gradual events, and shock acceleration of
a compound seed population consisting of typical coronal/solar wind material and ions
preaccelerated by flares. We investigate the validity and limitations of the latter proposal
using test particle simulations of diffusive shock acceleration. We find that the observed
abundance enhancements can only be produced under a restricted set of physical input pa-
rameters. We also derive an injection threshold speed for the diffusive shock acceleration,
valid under weakly turbulent conditions.
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Publ. IV

Sandroos, A., Vainio,R., “Diffusive shock acceleration to relativistic energies in the solar
corona”, Astronomy & Astrophysics, 507:L21-L24, 2009.

Abstract:

Aims. We study the effect of magnetic geometry on the efficiency of diffusive shock
acceleration (DSA) of protons in the solar corona with emphasis on conditions that may
lead to the formation of so-called ground level enhancements (GLEs) where the protons
are accelerated into energies & 1 GeV.

Methods. We use Monte Carlo simulations of DSA in a semirealistic large scale coro-
nal magnetic field near a bipolar active region. This active region is assumed to be the
source region of a coronal mass ejection (CME) driving a shock wave in the corona. The
shock geometry evolves in time, and the obliquity angle goes through a wide range of val-
ues from perpendicular to quasi-parallel. We consider the effect of the evolving magnetic
geometry on the acceleration efficiency in five selected field lines.

Results. In most of the considered field lines the maximum proton energies are of
the order of 100 MeV, which is rather typical for gradual solar energetic particle (SEP)
events. We find that the DSA can be more effective on field lines where the shock starts
out by being oblique and gradually turns quasi-perpendicular than on field lines where the
shock starts perpendicularly.

Author’s Contribution

A numerical model used to simulate diffusive shock acceleration was developed by the
author and used to produce the results presented in Papers I-IV. The topics of the pub-
lications were decided together with my supervisor Dr. Rami Vainio, and in the case of
Papers II & III the topics were heavily influenced by the discussion of the origin of seed
ions in the solar energetic particle scientific community at that time. The simulations,
analysis and writing of the publications were mainly carried out by the author.
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Chapter 2

Introduction and Goals

Solar energetic particles (SEPs) are by definition particles of solar or interplanetary (IP)
origin that have energies far above the typical coronal and solar wind values. The un-
usual properties of these particles hint that there is something special about their origin,
something that warrants the study of acceleration of SEPs as its own field of interest.

The very first SEPs were observed by ground-level ion chambers during large so-
lar events in 1942 (Forbush, 1946). At that time flares were the only known explosive
solar phenomena, and consequently for several decades the properties of SEPs were ex-
plained in terms of a sudden release of particles from a point source. The demise of this
“flare myth” began in 1970’s when first coronal mass ejections (CMEs) were observed
– it was realized that the SEPs may actually originate from not one, but two sources.
Since the launch of Solar and Heliospheric Observatory (SOHO) satellite in 1995, solar
flares, CMEs, and SEP events have been routinely observed by numerous spaceborne and
ground-based intruments.

In addition to pure academic interest, the SEPs have many important and often un-
wanted effects in today’s electronic world that need to be taken into account. The modern
society is very dependent on satellites which are used for many tasks such as navigation,
communication, and weather monitoring. Energetic particles impacting a spacecraft can
electrically charge its bus to such an extent that onboard components may get damaged.
Particles penetrating through the hull can for example create computer glitches by altering
the data in memory modules, or disrupt CCD cells of digital cameras, which in turn are
sometimes used to control spacecraft’s orientation.

Besides threatening electrical systems, SEPs are hazardous for human health as ex-
posure to radiation can, among other things, produce various changes in blood, damage
the lens of the eye, or even cause permanent sterilization (NASA SP-368, 1975). During
major solar events astronauts are forced to take shelter inside spacecraft’s protective hull
and cannot perform extra-vehicular activities such as spacewalks. Long-term radiation
exposure is a major concern for future manned Mars flights. Nowadays space tourism
corporations are planning of circumlunar missions and establishing hotels in Earth orbit.
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It remains to be seen what kind of impact SEP radiation threat has on these plans.
The ultimate goal of SEP research is to understand their acceleration mechanisms,

transport in the IP space, and produce reliable predictions on the particle fluxes so far in
advance that appropriate measures can be taken for instrumental and astronauts’ safety
alike.

Unfortunately there are many obstacles left that must be crossed. Shock waves driven
by CMEs are thought to accelerate particles from the local plasma population hitting the
shock front. However, the state (composition, temperature, magnetic geometry, etc.) of
the solar corona in global scale is not known. It is not known for sure when or if at all a
given active region will launch a CME, nor have we the ability to predict its size, speed,
or trajectory.

The state of the corona and the parameters of the CME are needed to predict the shape
and strength of the possible shock wave. A rigorous SEP model would then take all this
information as input and output the particle fluxes at a given place and time. Such a model
is beyond the scope of this thesis

This dissertation has the following goals:

• Develop a numerical model of diffusive shock acceleration.

• Include as many relevant effects as possible in the simulation, such as complicated
magnetic geometry, self-consistent wave generation, etc.

• Study the acceleration of multiple ion species using parameters that are suitable for
the solar corona.

• Compare simulation results with SEP observations.

This thesis is organized in the following manner: in Chapter 3 SEP observations are briefly
reviewed and their key aspects are discussed – these are the things we are ultimately trying
to explain. In Chapter 4 the physics related to SEP acceleration is reviewed, as well as
the predictions of the theory of shock acceleration. Chapter 5 deals with SHOPAR, the
numerical shock acceleration simulation developed by the author, which has been used to
produce the results presented in Papers I-IV. In Chapter 6 the results obtained with the
SHOPAR are discussed with respect to the observations.



Chapter 3

Observations of Solar Energetic

Particles

During 1970s and 1980s enough SEP observations accumulated so that an understanding
of their statistical properties was reached. The generally accepted view of SEP events
became such that they could be classified either as being impulsive or gradual depending
on the dominant method of acceleration. Particles of impulsive events are believed to be
produced by resonant wave-particle interactions in solar flares, while gradual events are
thought to be produced by diffusive shock acceleration (DSA) in shock waves driven by
super-Alfvénic CMEs.

According to the two-class paradigm (e.g., review by Reames, 1999), the impulsive
events are associated with short duration hard X-ray flares, occur very frequently (∼ 1000
events / year during solar maximum), are electron rich, have enhanced heavy ion abun-
dance ratios, and elevated charge states corresponding to hot ∼ 10 MK temperature. The
gradual events are associated with long duration soft X-ray flares, CMEs, occur at a rate
of ∼ 20 events per year during solar maximum, are proton rich, particle intensities in the
IP space are enhanced for several days, have abundance ratios and charge states typical
for the solar corona and solar wind, and ion energy spectra are often power laws with a
cut-off at very high energies.

It is important to remember that the properties listed above are statistical in nature, and
that individual events may show considerable variability – it has been said that a “typi-
cal” gradual SEP event has never been observed which may very well bear some truth.
Many of the defining characteristics of gradual events have also turned out to be energy-
dependent, and these dependencies may be one source of variability as the classification
to impulsive and gradual events is based on measurements made at ∼ 1− 10 MeV/nuc
energy range. All the reasons behind the event-to-event variations are not yet understood
very well.

The most extreme examples of SEP events are the so-called ground level enhance-
ments (GLEs). In these events ions are accelerated to so high energies that they are able
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to penetrate through the Earth’s atmosphere. Ions with energy & 1 GeV/nuc collide with
atmospheric particles and produce showers of secondary particles that are detectable at the
surface. GLEs appear to be gradual events scaled to very high energies (see e.g. Reames,
2009b, and references therein). However, it is difficult to determine the actual accelera-
tion mechanism as the GLEs suffer from the “big flare syndrome” as large gradual events
in general do – very fast CMEs are almost always accompanied by very large flares.

In order to understand the acceleration and transport of SEPs it is imperative to be
able to identify the origin of the accelerated particles. As shocks are assumed to acceler-
ate particles from the suprathermal tail of the upstream particle population, the observed
abundances and charge states should reflect the properties of the seed particles. However,
it is rather difficult to make comparisons between the observations and theoretical predic-
tions because one never measures just the locally accelerated particles. Because particles
scatter off plasma turbulence in the IP space, the observed fluxes always contain a con-
tribution coming from particles that were picked up and accelerated by the shock a long
time ago.

In this Chapter the basic properties of SEPs are reviewed and their implications for
the underlying acceleration mechanisms are discussed.

3.1 Temporal Properties and Magnetic Geometry

The time-intensity profiles of gradual SEP events show a wide variety of spatial and tem-
poral variations which depend on factors such as spacecraft position with respect to the
CME, local plasma conditions at the spacecraft location, efficiency of the acceleration,
and particle transport in the IP space.

Figure 3.1 illustrates how the time-intensity profiles depend on the observer’s relative
position to the CME shock, which is usually measured with the longitude of the parent
flare as measured by the observer. The asymmetry between the eastern and western flanks
of the shock arises mostly from the fact that the shape of the IP magnetic field is a Parker
spiral. Shocks viewed from western longitudes tend to be quasi-parallel for the majority of
the events while eastern events tend to be more perpendicular. Although there most likely
are temporal differences on the observer’s magnetic connection to the weaker flanks of the
shocks between eastern and western events as well, the asymmetry would remain even if
the shocks had a constant gas compression ratio everywhere. The importance of the shock
obliquity angle on the particle acceleration can be summarized as follows (Reames, 1999):

• On the eastern flank of the shock (left panel, W53◦), the observer was connected
to the quasi-perpendicular nose of the shock when the CME was close to the Sun.
As the CME propagates outwards the connection point moves towards the quasi-
parallel eastern flank.
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Figure 3.1: Time-intensity profiles for protons at three different energy ranges for ob-
servers viewing a CME from three different relative longitudes (Reames, 2004).

• A centrally located observer (middle panel, E01◦) is initially connected to the west-
ern flank and sees a rather constant acceleration source for the majority of the event,
because for a CME with a wide latitude extent there are no drastic changes on the
shock obliquity angle. The intensities may drop rapidly if the observer moves inside
the magnetic cloud of the CME.

• An observer on the western flank (right panel, E45◦) sees a slow rise in the intensi-
ties when the flank of the shock connects to the observer’s field line in the corona.
Intensities then increase as the connection point moves eastward towards the nose
of the shock and peak after the shock passage, when a connection to the nose has
been established from behind. Sudden spikes in the intensities (so-called energetic
storm particle events, which may also be observed in centrally located events) may
be detected when the shock crosses the observer’s position (e.g., Sarris & Krimigis,
1985).

Figure 3.1 also illustrates another typical property of SEP events: the first particles on
each energy channel arrive in the order of decreasing velocity, indicating that the observer
has been connected to the acceleration regions from the beginning of the event. The
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velocity dispersion can be used to give rough estimates of solar particle release (SPR)
times of energetic particles using equation

t1AU = tSun +L/v, (1)

where t1AU is the onset time at 1 AU, tSun is the SPR time near the Sun, and L is the
distance the particles have travelled at speed v. When the t1AU times are plotted vs. inverse
particle velocities 1/v and fitted with linear fits, the slope gives the path length L traveled
by the particles and SPR time is given as the intercept. This is based on the assumption
that the first particles at all energies were released simultaneously – if they were not,
then the t1AU times do not necessarily fall on a common line (see, e.g. Reames, 2009a,
for examples of such fits). The SPR analysis has been commonly applied to impulsive
events, but more recently to GLEs as well.

SPR analyses have shown that protons with the highest energies are released when
the CME leading edges are within a few solar radii of the surface (Kahler, 1994; Tylka
et al., 2003; Reames, 2009b). This, combined with the fact that CMEs that can continue
to accelerate protons to 100 MeV and above in the IP space are rare (e.g., Reames, 1999),
places a constraint on the possible acceleration time scales. If DSA is responsible for the
production of > 100 MeV protons, it must be able to do so within some minutes of the
CME onsets.

In majority of events shocks connecting to the observer’s field line should initially
be rather perpendicular, because the connection is established through lateral expansions
of the CMEs. Quasi-perpendicular shocks are also faster accelerators than quasi-parallel
ones, so rapid DSA is possible at least in principle. However, the estimated shock speeds
in the corona are 1000 km/s or more, and from elementary considerations the required ion
injection energies in nearly perpendicular geometries are so high that it is not known if
such ions exist. Despite decades of research this injection problem is still an unresolved
question.

3.2 Energy Spectra

The event-integrated energy spectra of ion species in gradual SEP events can often be
fitted by double power laws or by power laws with a cut-off at high energy. An example
of the latter is the often used Ellison-Ramaty model that exhibits an exponential cut-off
(Ellison & Ramaty, 1985),

dJ/dε ∝ ε−γ · exp(−ε/εcut). (2)

Figure 3.2 shows an example of typical energy spectra in gradual events which have been
fitted using equation (2). The cut-off energy εcut often depends on the species’ charge-to-
mass ratio as (Q/A)α , where α is close to unity. Under typical coronal and solar wind
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Figure 3.2: Energy spectra (symbols) of various ion species in Bastille Day event at
14.7.2000 (Tylka et al., 2001). The lines show fits to Ellison-Ramaty model. This central
meridian gradual event occurred after an extended period of high flare activity in the Sun
(40 flares during the preceding 4 days).

conditions the heavier ions should have a smaller cut-off energy. For protons the cut-
off energy is typically in the range of 10− 100 MeV and for heavier ions εcut ≈ 1− 10
MeV/nuc (Reames, 2004; Tylka et al., 2006).

For steady-state planar shocks the DSA theory predicts that the downstream energy
spectra are simple power laws (Chapter 4). In reality, steady-state conditions are rarely
realized for CME-driven shocks because the acceleration time scale p/ṗ at high particle
momenta is of the same order as the dynamical time scale L/Vshock of the CME, where L

is a length scale over which the shock parameters change considerably and Vshock is the
shock speed. It is thus expected that the observed spectra at high energies deviate from
power laws.

3.3 Elemental Abundances

DSA is thought to pick up the accelerated ions from quasi-thermal particle population
and/or suprathermal tails of the plasma hitting the shock. Thus the measured abundances
should in some way reflect the properties of the source plasma, although it is not currently
known what the exact relation is. This relation is linked to the injection problem briefly
discussed in Section 3.1.

Abundances are usually integrated over the course of the event, as for many species
the intensities are not high enough for good temporal resolution except in the largest
events. Time integration also removes some complications due to the velocity dispersion
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and scattering during the IP transport of the ions. The source plasma may be identified
by comparing SEP abundance ratios to values measured from quiet-time corona and solar
wind. Standard practice is to calculate abundances of heavy ion species X vs. O, and
then investigate the obtained (X/O)SEP ratios. (Fe/O)SEP is a particularly important ratio
as Fe is one of the most abundant heavier ions. Elevated 3He/4He-ratio is usually taken
to indicate presence of flare-accelerated particles in the seed population, as 3He is a rare
isotope that is significantly enhanced in impulsive events (Reames, 1999).

On average elemental abundances in gradual SEP events in the 1−10 MeV/nuc energy
range agree with the values measured from the solar corona and slow solar wind (Reames,
1995). However, the abundances are strongly energy dependent, and it is rather typical to
large events that at high energies (&10 MeV/nuc) they can vary by as much as two orders
of magnitude. The variations usually get smaller at lower energies (e.g., Figure 3 in Tylka
et al., 2005).

The variations in the abundance ratios are usually strongly correlated with the Q/A

ratios of the ion species (Meyer, 1985). When compared to coronal abundances, a so-
called Breneman-Stone fractionation pattern often appears (Breneman & Stone, 1985), as
illustrated in Figure 3.3. Breneman-Stone fractionation simply means that the abundance
ratios of many ion species over a given energy/nuc interval can be modeled with a power
law in charge-to-mass ratio, (X/O)SEP/(X/O)cor ∝ (Q/A)α . It is noteworthy that H and
He (and especially 3He) do not follow this pattern. The power law index α varies between
events (Reames, 1998), which may in many cases be caused by variations of the ions’ cut-
off energies.

Breneman-Stone fractionation can be used to determine the presence of material origi-
nating from solar flares. In impulsive events heavy ions are significantly enhanced relative
to coronal abundances, while in gradual events there are usually little or no enhance-
ments. Typically (Fe/O)imp/(Fe/O)cor ≈ 3−36 and α ≈ −3 in impulsive events, and
(Fe/O)grad/(Fe/O)cor ≈ 0.1− 4 in gradual events at 1− 10 MeV/nuc (Reames & Ng,
2004). However, the ionic charge states used in the modeling have not been usually di-
rectly measured. Instead, the Q/A ratios are taken from some other event such as an Luhn
et al. (1984), or are calculated using an equilibrium model such as Arnaud & Rothenflug
(1985) by using a suitable electron temperature (which, for example, agrees with solar
wind charge states) for the corona. Thus, the values of α should be taken with a grain of
salt.

When compared to photospheric abundances, the gradual and impulsive X/O ratios
of elements with a first ionization potential (FIP) above ∼ 10 eV are depleted by about a
factor of four. The degree of FIP depletion can vary by up to a factor of 2 between events
(Garrard & Stone, 1994; Mewaldt et al., 2002). In the slow and fast solar wind, the FIP
depletion factors are ∼ 2.4 and ∼ 1.8, correspondingly. Because of this discrepancy, it has
been suggested that most SEPs above 5 MeV/nuc are accelerated out of coronal material
other than that creating the average solar wind as observed at 1 AU (Mewaldt et al., 2001,
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Figure 3.3: Breneman-Stone fractionation pattern calculated for two SEP events (Figure
from Breneman & Stone, 1985).

and references therein).

An interesting discovery from abundance studies of IP shock events was that a pres-
ence of remnant energetic ions at energies above 0.1 MeV/nuc from previous events is
rather common in the IP space. The abundances of gradual SEPs are well correlated
with those of the remnant ions with a positive dependence on Q/A , i.e. heavier ions are
depleted with respect to the upstream values. On the other hand, the SEP abundances
were not well correlated with average fast or slow solar wind values, which suggests
that remnant ions are more important seed particles than solar wind suprathermals for IP
shock acceleration (Desai et al., 2003). Similar correlation with pre-event suprathermals
has also been found in a study of SEP abundances originating from coronal acceleration
alone (Desai et al., 2006).

In the large gradual events studied by Desai et al. (2006) the X/O ratios were found to
be significantly enhanced with respect to fast or slow solar wind, or IP gradual events in
general. Although the X/O ratios show considerable event-to-event variability that do not
seem to have any simple correlation with other parameters, such as CME speeds or flare
longitudes, there is a strong correlation between X/O and Fe/O. Also both IP and coronal
shock events seem to be enriched in Fe with relative to solar wind values (Desai et al.,
2003, 2006).

There is observational evindence that a presence of an enhanced and energy dependent
3He/4He ratio is also rather common for large gradual SEP events, from ∼ 2 ·10−3 at 0.5-
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Figure 3.4: Solar energetic particle, photospheric, and solar wind abundances from vari-
ous studies, normalized to O=1000. See text for explanation.

2 MeV/nuc (Mason et al., 1999) to ∼ 0.1− 1 at 15-30 MeV/nuc (Torsti et al., 2003).
These should be contrasted with the typical values for slow (4.08 · 10−4) and fast (3.3 ·
10−4) solar wind (Gloeckler & Geiss, 1998). The high energy abundances are of course
modulated by rigidity-dependent acceleration effects, which may easily cause variations
by a factor of a few, but the high values measured by Torsti et al. (2003) are likely to be
caused by other factors, such as unusual composition of seed particles.

Figure 3.4 shows the SEP abundances from various studies vs. photospheric (Anders
& Grevesse, 1989) and fast and slow solar wind abundances (Bochsler, 2007, and refer-
ences therein). The impulsive and gradual SEP abundances at 5-12 MeV/nuc are from
Reames (1995). Also shown are the IP (∼ 0.75 MeV/nuc) and coronal (∼ 0.38 MeV/nuc)
SEP abundances (Desai et al., 2003, 2006).

3.4 Charge States

Charge state distributions are very valuable for SEP acceleration theories and modeling,
especially at high energies where many interesting phenomena occur, such as the cut-
offs in energy spectra. Unfortunately, direct charge state measurements are limited to
energies below a few MeV/nuc due to technical limitations on the high voltages used for
electrostatic deflection in the instruments (Klecker et al., 2006). The available charge
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Figure 3.5: Average charge of Fe in 0.18-0.24 MeV/nuc energy range in roughly 40 im-
pulsive and 40 gradual events (Klecker et al., 2007).

state measurements mainly come from ULEZEQ (∼ 0.3− 3 MeV/nuc, 1978-1979) and
SEPICA (∼ 0.1−1 MeV/nuc, 1997-) instruments onboard ISEE-1/3 and ACE satellites,
respectively. For a few events the charge states have also been measured by utilising the
cut-off rigidity of Earth’s magnetosphere (∼ 0.3−70 MeV/nuc). Charge states have also
been estimated by some indirect methods, but these are not discussed here.

Early observations established that in impulsive events the charge states are consid-
erably elevated with respect to solar wind, and especially interesting is again the average
charge state of iron 〈QFe〉 ≈ 20 (Klecker et al., 1984; Luhn et al., 1987). These observa-
tions were interpreted as indications of high temperature (∼ 10 MK) source region, such
as a solar flare. In gradual events the charge states were found to be closer to coronal and
solar wind values, 〈QFe〉 ≈ 15 (Luhn et al., 1985). The large differences in 〈QFe〉 between
impulsive and gradual events is illustrated in Figure 3.5.

More recent observations have shown that the charge states are very dependent on
energy in impulsive and gradual events alike, especially those of Mg, Si, and Fe (Möbius
et al., 1999). Particulary 〈QFe〉 has been found to increase on average by 4.5 charge units
in the narrow 0.1-0.55 MeV/nuc energy range in impulsive events (Klecker et al., 2007,
and references therein). In gradual events 〈QFe〉 = 9− 11 at 6 0.2 MeV/nuc, which is
similar to fast and slow solar wind values (Ko et al., 1999). The only available higher
energy measurements come from a few events studied using SAMPEX, and show that
〈QFe〉 starts to increase in the 1-10 MeV/nuc energy range. Above 10 MeV/nuc 〈QFe〉 =
15− 20, values which are usually associated with impulsive events (Mason et al., 1995;
Leske et al., 1995; Oetliker et al., 1997; Mazur et al., 1999). The SAMPEX measurements
are summarized in Figure 3.6.
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Figure 3.6: Ionic charge states measured from gradual SEP events using instruments on-
board SAMPEX and ISEE-3 (Oetliker et al., 1997).

What can the charge states tell of the seed particles? If the solar wind is the source of
the accelerated ions, the observed charge distributions should correlate with the solar wind
charge distributions, especially 〈QFe〉 is rather sensitive to the electron distribution. The
solar wind is usually categorized as being slow (400 km/s) or fast (700 km/s), originating
from equatorial closed magnetic field regions and coronal holes, respectively. Sometimes
a third category, transient solar wind, is used. Transient solar wind means that the observer
is inside an IP CME, and during solar maximum this can occur for a considerable fraction
of time. All three solar wind types have somewhat different charge states.

The electron temperature in slow solar wind is generally higher than that in the fast
solar wind, but for both types QFe peaks around 9-10 and has a tail extending to higher
ionization degrees, with a few percent content of QFe ≥ 14 (Ko et al., 1999). It is unclear
if there is enough high charge state Fe present to explain the observed increases in 〈QFe〉.
Based on equilibrium models the charge states present in the corona are somewhat similar
to the ones present in slow and fast solar wind, as illustrated in Figure 3.7 (Mazzotta et al.,
1998).

In order to have significant amount of, for example QFe = 19, available in the seed
population, the source temperature would need to be ∼ 10 MK. If this was the case, then
there would be practically no QFe = 10 present (Figure 3.7). The observed charge state
distributions simply seem to be inconsistent with a single source temperature. Either
a compound seed population is needed, comprising of at least two populations having
different temperatures, or the charge states are somehow altered during the acceleration
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process (e.g., Kocharov et al., 2000; Klecker et al., 2006). However, in IP CMEs that have
a magnetic cloud structure the charge distributions can be considerably wider than in slow
or fast solar wind (Henke et al., 2001), and in this respect transient solar wind may be the
source of the high charge state population.

3.5 Ground Level Events

In some of the largest SEP events ions are accelerated into high enough energies that
they are able to penetrate through the Earth’s atmosphere and geomagnetic field at mid-
latitudes and collide with particles in the atmosphere. On the surface fluxes of secondary
particles created in these collisions can then rise high enough to be distinguished from
the background level set by galactic cosmic rays. GLEs have proven to be rare enough
to receive special attention from the scientific community, occurring at an average rate of
∼ 1 event per year (Cliver et al., 1982; Cliver, 2006), which should be constrasted with
the ∼ 20 events per year occurrence rate of large gradual events during solar maximum
(e.g., the event list in Cane et al., 2006).

GLEs are associated with well-connected western X-class flares and fastest CMEs
(average plane-of-sky speed 1880 km/s), relativistic electron beams and very energetic
ions (& 1 GeV/nuc), and full wavelength range of photon signals, making it difficult
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to distinguish whether it is the flares or shocks that are responsible for the acceleration
(e.g., Gopalswamy & et al., 2005). Recent observations of unusual charge states and
abundances in large gradual SEP events indicate that flares are in some way involved in
gradual events as well, raising the question of flare importance in GLEs. There are also
examples of GLEs associated with only modest C-class flares and < 1000 km/s CME
speeds, occurring in an enhanced 10 MeV proton background created by previous events
(Cliver, 2006) – such small flares and slow CMEs are not able to accelerate particles to
GLE energies in the majority of cases.

In GLE events the very first particles that are detected at a given energy channel are
focused along the magnetic field, indicating that they are essentially unscattered (Reames,
2009b). While SPR timing analysis is commonly applied to impulsive events, majority of
GLE events have not been analysed until recently. In earlier studies it was noticed that the
SPR times occur well after the peak times of the associated flares, which suggested that
GLE particles are accelerated at coronal shocks (Cliver et al., 1982). Recently Tylka et al.
(2003) compared the SPR times in two impulsive events and three GLEs, and noted that
in impulsive events the SPR times coincide with the peak in hard X-rays, while in GLEs
the SPR times occurred after type II radio bursts, which indicate that shocks were moving
through the corona at the time of acceleration. The finding that the particles are always
released after onsets of type II radio bursts in GLEs has been confirmed in more recent
studies (Gopalswamy & et al., 2005; Reames, 2009b,a).

Despite the strong implications towards shock acceleration, the question what are the
special conditions that must be met for shocks to be able to accelerate particles to GLE
energies remains. In Paper IV it was investigated what is the influence of the coronal
magnetic geometry for acceleration to nearly relativistic proton energies (Chapter 6).

3.6 Challenges to the Standard Picture

During the past two decades more detailed measurements of gradual SEP events have
brought up some puzzling features. It appears that at higher energies the gradual events
begin to show characteristics that are typically associated with impulsive events, such
as enhanced heavy ion abundances, enhanced 3He/4He ratio, and significantly elevated
charge states. These impulsive-like features are most apparent for Fe ions, and also form
the basis of the two-class paradigm of SEP events as well (Reames, 1988). It has been
questioned if it is even correct to classify events to impulsive and gradual ones according
to Fe/O, 〈QFe〉, and 3He/4He, since the values of these parameters are so dependent on
energy.

In a few events the Fe/O ratio has even been observed to increase with energy, a feature
which contradicts the prediction of DSA. A rigidity-dependent acceleration mechanism
should diminish the abundances of ions with smaller Q/A, and in majority of events this
behaviour has been observed for the Fe/O ratio. These unusual events are shown in Figure
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Figure 3.8: Fe/O abundance ratios for 23 IP shock events during 1997-2002. Five of
the events show unexpected energy dependence. These events are associated with an
enhanced 3He/4He ratio and quasi-perpendicular shocks at 1 AU (Tylka et al., 2005).

3.8 – in four out of five unusual events the Fe charge states are also elevated at 0.23-0.3
MeV/nuc, 〈QFe〉 = 15.5−17.7 (Tylka et al., 2005).

The ionic charge states have been observed to rise with energy in impulsive and grad-
ual events alike, but a satisfactory explanation for such behaviour has not been found. The
mean ionic charge states have usually been taken to be indicative of the source tempera-
ture, which may have been evaluated incorrectly. Additionally, different ion species often
show different source temperatures. A few mechanisms have been presented that could
explain the observed increases, which are discussed next.

Charge exchange processes with thermal protons and electrons. At least for impulsive
events the only mechanism able to explain the observed large increase of 〈QFe〉 below ∼ 1
MeV/nuc is impact ionization. Thermal protons colliding with energetic Fe ions that prop-
agate through a dense environment, such as the deep corona, may provide the required
ionization from coronal equilibrium charge states to the observed values (Kocharov et al.,
2000; Klecker et al., 2006). A similar process may also occur during coronal shock ac-
celeration in gradual events (Lytova & Kocharov, 2005). It is not clear if this mechanism
can explain the enhancements in Fe/O ratios. Ionization does not produce more Fe ions.
The charge-to-mass ratio of Fe approaches that of O due to impact ionization, but at very
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high energies Fe/O ratio would still diminish or remain constant.
A rigidity-dependent acceleration process. In gradual events the energy spectra are

often well fit with the Ellison-Ramaty model (2), where the cut-off energy depends on the
charge-to-mass ratio. Assuming a solar wind Fe charge distribution, small increases of
〈QFe〉 above the cut-off energies can be explained by DSA. However, this mechanism has
the same problem in explaining the Fe/O enhancements as the impact ionization.

A compound seed population, consisting of coronal and flare material. The seed
population for DSA may contain ions pre-accelerated by previous flares, or by the flare
accompanying the CME, which have elevated charge states typical to impulsive events
(Tylka et al., 2001). The preaccelerated ion population is presumably also enriched in
heavy ions. A quasi-perpendicular shock propagating through such compound seed pop-
ulation may then selectively accelerate flare ions to higher energies than coronal ions. If
both the coronal and flare components have energy spectra given by equation (2), the flare
component with higher charge states will dominate the spectra above the cut-off energy
of the coronal component, leading both to 〈QFe〉 and Fe/O rising with energy (Tylka et al.,
2005; Tylka & Lee, 2006). As discussed in Section 3.3, a presence of flare material ap-
pears to be rather common feature in gradual events. Energetic flare remnants may have
been observed (Feldman et al., 2010), but it is unclear if the amount of available remnant
flare material is sufficient (for more discussion, see Desai et al., 2006). This mechanism
is the topic of Papers II-III and discussed in more detail in Chapter 6.

The SEP events show a wide variety of event-to-event variability in time-intensity
profiles, energy spectra, abundances, and ionic charge states. Some details of SEP obser-
vations, such as the enhancements of Fe, are unexpected in the sense that it is not clear if
and how they can be explained in terms of shock acceleration. Before we discuss further
the possible reasons leading to the puzzling observational signatures, the theory of shock
acceleration is briefly reviewed in order to get an idea of variability between different ion
species that it can explain.



Chapter 4

Acceleration at Shocks

4.1 Modeling Shock Waves

Most shock models are based on ideal MHD solutions for discontinuities, which can be
found on most modern plasma physics textbooks. Before discussing the actual accelera-
tion mechanisms, it is useful to introduce various concepts related to shocks. For brevity
the shock models used in Papers I-IV are also introduced here.

There are many coordinate systems one needs to use when discussing shocks. The
most commonly used are:

• Upstream and downstream plasma rest frames.

• Shock rest frame, a coordinate frame locally co-moving with the shock front. There
is an infinite number of shock rest frames.

• Shock normal incidence frame (SNIF), a shock rest frame in which the upstream
flow is normal to the shock front.

• De Hoffmann-Teller (DHT) frame, a shock rest frame in which the upstream flow
is parallel to the upstream B. In DHT frame the convective E = −V×B vanishes.

A simple planar shock geometry in the SNIF is illustrated in Figure 4.1. When performing
analytical calculations the DHT frame is in many cases the simplest one to use since the
electric field vanishes. The DHT frame is moving at a velocity VdHT = −V1 tanψ1 ez

with respect to the SNIF, and it exists only for subluminal shocks which satisfy VdHT < c.
For superluminal shocks it is impossible to eliminate the electric field everywhere, but it
is possible to convert the shock exactly perpendicular ψ1 = 90◦ by transforming into a
frame moving with a velocity Vsl = −c2/(V1 tanψ1)ez.

By writing the ideal MHD equations in a conservative form under steady-state con-
ditions, it is possible to derive the so-called Rankine-Hugoniot relations that state how
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Figure 4.1: Planar shock geometry in the shock normal incidence frame.

plasma parameters jump over a discontinuity. These relations are simplest when written
in the DHT frame:
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=
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where the subscript 1 (2) refers to values measured in the upstream (downstream) region,
X is the gas compression ratio, VA1 = B1/

√
µ0ρm1 is the upstream Alfvén speed, γ the

polytropic index, and cs1 the speed of sound. The compression ratio is solved from

(
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]

+
1
2
V 2

A1V
2
1 X sin2ψ

[
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1 −X V 2

A1{(γ +1)−X (γ−1)}
]

= 0, (6)

where ψ1 = arctan(B1,t/B1,n) is the shock obliquity angle. Equations (1)-(5) describe
slow and fast mode shocks, as well as rotational discontinuities. Here we are interested
only in fast mode shocks which are supersonic with respect to upstream fast Alfvén speed,
are compressive X > 1, and have B2 > B1.
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Equations (1)-(5) and (6) are in practice very difficult to use in particle acceleration
simulations, as they require full knowledge of plasma parameters in the upstream reqion
as well as the downstream velocity profile, and the downstream B is difficult and time-
consuming to calculate. A common approximation is to consider the limit V1 ≫ VA1, in
which case the Rankine-Hugoniot relations become

V2,n

V1,n
=

ρm1

ρm2
=

1
X

, (7)

V2,t

V1,t
= 1, (8)

B2,n

B1,n
= 1, (9)

B2,t

B1,t
= X . (10)

Pressure and compression ratio need to be so solved from equations (5) and (6).
Further simplifications can be achieved by assuming that the upstream is at rest V1 =

Vshock, the downstream velocity V2 fulfills equations (7) and (8) at the shock front and is
known elsewhere, and that X = const. everywhere, so that the only equations needed are
(7)-(10). The time evolution of downstream magnetic field can then be solved analytically
for a general upstream field using the ideal MHD induction equation

∂B2

∂ t
= ∇× (V2×B2), (11)

where the diffusion effects have been neglegted. Equations (7)-(10) give the boundary
conditions immediately behind the shock front in the downstream region. For a planar
shock, the solution to (11) in the SNIF is

V2 = (Vshock/X)ex = const., (12)

t ′ = t− x/V2, (13)

B2(t,x,y,z) = B2(t
′,x → 0+,y,z), (14)

where the limit x → 0+ means that the value of B, after applying equations (9) and (10),
is evaluated at the shock front x = 0 at time t ′. Equations (12)-(14) describe the shock
model that has been used in Paper I to study scatter-free shock acceleration in an inho-
mogeneous magnetic field.

In spherical geometry, the corresponding solution in a frame centered at the shock
origin is given by
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V2 = (Vshock/X)eR, (15)

t ′ = t − [Rshock(t)−R]/V2, (16)

Rshock(t
′) = Rshock(t = 0)+Vshock t ′, (17)

B2R = B′
2R(R′, t ′)

[

Rshock(t
′)/R

]2
, (18)

B2θ = B′
2θ (R′, t ′)

[

Rshock(t
′)/R

]

, (19)

B2φ = B′
2φ (R′, t ′)

[

Rshock(t
′)/R

]

. (20)

At time t ′, the plasma parcel now at position R was immediately behind the shock
front at position R′ = Rshock(t

′)eR. Equations (15)-(20) describe the model that has been
used in Papers II - IV to study DSA in semirealistic coronal magnetic geometries.

For both shock solutions the induced electric field is calculated from

E = −Vplasma ×B, (21)

where Vplasma is the plasma velocity in the local coordinate frame.

4.2 Drift Acceleration

MHD shocks accelerate particles through three distinct mechanisms, which are shock
drift acceleration (SDA), diffusive shock acceleration (DSA), and shock surfing (Sagdeev,
1966; Lee et al., 1996). Shock surfing is important for low-energy pickup ions and is not
discussed here. SDA is based on particle drifts at the shock front where the magnetic field
bends and its magnitude increases. The intensity gradient acts as a magnetic mirror, and
particles hitting the shock are either reflected back towards the upstream at or transmitted
through to the downstream. The gradient and curvature drifts at the shock are parallel and
antiparallel to the convective electric field, and consequently either increase or decrease
the energy of a particle encountering the shock. A “shock encouter” is understood here
as the process where a particle hits the shock front, interacts with the shock for a few
gyroperiods, and is finally either reflected back towards the initial direction or transmitted
to the downstream region.

Particle motion is simplest to analyze in the DHT frame, in which energy remains
constant since E = 0. The particle velocity in the SNIF (unprimed) and DHT frames
(primed) are given by

v = v‖ +vgyro +VExB, (22)

v′ = v′‖ +vgyro, (23)
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where VExB = E×B/B2 is the electric drift velocity. It is possible to derive a gyrophase-
averaged energy change of a particle encountering a subluminal shock by assuming that
the magnetic moment µM is a constant. Upon transforming from the SNIF to the DHT
frame, by applying reflection or transmission at the shock, and finally transforming back
into the SNIF one obtains (Webb et al., 1983)

〈∆ε〉 = −VdHT p′∆(cosθ ′ sinψ ′), (24)

⇔ 〈∆ε〉
ε ′

= −2
VdHT

v′
∆(cosθ ′ sinψ ′), (25)

where 〈∆ε〉 is the average energy change, θ is the pitch angle, and p is the particle
momentum. The change ∆(cosθ ′ sinψ ′) depends on whether the particle is reflected
(cosθ →−cosθ ) or transmitted (sinθ → sinθ

√

B2/B1) through the shock. For superlu-
minal shocks the corresponding result is given by (Webb et al., 1983)

〈∆ε〉 = µM∆B+∆(
1
2

mV 2
ExB), (26)

where the last term on the right hand side is always negative.
For particles reflecting from subluminal shocks, the SDA keeps vgyro constant and in-

creases v‖, a result which is easily obtained by considering the transformation equations
(22)-(23). Thus, the acceleration tends to reduce efficiency of possible particle trapping.
For superluminal shocks reflection is not possible. Instead the parallel velocity is a con-
stant and vgyro is increased.

SDA is an important mechanism for low and high energy particles alike, although at
different shock obliquity angles. As can be seen from equation (25), the energy gain
depends on the ratio of particle and shock speed VdHT/v′. For quasi-parallel shocks
(ψ1 . 60◦) SDA becomes unimportant for high energy particles satisfying v ≫ Vshock,
but particles near the injection energies may still get considerable energy gains.

Strictly speaking the adiabatic approximation should not be valid here, as the shock
thickness Lshock is of the order of thermal protons’ gyro radii. Thus, an assumption that
|∇B| ≈ B/Lshock ≪ B/rgyro is not valid for energetic particles, which see the shock as a
sharp discontinuity. The validity of this approximation has been studied by many authors,
and it has turned out to give surprisingly good results (e.g., Decker, 1988, and references
therein).

The particle energy can be increased by a factor of ten at maximum during a single
shock encounter, but typically it is much less than that. Thus, very many encounters are
needed to produce 100 MeV/nuc ions from, say, 10 keV/nuc injection energies using SDA.
Additionally a mechanism that returns particles to the shock is needed. The most common
explanation is scattering from turbulence, created by the ambient plasma or alternatively
self-generated by the accelerating protons themselves (Section 4.3).
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Figure 4.2: Two basic types of inhomogeneities on upstream magnetic field: gradient in
field magnitude (upper panel, left) and curvature (lower panel, left) vs distance to a fast
mode shock (dashed line). The figures on the right show the changes in field magnitudes
(Paper I).

Sufficiently strong large-scale magnetic field inhomogeneities may also trap particles
to the vicinity of the shock, a possibility that was studied in Paper I. Figure 4.2 illustrates
the basic types of inhomogeneities that may be present in the solar corona and IP space.
Although a realistic environment is expected to contain both types of inhomogeneities
simultaneously, it is still useful to consider their effects on acceleration separately.

In presence of a converging magnetic field, there is a local minimum in the field mag-
nitude just upstream of the shock (Figure 4.2, top panels), and particles with v′‖ ≈ 0 are
trapped between the shock and the magnetic mirror in the upstream region. In the DHT
frame the gyro energy of trapped particles increases as a function of time since the mag-
nitude of B increases, ε ′gyro(t) = ε ′gyro(0) ·B(t)/B(0). Thus, the trapping in a converging
field heats the particles adiabatically. Estimating that field magnitude at the base and
above an active region in the corona is 0.1 T and 0.001 T respectively, this mechanism
can be expected to increase particle energies by a factor of ∼ 100. However, as noted in
Paper I, this mechanism does not produce any universal form of energy spectrum.

A population of trapped particles, dubbed as de Hoffmann-Teller resonant (HT-resonant)
population in Paper I, may also exists at shocks propagating through curved magnetic
fields. In this case particles with v′‖ ≈ 0 are returned back to the shock by a field curving
away from the shock normal direction (bottom panels of Figure 4.2). Suitable geome-
tries may be found for example near helmet streamers and active regions in the solar
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corona. In the SNIF the HT-resonant particles move along upstream magnetic field at
the projected shock speed v‖ ≈Vshock/cosψ1, which is the transformation speed between
the upstream rest frame and the local DHT frame – hence the name HT-resonance for
the trapped population. If the shock eventually turns perpendicular (ψ1 → 90◦), the HT-
resonant particles may obtain very large parallel velocities. In Paper I it was found out
that the HT-resonance may increase particles’ energies by a factor of ∼ 100, and that the
resulting energy spectra for monoenergetic injection are power laws dN/dε ∝ ε−γ with
spectral indices 2 . γ . 3.

As discussed above, efficient shock acceleration requires that particles are able to en-
counter the shock many times. However, unless the particles have high enough initial
velocities reflection from the shock is not possible. Instead the particles are in the loss
cone and thus transmitted to the downstream, receiving only modest energy gains. From
geometrical considerations it is easy to see that the required threshold velocity for a parti-
cle to move towards the upstream is v > vthr = Vshock/cosψ1 (see Figure 4.1). The corre-
sponding threshold energy may be considerably higher than the expected thermal energy
of the upstream plasma. This condition is especially troublesome for quasi-perpendicular
shocks which generally yield the highest particle acceleration rates, and which conse-
quently are often thought of as a requirement for acceleration to ∼ 100 MeV/nuc energy
and above. For a typical fast CME speed of Vshock = 1000 km/s and taking ψ1 = 85◦, the
threshold energy is ∼ 1.5 MeV/nuc, while the thermal energy even at a solar flare temper-
ature of 10 MK is ∼ 1.3 keV/nuc. This “injection problem” still remains an unanswered
question.

A more precise injection threshold was derived in Paper III which takes into account
the exact condition for reflection during the first shock encounter. Components of particle
velocity in a local DHT frame are

v′‖ = v cosθ +V ∗, (27)

v′gyro = v sinθ , (28)

where V ∗ = Vshock/cosψ1 is the transformation speed between the upstream rest frame
and the DHT frame. The unprimed values in equations (27)-(28) are now measured in the
upstream rest frame. For a given shock obliquity ψ1, the particle pitch cosθ ′ = v′‖/v′ has

a certain minimum value, which can be solved from d(cosθ ′)/dψ1 = 0 as

cosθ ′
min =

√

1− (v/V ∗)2. (29)

The first particles are able to reflect when they exit the loss cone, which can be evaluated
from

cosθ ′
min 6 cosθlc =

√

1−B1/B2. (30)

Equations (29) and (30) can be combined to yield a threshold speed
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Figure 4.3: Injection threshold energy for a 1000 km/s shock using several gas compres-
sion ratios X , calculated from drift theory (solid lines) vs. estimated threshold energies
from Monte-Carlo simulations (symbols, data from Paper III).

vthr = V ∗
(

B1

B2

)1/2

=
Vshock

cosψ1

(

1+ tan2ψ1

1+X2 tan2ψ1

)1/4

, (31)

where in the last form on the right hand side the magnetic compression at the shock
B1/B2 has been expressed using the jump conditions (9) and (10). The threshold speed
is somewhat smaller than the often assumed value Vshock/cosψ1. Our simulations are in
excellent agreement with equation (31), as illustrated in Figure 4.3.

4.3 Diffusive Shock Acceleration

Efficient shock acceleration requires that the particles are able to encounter the shock
many times, since the energy gains during one encounter are rather modest. Repeated
shock encounters may be provided by particle trapping to the vicinity of the shock due
to inhomogeneities in the ambient magnetic field, as discussed in Section 4.2. However,
suitable inhomogeneities are not always present. If particles scatter from irregularities of
the magnetic field in the upstream and downstream regions, the scattering forces particles
to criss-cross the shock front repeatedly, gaining energy through SDA during each pass.
Because the plasmas in the upstream and downstream regions flow at different speeds,
the scattering process itself will also accelerate. The theory that incorporates this idea is
called diffusive shock acceleration (DSA), and is the most accepted explanation for grad-
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ual SEP events (Axford et al., 1977; Bell, 1978; Blandford & Ostriker, 1978; Krymskii,
1977).

The magnetic irregularities responsible for the scattering are usually thought to con-
sist of plasma waves which should be abundant in the turbulent downstream region. In the
upstream region the waves are usually taken to be either a pre-existing background cre-
ated by the ambient plasma, or self-generated mainly by the accelerating protons. The key
processes of DSA are scattering from waves, creation and amplification of waves by en-
ergetic particles, and finally the acceleration of particles. A self-consistent model would
take all these processes into account (e.g., Ng & Reames, 2008), but often in practical
applications numerous approximations are required to produce tractable results. Conse-
quently there are a myriad of various theoretical and numerical models available (e.g., Ng
et al., 2003; Rice et al., 2003; Lee, 2005; Vainio & Laitinen, 2008), each applicable in
different situations depending on the approximations made. Below some predictions of
DSA models are discussed, beginning with the text book example of downstream energy
spectra.

Particle transport under scattering conditions sufficiently strong to keep the distribu-
tion function f (r,v, t) isotropic is described by Parker’s equation (Parker, 1965), also
known as the diffusion-convection equation,

∂ f

∂ t
+V ·∇ f =

1
3

p(∇ ·V)
∂ f

∂ p
+∇ · (κ ·∇ f )+

1
p2

∂

∂ p

(

p2Dpp
∂ f

∂ p

)

. (32)

Here κ is the spatial diffusion tensor, V the plasma bulk velocity, p momentum, and Dpp a
diffusion coefficient in the momentum space describing energy exchange between waves
and particles. For energetic particles satisfying v ≫ VA the scatterings are elastic in the
plasma rest frame and Dpp ≈ 0. Because the upstream and downstream plasma move
at different speeds, particles making one back and forth trip between the upstream and
downstream regions experience an average momentum gain of 〈∆p〉 = 2

3

(

p
v

)

(V1−V2) in
the SNIF (Jones & Ellison, 1991). From this it can be seen that faster (V1 larger) and
stronger (V2 ≈V1/X ) shocks accelerate particles faster.

It is possible to obtain a steady-state solution for the far downstream distribution f2(p)
using equation (32) in the simple planar shock geometry as (Jones & Ellison, 1991)

f2(p) =

(

3X

X −1

)

p−σ

ˆ p

p0

dp′p′σ−1 f1(p′)+Bp−σ (33)

=
N

p0

3X

X −1

(

p

p0

)−σ

. (34)

Here f1(p) is the far upstream spectrum that is convecting to the shock, and σ = (X +
2)/(X −1) is the spectral index that only depends on the gas compression ratio X . If the
dependence of κ on the wave power spectrum is taken into account (discussed below),
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σ turns out to depend on the scattering center compression ratio which may be consid-
erably larger than the gas compression ratio (Campeanu & Schlickeiser, 1992; Vainio &
Schlickeiser, 1999). Equation (34) is the resulting downstream energy spectrum for a mo-
noenergetic upstream injection f1(p) = Nδ (p− p0) and shows that DSA tends to produce
a power law energy spectrum, in qualitative agreement with the observations (Chapter 3).
Interestingly the steady-state solution (33) does not even depend on the details of the scat-
tering process or shock obliquity angle. It also exemplifies one reason why it is difficult
to determine the properties of the seed particles from observations. Because the scattering
process destroys information (diffusion is an irreversible process), after sufficiently long
time all spectra tend to look alike despite different initial conditions.

In reality the energy spectra are often cut-off at high energies (Chapter 3). There
can be many reasons behind the cut-offs, such as finite time available for acceleration
(e.g., Giacalone, 2005), finite spatial extent of turbulent magnetic field in the upstream
region (e.g., Vainio & Laitinen, 2008), focusing due to intensity gradients in the ambient
magnetic field helping particles to escape from the shock, shock parameters evolving in
time etc. In theoretical models cut-offs arise when there is a way for the particles to escape
from the acceleration region, or when the time available for acceleration is limited.

For example, in the Earth’s bow shock theory by Lee (1982) particles may escape the
shock via diffusing perpendicular to the magnetic field to a predetermined free-escape
boundary (modeling the outer edges of the bow shock), which leads to a cut-off exponen-
tial in energy per charge ε/q. Eichler (1981) was the first to note that the cut-off in this
case is actually proportional to the product of parallel and perpendicular diffusion coeffi-
cients κ‖κ⊥ (see below). Note that since ε/q ∝ A/Q, this cut-off is of the same form as
in the Ellison-Ramaty model (2). If the convection of solar wind is included, the cut-off
turns out to be proportional to (ε/q)2 (Jones & Ellison, 1991). Whenever free escape
boundaries are present, the effects of exact shock and scattering parameters become im-
portant, and consequently numerical simulations are often needed to produce results that
can be compared to observations.

If free escape boundaries are present or there are limitations on the acceleration time,
quasi-perpendicular shocks are bound to accelerate particles to higher energies than quasi-
parallel ones. This is because the particle drifts at the shock front (Section 4.2) contribute
to the momentum gain during each back and forth trip. The shock obliquity angle is
hidden in the spatial diffusion coefficient to the shock normal direction

κxx = κ‖ cos2ψ +κ⊥ sin2ψ. (35)

It not very well known how to calculate κ⊥, because in large amplitude turbulence field
line meandering is an important process and difficult to evaluate. Often one uses a result
from theory describing ordinary collisions, κ⊥/κ‖ = 1/(1+ [λ‖/rgyro]

2). In this model
κ‖ ≫ κ⊥ and κ‖κ⊥ ∼ κ2

B, where the Bohm diffusion coefficient κB is the smallest possi-
ble diffusion coefficient in this model (Drury, 1983). It corresponds to a totally random



4.3. DIFFUSIVE SHOCK ACCELERATION 41

magnetic field on the length scale of ion gyroradius. The time required for acceleration
from momentum p0 to p1 can be evaluated from

tacc =
3

V1 −V2

ˆ p1

po

(

κ1

V1
+

κ2

V2

)

dp

p
, (36)

where κ1(2) = |κxx| in the upstream (downstream) region. Estimates based on equation
(36) show that the acceleration rate at quasi-perpendicular shock (ψ1 > 60◦) can easily be
10-100 times higher than at parallel shock (Jokipii, 1987). From this one can conclude
that if the time available for acceleration is limited, the cut-off energies εcut for quasi-
perpendicular shocks may one to two orders of magnitude larger than for quasi-parallel
ones.

Stronger scattering (smaller κxx) is often assumed to lead to faster acceleration, but
too strong scattering can actually inhibit DSA. The reason for that is that the accelerating
particles must be able to move away from the shock in the upstream region, which requires
that the diffusion speed κxx f−1(∂ f/∂x) &Vshock. The gradient length scale cannot be less
than particle gyroradius, which leads to the requirement κxx > Vshock rgyro (Jokipii, 1987).
If the scattering rate is too large, the particles will be convected with the flow through the
shock deep into the downstream region.

The statistical properties of scattering from plasma waves is described by the quasi-
linear theory (QLT). It is convenient here to adopt spherical coordinates (p,µ,ϕ) for
the momentum space, where tanϕ = py/px is the phase angle of the gyromotion and
µ = pz/p is the pitch angle cosine. The Vlasov equation describes the time evolution
of the distribution function f in a turbulent magnetic field B(r, t) = 〈B(r, t)〉+ δB(r, t).
Note that f does not need to be isotropic here. From the Vlasov equation it is possible
to derive, by assuming that the fluctuations are small, a quasilinear equation describing
the time evolution of ensemble average of the distribution function 〈 f (ξ , t)〉 = F(ξ , t)
(Jokipii, 1966; Urch, 1977)

∂F

∂ t
+ vµ

∂F

∂Z
+

1−µ2

2L
v
∂F

∂µ
−Ω

∂F

∂ϕ
=

1
p2

∂

∂ξσ

(

p2Dσν
∂F

∂ξν

)

, (37)

where Ω = qm/〈B〉, L−1 = −∂ ln〈B〉−1/∂Z is the focusing length of the intensity gradi-
ents, Z the coordinate along 〈B〉, ξ = (X ,Y,Z, p,µ,ϕ) is the phase-space coordinate vec-
tor, g = dξ/dt due to fluctuating fields, the diffusion coefficients Dσν =

´ ∞
0 〈ḡσ (0)ḡν(t

′)〉dt ′

and the over-bars denote that the integral is to be evaluated along unperturbed particle or-
bits, i.e. along the guiding field 〈B〉. The diffusion coefficients in equation (37)

Dσν =
1
2
〈∆ξσ∆ξν〉

∆t
(38)

are often referred to as Fokker-Planck coefficients because the kinetic equation can be
cast to the standard form of the Fokker-Planck equation.
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Calculation of the Fokker-Planck coefficients in general turbulence is a very challeng-
ing task, and usually many simplifying assumptions are made. Assuming that the waves
are parallel propagating Alfvén waves (so-called slab mode turbulence), the Fokker-
Planck coefficients in the plasma rest frame are (e.g., Schlickeiser, 2002)

Dµµ = πΩ
1−µ2

B2
0

∑
s=±

(

1− µVs

v

)2

|ks|P(ks), (39)

Dµ p = πΩ
1−µ2

B2
0

∑
s=±

Vsp

v

(

1− µVs

v

)

|ks|P(ks), (40)

Dpp = πΩ
1−µ2

B2
0

∑
s=±

(

Vsp

v

)2

|ks|P(ks), (41)

where Vs = ±VA is the Alfvén speed for parallel / antiparallel propagating waves, ks =
−Ω/(vµ −Vs) is the resonant wave number, and P(ks) the power spectrum of the fluctu-
ations. From equations (39)-(41) it can be seen that the dominating process for energetic
particles v ≫ Vs is pitch angle diffusion. The parallel mean free path λ‖ and diffusion
coefficient κ‖ are connected to the Dµµ through (Schlickeiser, 2002)

λ‖ =
3v

8

ˆ 1

−1
dµ

1−µ2

ν
, (42)

ν =
2Dµµ

1−µ2 , (43)

κ‖ =
1
3
λ‖v =

v2

8

ˆ 1

−1
dµ

(1−µ2)2

Dµµ
, (44)

where ν is the mean scattering frequency.
In the discussion above the energy exchange between waves and particles in the

scattering process has been neglegted. Self-consistent models take the propagation and
growth of waves into account. A simple model for the evolution of the Alfvén wave power
spectrum is (Skilling, 1975a,b,c)

∂P

∂ t
+(V+VA) ·∇P = ΓP, (45)

i.e. the power spectrum convects with the local Alfvén velocity. Here Γ is the wave
growth rate, which may be calculated by noting that in the rest frame of Alfvén waves
the scattering is an elastic process. In the plasma rest frame a particle experiencing a
change in pitch ∆µ changes its energy by the amount of ∆ε = VAp∆µ . Conservation of
total energy then demands that the wave energy changes by ∆εw = −∆ε . Summing up
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the contributions from all particles gives the rate of change of wave energy density Uw as
(Vainio, 2003)

dUw

dt
= −
ˆ

d3pVAp
〈∆µ〉
∆t

f (r,p, t). (46)

Connection to the Fokker-Planck coefficients and the wave power spectrum is then estab-
lished through the relations

〈∆µ〉
∆t

=
∂

∂µ
Dµµ , (47)

Uw =

ˆ

dk
P(k)

2µ0
. (48)

Equations (46),(47), and (48) can be combined to give (Lee, 1982; Vainio, 2003)

Γ =
1
P

∂P

∂ t
=

π

2
Ω

nVA

ˆ

d3p v(1−µ2)|k|δ (k + kres)
∂ f

∂µ
, (49)

where kres = Ω/(vµ) is the resonant wavenumber. The physical content of equation (49)
is that a finite number of accelerated particles have to stream across a point in space and
scatter with pre-existing waves (∝ ∂ f/∂µ) before significant self-amplification of waves
can be expected to occur.

The momentum spectrum of injected particles required on the solar surface for appre-
ciable wave growth to occur at a distance r has been estimated by Vainio (2003) as

d2N

dp dΩ⊙
≈ 1033

p

√

n☼

2 ·108 cm−3

VA⊙
VA(r)

. (50)

The required injection spectrum is inversely proportional to momentum, and is a non-
negligibe fraction of total number of accelerating particles at energies & 10 MeV/nuc.

The effectivity of the two well-known mechanisms accelerating particles at shocks
(DSA and SDA) greatly depend on the local shock obliquity angle. The shock geometry
can change considerably over time, as a CME propagates from the solar corona to 1 AU
and beyond, and in the corona the changes can be rather rapid. The coronal magnetic field
can also be complicated, especially near active regions. Thus, numerical simulations are
often needed to include all the geometrical and time-dependent effects relevant for shock
acceleration. In the next section we discuss the numerical implementation of DSA used
by the author.
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Chapter 5

SHOPAR Simulation Code

SHOPAR is a test-particle simulation of DSA in a predescribed ambient magnetic field
and plasma turbulence. It has been developed by the author, and it was used to produce
the results presented in Papers I-IV. The novel feature of this numerical model is that it
can be used to study DSA in complicated magnetic geometries. Below the main features
of the simulation are summarized.

5.1 Shock Model and Electromagnetic Field

The shock is either taken to be planar or spherical, and the Rankine-Hugoniot jump con-
ditions (7)-(10) are used to calculate B immediately behind the shock front in the down-
stream region. The downstream plasma flow is either normal to the shock front (planar
geometry), or radially expanding from the center of the explosion (spherical geometry).
In both cases the induction equation (11) can be solved analytically for downstream B,
giving solutions (12)-(14) for planar and (15)-(20) for spherical geometry. In both cases
the electric field is calculated using equation (21).

5.2 Particle Moving

Near the shock front in the upstream region and everywhere in the downstream region
the particles are propagated using the Lorentz force. Trajectories are iterated using a so-
called Boris-Buneman leapfrog (BBL) algorhitm, which is an implicit scheme accurate to
the second order in the time step ∆t (Hockney & Eastwood, 1988; Birdsall & Langdon,
1991). The BBL algorithm has excellent energy conservation properties, but as is typical
to leapfrog schemes, the time step cannot be dynamically adjusted. Because of this short-
coming we use a very conservative value for the time step, calculated from a “worst-case”
scenario ∆t < 2/Ωmax, where Ωmax is the gyrofrequency corresponding to an estimated
highest B the particles can encounter.
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We have also found that it is necessary, especially for nearly perpendicular shocks,
to use an even smaller time step near the shock front. When the particles are within
a distance d ≤ d∆t,small to the shock, we reduce the time step by a factor of ∼ 10, and
change back to the original time step when d ≥ d∆t,large = d∆t,small + 2rgyro. Although
this will break the strict energy conservation of the BBL algorithm the error introduced
is small, and the results for SDA are in excellent agreement with the analytical results
calculated by Webb et al. (1983).

Typically the worst-case time step is ∆t ∝ 10−6 s, and as the time spent in simulation
per particle is of the order of 102 s, the computational requirements are rather severe. In
order to reduce the overall computation time we resort to further approximations when
the particles are far away from the shock in the upstream region. When d > dGC, where
dGC is a parameter of the simulation, we calculate the trajectories using guiding center
(GC) approximation. The GC has an equation of motion

d

dt
Vgc =

q

m
(E+Vgc ×B)− µM

m
∇B, (1)

which includes all drift effects. Equation (1) can be iterated using the same BBL algorithm
but with a much larger ∆t than when using the Lorentz force. The equation of motion (1)
may contain residual rotation of the GC itself because of the Vgc ×B -term, and if the
rotation grows due to numerical inaccuracies the parallel speed of the GC is reduced
unphysically. Total energy is still conserved. We use (1) in Papers II-III only in the
upstream region where E = 0 and the magnetic field lines are often rather straight. We
have found that the residual rotation remains small under such conditions.

In Paper IV we employ another approximation. Far away from the shock and when
r ≥ 1.6R⊙, we approximate the upstream magnetic field as radially expanding, B(r) ≈
B0(r0/r)2er. The GC equations of motion are now (Vainio, 1998)

ṙ = µv, (2)

µ̇ =
1−µ2

2L
v, (3)

where B/L = −∂B/∂ r. For a radial B the equations of motion (2) and (3) can be solved
analytically as (Vainio, 1998)

r(t) =
√

r2
0 +2r0µ0v(t − t0)+ v2(t− t0)2, (4)

µ(t) =
v(t − t0)+ r0µ0

r
, (5)

where r0 and µ0 are the initial position and pitch at time t0, correspondingly. The solution
given by equations (4) and (5) has the advantage that particle propagation as such does not
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require a time step. In practice the trajectory needs to be calculated in intermediate steps,
because we must occasionally check for certain special conditions, such as if the particle
is too close to the shock front in which case we would switch back to BBL propagator, if
the particle is outside the simulation box, and so forth. Scattering also requires one to use
a time step, which can be chosen to have a value much larger than when using the BBL
iterator.

5.3 Scattering Model

Particle scattering in the BBL propagator is modeled by calculating the time of next scat-
tering tscatter for each particle, which is calculated in such a manner that it is consistent
with the mean scattering rate (43) obtained from the QLT. Particle trajectory is iterated
until time t = tscatter is reached, at which time the particle’s pitch µ = cosθ is randomized.
After each scattering a new tscatter is calculated, and this process is repeated for as long as
the particle remains in the simulation.

We take the wave power spectrum to be a power law with a spectral index q,

P(k) = P0|k0/k|q. (6)

The resonant wave number kres = |Ω|/(vµ) ≈ |Ω|/v, where the dependence on µ has
been neglected. Typically we use values 1 ≤ q ≤ 2 for the wave power spectrum. One
should note that the value q = 5/3 corresponds to the famous Kolmogorov spectrum. The
mean scattering time τ is given by QLT, and in a form convenient to be implemented
numerically it is

τ =
1−µ2

2Dµµ
= τq

1
|Ω||

Ω

v
|q−1, (7)

τq = τ1

(

1
k0

)q−1

, (8)

τ1 =
B2

0

2πP0k0
= const. (9)

The pitch angle diffusion coefficient Dµµ in (7) is given by equation (39).
The parallel mean free path (42) corresponding to the scattering model (7)-(9) is

λ‖,q = vτ = τq|
Ω

v
|q−1rgyro,max ∝

1
γq−1 rgyro,max, (10)

where rgyro,max = v/|Ω| is the maximum value for gyroradius. For q > 1 the mean free
path becomes shorter than rgyro,max at high enough energies, i.e. the parallel diffusion
coefficient κ‖ falls below the Bohm limit (Section 4.3). The energy where this happens
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depends on the value of k0 in (6). In order to prevent this we modify the mean free path
as

λ ′
‖,q = λ‖,q e−kcrit/kres +Crgyro,max(1− e−kcrit/kres), (11)

where C = const., and kcrit = k0(C/τ1)
1/(q−1) is a critical wave number solved from a

requirement that λ‖,q(kres = kcrit) = Crgyro,max. The corresponding modified mean scat-
tering time is

τ ′ =
τq

|Ω| |
Ω

v
|q−1 e−kcrit/kres +

C

|Ω|(1− e−kcrit/kres). (12)

Thus, a spectral index q > 1 is effectively hardened to q = 1 when kres ≪ kcrit. Finally,
the time of next scattering is calculated as

tscatter = tnow + τ ′ · x, (13)

where x is an exponentially distributed random number with unit mean.
In Paper IV we use the approximate solution given by equations (4) and (5) for the

particle trajectory whenever the particle is far away from the shock and r ≥ 1.6R⊙, as
explained above. When using equations (4) and (5) we use a scattering propability method
described in Vainio (1998). The probability of particle scattering during time ∆t is

Pscatter =

ˆ t+∆t

t

dt

τ ′
, (14)

where the integral is to be evaluated along the particle orbit in the upstream rest frame.
The integral may be approximated by first propagating the particle from [r(t),µ(t)] to
[r(t +∆t),µ(t +∆t)], and then taking the value at the mid point 〈r〉= 0.5 [r(t)+ r(t +∆t)],

Pscatter ≈
∆t

τ ′(r = 〈r〉) . (15)

After each time step a random number x is generated, and if x ≤ Pscatter the particle’s pitch
µ is randomized.

5.4 Particle Splitting

A final feature of our numerical model is particle splitting, a technique which is often used
to improve statistics in Monte-Carlo simulations. Each injected particle is given a statis-
tical weight of unity. If the particle gets accelerated and its energy exceeds a predefined
threshold, the particle is split into n new particles with the same position and velocity as
the original particle, but with reduced statistical weights 1/n. The trajectories of the new,
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splitted particles will then deviate from each other in time scale ∝ τ ′ due to random scat-
terings. This process is then repeated recursively until all particles splitted from the same
initially injected particle have been calculated. Typically we split the particles into three
new particles when the energy has increased by a factor of two compared to the energy at
the previous split.

The advantage of particle splitting is that it can considerably reduce numerical noise at
the highest energies. The reason for this is that the number of particles that receive energy
gains of a factor of 104 or more is very much smaller than the number of injected particles,
and consequently without splitting the high energy statistics would be determined only by
a few simulation particles. However, the results of course also depend on the properties
of injection ions, and as the total number of calculated particles cannot be increased in-
definitely, a balance has to be found between splitting and injecting new particles. There
are also often “hot spots” in the injection (r,v) phase-space in which particles are more
likely to get significant acceleration, and for good quality results these should be captured
as well as possible, emphasizing the importance of injecting enough particles. Such “hot
spots” are illustrated in Figures 11 & 12 of Paper I.
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Chapter 6

Results of Monte Carlo Simulations

Some large gradual SEP events have been observed to show unusual compositional and
spectral characteristics at high energies, as discussed in Chapter 3. These events are
here referred to as “hybrid events”. Such characteristics include enhanced 3He/4He ratio,
elevated heavy ion charge states, and heavy ion abundance ratios increasing with energy.
These features are unusual for shock-associated events in the sense that they are very
typical to impulsive events. Of all ion species Fe is possibly the most important, as it
shows large event-to-event variations and is an abundant enough to be measured with
good statistics.

Two explanations have been given for the unusual characteristics. According to the
first one (hereafter the “flare model”) the ions producing the unexpected enhancements
were accelerated in a flare that occurred during the time period when a shock was prop-
agating through the solar corona. The observations are explained by an impulsive event
that is just superposed on top of a gradual event (Cane et al., 2003, 2006). The flare can
be the one accompanying the CME responsible for the gradual event, or a completely un-
related one that just happened to go off at the same time. In this explanation interaction
between flares and shocks is assumed to be unimportant.

There are one or two well-observed eastern hybrid events that have been reported.
Flares in these longitudes are badly connected and should not produce SEP events. How-
ever, SPR analyses in GLEs have shown that the path lengths are somewhere between
one to three AUs, i.e. much larger than the nominal Parker spiral length 1.2 AU (Reames,
2009b,a). The large path lengths are presumably due to previous CMEs that have severely
distorted the IP space, and thus the Earth’s magnetic connection may be to the eastern lon-
gitudes. Scattering during IP transport can also increase the path lengths by up to ∼ 1 AU
(Lintunen & Vainio, 2004). An additional challenge is to explain how the flare ions were
able to penetrate through the turbulent downstream region of the CME associated with
the events in question. However, high-energy protons accelerated by a trailing CME have
been observed to be able to penetrate the leading CME (Al-Sawad et al., 2009).

The second explanation (hereafter the “shock model”) proposes that there are remnant
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Figure 6.1: A CME observed by the twin STEREO spacecrafts in 13.2.2009. The top pan-
els show visible light images from COR1 coronagraph (color) overlayed on top of EUVI
running difference images (grayscale). The top panel shows STEREO-A observations,
while the bottom panels are for STEREO-B (Patsourakos & Vourlidas, 2009).

energetic ions present in the corona and IP space. These remnant ions originate from
flaring activity preceding the CME onset, or alternatively are a population preaccelerated
at the accompanying flare. In either case the remnant ions have properties typical to
the ions observed in impulsive events. A shock propagating through the corona and solar
wind picks up ions from this compound seed population, and in regions where the shock is
quasi-perpendicular the flare ions are selectively accelerated to higher energies than ions
from the plasma making up the bulk population, dominating the statistics at the highest
energies (Tylka et al., 2005; Tylka & Lee, 2006). The selective acceleration is based on the
idea that flare ions would have higher initial energies than coronal ions, and thus it would
be easier for them to overcome the higher injection threshold of a quasi-perpendicular
shock. The viability of the “shock model” was investigated in Papers II & III.

What evidence is there of CME expansion in the corona? First indications of coro-
nal shocks come from Moreton waves, which typically propagate at magnetosonic Mach
numbers ∼ 1.4−4. The Moreton waves are closely associated with flare impulsive phases
and acceleration phases of CMEs. Temmer et al. (2009) considered possible drivers of
the Moreton waves and found that they are likely to be piston-driven, i.e. due to rapid
expansion of the source. CME kinematics in the low corona is not very well understood,
because until recently it has not been possible to obtain high cadence images below a few
solar radii. Recently the twin STEREO spacecrafts at ∼ 90◦ angular separation observed
a CME emanating from r . 1.3R⊙ (Figure 6.1). Although this particular CME was not
fast enough to produce a SEP event (∼ 350 km/s with a GOES B-class flare), lateral ex-
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Figure 6.2: Illustration of the shock geometry used in Papers II & III. Ions were injected
on the field line drawn with dashed line. The spherical shock expands about the point
x = 1.3R⊙.

pansion is evident (Patsourakos & Vourlidas, 2009). The lateral expansion is also the
likely mechanism through which CMEs connect to the observer’s field line in the corona
in cases where the CMEs are not initially well connected.

6.1 Evolving Coronal Shock Geometries

When modeling the solar corona we assume that the large scale magnetic field is radial
within the considered acceleration region. In order to get time evolution for the shock
obliquity angle we take the shock to be spherically expanding with its origin somewhere
in the corona (Figure 6.2). Consequently, in our model the shock speed can be thought
to correspond to the lateral expansion speed of the CME. We then consider acceleration
on a chosen field line for which the initial obliquity angle is 90◦, which will then rapidly
decrease as the shock expands. The shocks were chosen to have gas compression ratios
X ∈ [2,3,4] and speed Vshock = 1000 km/s. Note that for piston-driven shocks the shock
speed is larger than the expansion speed of the driver, and the driver may also be subsonic
(e.g., review by Vrs̆nak & Cliver, 2008).

The aim in Papers II & III was to consider possible differences between acceleration
of coronal and flare ions. The properties of these ion populations were taken to roughly
correspond to those measured in gradual and impulsive events. The main differences
between the populations are in the charge distributions and possibly in injection ener-
gies (Chapter 3). The suprathermal coronal population was modeled with charge states
Qo,cor ∈ [5,6,7] and QFe,cor ∈ [9,10,11], and for the flare population values Qo,flr ∈ [7,8]
and QFe,flr ∈ [19,20,21] were selected. We used a power-law injection energy distribution
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for both populations N(ε) ∝ (ε/ε0)
σ , with values σcor = −2 and σflr = −1.5. The value

of σcor is close to those that have been measured from quiet-time suprathermal tails in
the solar wind (Fisk & Gloeckler, 2006). The chosen injection energy ranges were 2-200
keV/nuc for the coronal ions and 0.1-1 MeV/nuc for the flare ions. Both populations were
injected with a density profile n ∝ r−2.

In order to compare the simulation results to the observations, it is necessary to nor-
malize abundances of each ion species in the same manner that is commonly used in actual
measurements. Our choice of normalization strategy roughly corresponds to the one used
in Reames (1995), i.e. the abundances of species X are normalized vs. O. A coronal pop-
ulation is created by normalizing integrated fluences to unity over a finite energy interval
of 106.35 −106.8 eV/nuc

(X/O)cor ≡
´

f (ε)X,cordε
´

f (ε)O,cordε
= 1. (1)

The abundance ratios of the flare population should show Breneman-Stone fractiona-
tion (Chapter 3). This can be produced by using the following normalization

(X/O)flr ≡
´

f (ε)X,flrdε
´

f (ε)O,flrdε
=

[

(Q/A)X,flr

(Q/A)O,flr

]δ

. (2)

Here the value of δ is chosen so that (Fe/O)flr = 8, and ions having a larger Q/A than Fe
are enhanced less. Finally, we take the flare ion content to be represented by the ratio of
O abundances

Nflr ≡
´

f (ε)O,flrdε
´

f (ε)O,cordε
, (3)

which essentially is a free parameter. Assuming that the coronal population is the more
numerous, Nflr < 1.

The values quoted above can be modified to some extent without rerunning the sim-
ulations. We store the full initial and final state of each simulated ion, and thus it is
possible to calculate a new statistical weight for each ion based on conditions that depend
on the initial and final state. As an example, we could limit the coronal injection ener-
gies to below 100 keV/nuc by giving a statistical weight of zero to ions with εinitial > 100
keV/nuc, i.e. reject those ions completely. In Papers II & III we presented results for
σcor ∈ [−4,−3,−2]. The spectra for σcor ∈ [−4,−3] were produced from σcor =−2 sim-
ulations by recalculation of particle weights.

The turbulent wave power spectrum was selected to be a power law with an index
1 6 q 6 2, with a typical value for the scattering coefficient τ1 = 200π in the upstream
region, and ten times smaller in the downstream region to account for enhanced levels
of turbulence (6). The selected value for τ1 seems to produce reasonable results, and is
small enough so that field line meandering is not expected to be important. The mean free
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Figure 6.3: Mean free paths of O6+ ions in a 10−4 T magnetic field for the scattering with
various values of Alfvén wave power law index q. The “knee” near 1 GeV/nuc is due to
relativistic effects. The left panel shows the mean free paths in the upstream region, while
the right panel is drawn for the downstream region where the scattering coefficient τ1 was
chosen to be ten times smaller. At very high energies the λq → 10 rgyro in order to prevent
the ions from reaching the Bohm limit.

paths corresponding to the chosen scattering parameters are illustrated in Figure 6.3. The
scatterings were performed in the manner described in Chapter 5.

The volume inside R⊙ 6 r 6 2R⊙ was used as the simulation box with a maximum
acceleration time of tmax = 600 s. Ions were also removed if their energy reduced below
1 keV/nuc. The last condition applies mostly for ions trapped in the downstream region,
which are adiabatically decelerated as the shock expands.

Tylka & Lee (2006) created a phenomenological model that incorporated the ideas of
the “shock model”. According to this model, the differential fluence of species X is

fX(ε,ψ) = Nx(ψ)εs exp(−ε/εcut,x), (4)

NX(ψ) = N0,x cosnψ, (5)

n =

{

0 for flare ions

1 for coronal ions
, (6)

εcut,x = εcut,0(Q/A)x (secψ)2/(2s−1) . (7)

Here N0,x is the number of ions injected at shock obliquity angle ψ , and εcut,0 is a param-
eter that sets the overall scale for the cut-off energy. In our simulations the energy spectra
are in general agreement with the model described by equations (4)-(7), although for the
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Figure 6.4: Schematic representation of the predictions of our simulations for 〈QFe〉, and
energy range where abundance enhancements are possible. The top two curves are the
energy spectra for coronal O and Fe, while the bottom two curves are for flare Fe and O.
Flare material is enriched in heavy ions.

wave power spectral index q > 1 the cut-off may not be exponential any longer. The main
discrepancy between our results and the model is in the injection threshold (6), for which
we find a much stronger dependency n ≈−2(σ +1). We also find that the cut-off energy
also depends on the scattering parameters, which are not included in equation (7).

The main finding of Papers II & III was that high energy abundance enhancements
and Breneman-Stone type fractionation can be produced by selective shock acceleration.
However, abundance enhancements are possible only above cut-off energy of Ocor where
the flare ions may still have power law energy spectra. Flare ions heavier than O still
have smaller cut-off energies than Oflr similarly to the coronal ions, and consequently
enhancements are not possible above the cut-off energy range of flare ions. Average
charge states would still be elevated. A cartoon illustrating this behaviour is shown in
Figure 6.4.

Figure 6.5 shows simulated abundance ratios from Paper III drawn using σcor = −4.
The fluctuations in the (X/O)sep/(X/O)cor -ratios are entirely due to numerical noise.
For low flare ion content (Nflr = 10−6) the abundances and charge states are determined
by the coronal population. Enhancements appear when the flare ion content is raised,
and average charge states start to increase roughly at the same energy as the abundance
enhancements. The abundance ratios start to decrease again when the cut-off energy range
of flare ions is reached. At lower energies there appears to be an enhancement in Fe/O
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Figure 6.5: Simulated abundance ratios (X/O)sep/(X/O)cor and average charge states
〈Q(X)〉 for ion species X (Paper III). The difference between Runs 1 and 2 is that in Run
2 the shock stays quasi-perpendicular longer. Abundance enhancements appear at high
energies when relative flare ion content Nflr is increased (see text for definition). Elevated
charge states indicate significant contribution from flare ions.

ratio as well, but this is entirely due to the choice of normalization energy range discussed
above. For Run 1 the normalization is done above the cut-off energy of coronal Fe, while
in the case of Run 2 Fe ions still have power law spectra in the normalization energy
range.

From Figure 6.5 one can see that Breneman-Stone type fractionation can appear above
the cut-off energies, i.e. at energies larger than a few MeV/nuc in the case of Runs 1 &
2. The magnitude of the fractionation depends heavily on the cut-off energies, but also on
the choice of normalization energy range. The Fe/O ratios for Runs 1 & 2 in Figure 6.5
appear to be quite different at ∼ 5 MeV/nuc for the cases where Nflr 6 10−3. However,
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Figure 6.6: Magnetic geometry used in Paper IV to study acceleration to relativistic
energies in the corona. Protons were injected to five selected magnetic field lines (Lines
1-5). The left panel shows the shock front as it is just about to intersect Line 4, while
the right panel is drawn six minutes later illustrating the effect of shock expansion on
local shock obliquity angles. The field lines drawn in black are representative of the field
magnitude.

if we had normalized the spectra at energies below 1 MeV/nuc the Fe/O ratios would be
more similar to each other.

We are not able to produce significant enhancements for harder coronal injection spec-
tra. The reason is that when σcor increases, there are more & 100 keV/nuc coronal ions
which are already able to exceed the injection threshold at ∼ 85◦ obliquity angle, and
it is difficult to get significant differences between the populations at nearly perpendicu-
lar shocks (see Figure 4.3). The coronal and flare populations need to have significantly
different injection energies for selective shock acceleration to work.

6.2 Shock Acceleration to Relativistic Energies

The GLEs appear to be gradual events with a strong flare component, and flares may also
play a part in large gradual events as indicated by the observations of enhanced abundance
ratios and charge states. In GLEs it is difficult to differentiate between flare and shock
acceleration because practically every key signature associated with CMEs and flares is
present. Additionally, low time resolution of previous generation of coronagraphs and the
lack of images below a few solar radii make it difficult to estimate the properties of the
associated CMEs.

In Paper IV we investigated the possible effect of coronal magnetic geometry on
acceleration to relativistic proton energies. Many GLEs occur in the wake of previous
CMEs (Cliver, 2006), which may provide energetic seed particles and enhanced levels of
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Figure 6.7: Proton energy spectra obtained from q=4/3 simulation runs for the field lines
shown in Figure 6.6. The left panel shows the spectra of protons determined to hit the
solar surface (particles removed at radii rexit 6 1.2R⊙), while the right panel shows the
spectra of protons escaping to the solar wind (rexit > 1.2R⊙).

background turbulence. In transient solar wind the magnetic connection to the Earth may
considerably deviate from what is expected of the nominal Parker spiral based on solar
wind values at 1 AU. This is consistent with the long path lengths obtained from SPR
analyses (Reames, 2009a,b). Thus, if coronal shocks are responsible for the acceleration,
they may very well interact with helmet streamers or active regions, where field lines may
show considerable curvature. Enhanced level of IP turbulence will also delay the arrival
of first particles (Lintunen & Vainio, 2004).

We modeled an active region with a bipole embedded in a radial, large scale coronal
magnetic field (Figure 6.6). This active region was assumed to be the source of a CME
driving a coronal shock. Acceleration of energetic 1 MeV protons was considered on five
selected field lines near the bipolar region, each having a different shock obliquity profile.
The Line 2 has an obliquity angle profile which is rather similar to those considered in Pa-

pers II & III. The ambient turbulence spectrum is taken to be created by the background
plasma, or alternatively be due to a previous event emanating from the same active region.
A previous event would also be a prime candidate for remnant energetic seed particles.

Figure 6.6 shows proton energy spectra from simulation runs where q = 4/3 was used
for the ambient wave power spectrum. The spectra in general resemble power laws with
a high-energy cut-off, although there are some deviations. The most apparent deviations
shown here are in the surface spectrum for Line 1. From the results of Paper IV we can
conclude that the coronal geometry can easily cause the intensities above 100 MeV to vary
by more than two orders of magnitude, and the maximum reachable energies can vary by
roughly an order of magnitude. In the case of Line 6 the maximum energies exceed one
GeV.
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There are many reasons for the variations between the chosen injection lines. Lines 1
& 4 intersect the surface near the bipole where the strength of the magnetic field grows,
and thus adiabatic heating contributes to the acceleration of trapped protons (Paper I).
Line 5 has a geometry suitable for HT-resonance, however it is probably more important
for lower injection energies, and scattering rate may anyway be high enough to scatter
protons out of the resonance cone.

Lines 3 and 5 have an extended quasi-perpendicular period as compared to the other
considered field line, which in the case of Line 5 allows protons to reach energies well
above 1 GeV. However, the injection threshold on Line 5 poses rather stringent require-
ments for the initial energy. If suitable seed particles are not present, the maximum ener-
gies are not very different from those reachable on the other lines. Of course, the exact
value of the injection threshold depends also on the shock speed and compression ratio.
If the level of turbulence is high, the local shock normal angle may vary considerable and
aid by reducing the threshold (Giacalone, 2005).

The results shown in Paper IV imply that GLE protons are more likely to be accel-
erated in regions where the coronal field is curved. Suitable regions may be rather small
as compared to the visible solar disk, suggesting that although GLE protons might be
commonly accelerated near such regions, the acceleration sites are not often magnetically
connected to an observer at 1 AU and thus a detection of GLE protons would be a rare
occurrence. However, we of course cannot exclude the possibility that some of the GLEs
are created by flares alone, or by CMEs reaccelerating remnant flare material. It may be
difficult to distinguish between all the possible scenarios, because rapid acceleration near
the Sun produces impulsive-like commencements in particle intensities, i.e. all scenarios
predict qualitatively similar particle intensities.

In a conclusion, DSA in the solar corona may produce GLE protons if the shock’s
strenght and speed, the level of turbulence, and magnetic geometry are favourable, and
seed particles with high enough initial energies are present.



Chapter 7

Summary and Future Prospects

In this thesis the acceleration of SEPs has been studied using a Monte Carlo simulation
developed by the author. The main results are:

• The magnetic geometry can, under weak scattering conditions, enhance accelera-
tion efficiency by a factor of ∼ 100 through adiabatic heating and HT-resonance.
These effects are caused by intensity gradients and curvature of the ambient mag-
netic field, respectively.

• Injection of particles into DSA can be modeled with a simple equation based on
magnetic mirroring at the shock front.

• DSA acting on a compound seed population, consisting of coronal material and en-
ergetic remnant flare particles, can qualitatively explain the observed enhancements
of charge states and abundance ratios in large gradual SEP events. The results from
the simulations are in good agreement with the semiempirical model of Tylka &
Lee (2006).

• The magnetic geometry can under favourable conditions enhance DSA so that pro-
tons are accelerated to GLE energies in situations where large SEP events would
have been produced otherwise. Such GLE protons would be likely to be produced
in relatively small spatial regions, making their detection at 1 AU a rare occurrence,
qualitatively agreeing with the observed low occurrance rate.

SEPs have now been studied for more than 60 years. From the modeling point of view,
there is still very much to be done both theoretically and numerically. There are also mul-
tiple propositions for some puzzling details, such as the elevated charge states / presence
of flare material, but we lack the observations that would help to nail down the correct
solution. Research of solar wind turbulence can also greatly benefit from observations
closer to the Sun, which the Solar Orbiter will hopefully provide in about a ten-years
time. Here some aspects of numerical modeling which need improvement are briefly
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discussed. However, the list reflects author’s point of view and is not even meant to be
conclusive.

The shocks used in SEP models are often of simple geometrical form, such as planar
or spherical. The bow shocks driven by CMEs are wrapped around the magnetic cloud and
their global geometry should be modeled more accurately, for example by (Hall) MHD
simulations. However, following a CME from the deep corona to 1 AU and beyond comes
with enormous computational cost, but it should be possible to perform such simulations
during the next decade.

Shock microstructure and related phenomena, such as shock reformation and cross-
shock potential (e.g., review by Treumann, 2009), may be important for ion injection
and electron acceleration. The inclusion of these processes requires that the simulations
include the Hall term. The computational cost of Hall MHD is, however, much higher
than ideal MHD, and SEP models including these effects are likely to be delayed to distant
future. Shock structure can and has been studied using small-scale hybrid and full particle
simulations – perhaps phenomenological models including some of the effects of shock
microstructure could be created and included in large-scale SEP models.

Scattering from plasma turbulence and self-generation of waves are key mechanisms
operating in shock acceleration and interplanetary transport of energetic particles. All
important plasma waves and the corresponding diffusion coefficients should be included,
but these are often very difficult to calculate. At present most numerical models include
only parallel-propagating Alfvén waves, often only through diffusion coefficients (mainly
Dµµ ) based on the wave power spectrum. The other two diffusion coefficients (Dpp and
Dµ p) may be important for the injection of low energy particles and should be included
in future models. For simple magnetic and shock geometries the self-generation and
propagation of waves are relatively easy to include, but models including these processes
in more general geometries are just emerging (for example, Battarbee et al., 2009).

For high turbulence levels the local shock normal angle may considerably deviate
from its average value, which enhances acceleration and injection (Giacalone, 2005). The
author is not aware of any self-consistent numerical models where the turbulence is really
modeled using waves propagating in the magnetic field. The field line meandering is
especially important for injection and acceleration of low-energy ions and electrons, and
should be included in SEP models. If this can be done, the diffusion coefficients are no
longer needed in the numerical model as the magnetic field that includes the waves takes
care of the scattering process.

In conclusion, SEPs and related phenomena are going to be under active research for
many years to come.
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