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Coronal mass ejections (CMEs) are large-scale eruptions of plasma entrained in a magnetic field.
They occur in the solar corona, and from there they propagate into interplanetary space along with
the solar wind. If a CME travels faster than the surrounding solar wind, a shock wave forms. Shocks
driven by CMEs can act as powerful accelerators of charged particles. When charged particles like
electrons are accelerated, they emit electromagnetic radiation, especially in the form of radio waves.

Much of the radio emission from CMEs comes in the form of solar radio bursts. Traditionally
solar radio bursts are classified into five types, called type I–V bursts, based on their characteristics
and appearance in a dynamic spectrum. Of these five types of bursts, especially type II radio bursts
are believed to be signatures of shock waves in the corona and interplanetary space. There are,
however, also radio bursts associated with CMEs and shocks that do not fit the description of any of
the five standard types of radio bursts.

In this thesis three moving radio bursts associated with a CME that erupted onMay 22, 2013 are
identified and studied in detail. The characteristics of the bursts do not match those of the usual five
types of solar radio bursts. The aim of the work is to ascertain the emission mechanism that causes
the observed radio bursts, as well as locate the sites of electron acceleration that are the sources of
the emission. The kinematics and the spectral features of the emission are studied in order to find
answers to these questions.

Analysis of the spectral features of the moving bursts showed that the bursts were emitted via
plasma emission. Analysis of the kinematics revealed that the moving radio bursts originated un-
usually high up in the corona from the northern flank of the CME. The CME studied in this work
was preceded by another one which erupted some hours earlier, and the disturbed coronal environ-
ment likely caused the radio emission to be emitted from an unusual height. It was found that the
bursts likely originated from electrons accelerated at the shock driven by the CME.
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1 | Introduction

Coronal mass ejections (CMEs) are the most extreme phenomena in the Solar Sys-
tem. They expel energetic plasma from the corona into interplanetary space, some-
times with speeds exceeding thousands of kilometers per second. When the ejected
plasmamoves at a speed sufficiently greater than that of the surrounding solar wind,
a shock wave forms in front of it. These shock waves, or shocks, can act as highly
efficient particle accelerators. The efficiency of this particle acceleration depends for
example on the orientation of the shock relative to the surrounding magnetic field.
The accelerated charged particles emit electromagnetic radiation, often in the form
of radio waves.

Radio emission is ubiquitous on the Sun. In addition to the constant background
emission provided by the quiet Sun, the Sun also produces radio bursts, which are
relatively short-lived and can be very intense. These bursts are especially associated
with active regions, solar flares and CMEs. For example bursts known as type II
radio bursts are believed to be caused by electrons accelerated by shocks driven by
flares and CMEs.

Type II bursts are one of the five types of radio bursts, which have been widely
studied since the 1960s. There are, however, solar radio bursts, which do not fit the
descriptions of any of these five types. Examples of these are radio spikes (e.g., Benz
et al. 1996; Melnik et al. 2014), solar S-bursts (e.g., Clarke et al. 2019), and supershort
radio bursts (e.g., Magdalenić et al. 2006). Solar radio bursts can also be classified as
moving or stationary, depending onwhether their source regions appear to propagate
through the corona or stay in the same location for the entire lifetime of the burst.

In this thesis a detailed study of moving radio bursts that do not appear to match
the characteristics of any of the usual five types of solar radio bursts is presented. A
set ofmoving radio burstswere observed in conjunctionwith a fast CME that erupted
on May 22, 2013. In addition to the moving radio bursts the CME was accompanied
for example by type II radio bursts. The aim of this thesis is to investigate the cause of
these atypical bursts, the emission mechanism behind them, and where their source
regions are in relation to the CME and/or the shock driven by it. These questions
are answered by studying the kinematics and the spectral features of the moving
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2 Introduction

bursts. To determine the source regions of the bursts their locations are compared
with imaging from other instruments. The kinematics are also compared with the
kinematics of the CME and related radio emission from previous studies. The anal-
ysis is conducted in Python, with code that was in parts written by the author of this
thesis, and in parts adapted from existing code.

This thesis is divided into two parts. The first part, consisting of Chapters 2 – 4,
contains the necessary background information and theory. Then the second part,
consisting of Chapters 5 – 7, describes the methods and results of the analysis con-
ducted for the thesis.

In Chapter 2 coronal mass ejections are introduced, their general properties are
presented, and their kinematic evolution in the corona and beyond is described. A
brief introduction to magnetohydrodynamic shocks, such as ones driven by CMEs,
follows. The chapter closes on a discussion of one important mechanism by which
charged particles like electrons are accelerated at shock fronts, called shock drift ac-
celeration. Then, Chapter 3 goes through properties of solar radio emission, and the
emissionmechanismsmost relevant for CMEs are introduced. The chapter also con-
tains descriptions of two important types of radio bursts, type II and type IV bursts.
In Chapter 4 concepts relating to measuring radio emission are discussed. The units
used in the thesis are also explained. Finally, the spectral index is introduced as a di-
agnostic tool that can be used to probe the possible emissionmechanism of observed
radio emission.

Chapter 5 describes the data, the CME that is studied and the different methods
employed in the analysis of the radio emission associated with the CME. In Chap-
ter 6 the results of the analysis are presented. Finally, Chapter 7 concludes the thesis
by summarizing the findings, discussing them and relating them to earlier studies.
Possible avenues of future research are also considered.
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Coronal mass ejections are the largest disturbances occurring in the solar atmo-
sphere. They consist of plasma eruptions entrained in a magnetic field propagating
outwards through the corona and into the heliosphere. They are capable of driv-
ing shock waves in the corona and interplanetary space. These shocks are powerful
accelerators of charged particles and thus are sources of electromagnetic radiation.

This chapter introduces coronalmass ejections and describes their properties and
their evolution in the corona and beyond. Then, a general introduction to magneto-
hydrodynamic shocks is given, followed by a description of shock drift acceleration,
which is one important mechanism by which charged particles are accelerated by
coronal and interplanetary shocks.

2.1 What is a coronal mass ejection?
A coronal mass ejection (CME) is a large expulsion of plasma, magnetic field and
energy from the Sun into the heliosphere (Webb and Howard 2012). CMEs are the
most energetic and the largest-scale phenomenon in the Solar System, and as such
they are the primary drivers of heliospheric disturbances and of space weather near
the Earth. Though their study is understandably confined to our own home star,
CMEs have been observed on other stars as well (e.g., Argiroffi et al. 2019).

CMEs are most often observed in white light using a coronagraph, which is an
instrument that blocks out the photosphere in order to make the orders of magni-
tude less bright corona visible. CMEs do not themselves radiate visible light. Rather,
light originating in the photosphere is Thomson scattered1 off the free electrons in

1Thomson scattering is the elastic scattering of electromagnetic radiation by a charged particle,
e.g., an electron. In Thomson scattering electromagnetic radiation incident on a charged particle is
absorbed by the particle. Absorbing the light accelerates particle, which in turn causes it to emit
electromagnetic radiation. The energy of the incident radiation is assumed to be so low compared to
the rest energy of the particle that momentum transfer between them can be ignored. As a result, the
wavelength of the radiation emitted by the particle is the same as that of the incident radiation, and
the radiation appears to have scattered off the charged particle (Howard 2011).

3



4 Coronal mass ejections

the plasma expelled along the CME into the solar wind, and this is the light that
is observed. In addition to white light CMEs can also be seen at soft X-ray and ex-
treme ultraviolet (EUV) wavelengths (Priest 2014). And, importantly for this thesis,
as CMEs accelerate charged particles to high energies, they are powerful sources of
radio emission. CME structures have even been directly imaged at radiowavelengths
(Bastian et al. 2001; Maia et al. 2007).

A white-light example of a CME can be seen in Figure 2.1, which shows an im-
age of a CME taken by the Large Angle Spectroscopic Coronagraph (LASCO; see Sec-
tion 5.1.4) C3 coronagraph on board the Solar andHeliospheric Observatory (SOHO).
The image also demonstrates the scale to which CMEs can extend, even dwarfing the
Sun (indicated in the image by the white circle in the middle) by many times. What
the image also highlights well is the so-called “classic” three-part structure of a CME,
first identified by Illing and Hundhausen (1983, 1985). This kind of CME consists of
a bright core, followed by a dark (low density) region known as a cavity, and having
a bright looplike outer edge. Though widely considered to be the “classic” structure
of a CME, only about 30 percent of recorded CMEs have this structure (Priest 2014).

Asmentioned above, CMEs can significantly impact spaceweather near theEarth
and affect the Earth’s magnetosphere. Most geoeffective CMEs originate close to the
center of the solar disk. In such a case, if observed by a spacecraft on the Sun–Earth
line, the CME appears to surround the occulting disk of the coronagraph, and is
known as a halo CME. Figure 2.2 shows an image of a halo CME taken by the LASCO
C2 coronagraph.

According to a statistical study conducted by Gopalswamy et al. (2007) most halo
CMEs that erupt from the side of the Sun visible to the Earth are geoeffective, with
those erupting from the disk (source longitude within 45° of the central meridian)
being more likely to be geoeffective than those erupting from the limb (source lon-
gitude 45° < 𝜙 < 90° from the central meridian). They also found that intense
geomagnetic storms are mostly due to disk halo CMEs. Halo CMEs that are Earth-
directed constitute only a few percent of all erupted CMEs (Gopalswamy et al. 2007;
Howard 2011).

Though halo CMEs are widely believed to be nothing but normal CMEs that hap-
pen to propagate in a direction that gives them the appearance of a halo (Chen 2011),
their average apparent speed is twice that of “normal” CMEs (Yashiro et al. 2004).
There is no consensus onwhether this difference stems from factors related to projec-
tion effects in the observations or if halo CMEs are somehow different fromnon-halo
CMEs. They could for example be the combination of the CME and a shock wave
driven by it (Chen 2011).
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Figure 2.1 An image of a CME that erupted on February 27, 2000, taken by
SOHO/LASCO C3. The blue disk in the middle is the occulting disk, which
blocks out the Sun, which is indicated by the white circle. Image courtesy of
NASA/ESA.

Figure 2.2 An image of a halo CME observed on October 28, 2003, taken by
SOHO/LASCO C2. Image courtesy of NASA/ESA.
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2.2 Properties of coronal mass ejections
Thousands of CMEs have been observed since their discovery in late 1971 (Howard
2006), most of them by LASCO on board SOHO, which was launched in 1995. In the
interval from 1996 to the end of 2008 LASCO observed over 14 000 CMEs (Howard
2011), and it continues observing the Sun to this day. From the data provided by
LASCO and many other coronagraphs that were sent into space before or have been
sent after it, the physical properties of CMEs such asmass, speed, width, and location
(relative to the solar disk) have been ascertained in large-scale statistical studies.

Based on LASCO data the average mass of a CME is around 1.3 × 1012 kg, though
it can be as much as 4.4 × 1012 kg (Vourlidas et al. 2010, 2011). The Sun loses about
1014 kg of mass every day to the solar wind (Cargill and Harra 2007), so the contri-
bution of a typical CME to this mass loss is a few percent. The measured speeds2 of
CMEs are widely distributed, ranging from speeds as low as 35 km s−1 (Hundhausen
et al. 1994) for the slowest events all the way to over 3000 km s−1 (Gopalswamy et al.
2014) for some extremely fast events. Most CMEs, however, accelerate or decelerate
towards the speed of the ambient solar wind, which is typically between∼300 km s−1
and ∼800 km s−1, as they propagate outwards from the corona. Indeed, in most sta-
tistical studies the average speed of a CME falls somewhere in the neighborhood
of 400 km s−1 (e.g., Hundhausen et al. 1994; Yashiro et al. 2004). Properties like the
mass, speed, and energy of a CME are dependent on the level of solar activity. Study-
ing over 7800 CMEs that were recorded by LASCOover a full solar cycle, Vourlidas et
al. (2010, 2011) found that for example the average speed of aCME ranged fromabout
210 km s−1 around solar minimum to about 490 km s−1 around solar maximum. De-
pending on their initial speed and the acceleration or deceleration they experience
in interplanetary space, CMEs usually take anywhere from less than a day to a few
days to arrive to the orbit of the Earth (Kilpua et al. 2019).

The rate of occurrence of CMEs has also been well documented in these statis-
tical studies. The number of erupting CMEs is also dependent on the level of solar
activity and varies over the 11-year solar cycle. During solar minimum CMEs occur
on average once every two days, meaning 0.5 CMEs per day, while during solar max-
imum as many as 6 CMEs can erupt per day (Cargill and Harra 2007). The source
location of a CME also depends on the solar cycle. During solar minimum most

2What is recorded in white-light coronagraph images, from which these properties were derived,
is the projection of a CME in the plane of the sky, which is the plane passing through the center of the
Sun and which is normal to the Sun–observer line. This means that properties like speed are subject
to projection effects, and what is measured is not the true speed but the “apparent speed”. This is the
speed that the CME would have if it erupted from the solar limb into the plane of the sky. Since most
of the CMEs erupt from somewhere other than the solar limb, the apparent speed is an underestimate
of the true speed of the ejection. It has been argued, however, that in most cases this underestimation
is less than 18% of the true speed of the CME (Hundhausen et al. 1994). Similarly, the apparent width
of a CME is an overestimate of the actual width, if the CME erupts off-limb (Webb andHoward 2012).
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CMEs erupt from around the equator, whereas during solar maximum they are seen
to erupt from all latitudes (Yashiro et al. 2004).

2.3 Kinematic evolution of a CME
It is known that CMEs originate in the low corona, but the exact physical mecha-
nisms responsible for their onset and evolution are not known. It is, however, clear
that CME onset and early evolution are magnetically driven phenomena (Howard
2011). It is also accepted that CME acceleration happens primarily in the low corona,
below 2𝑅⊙ (Priest 2014), but once the CME clears the corona and continues to prop-
agate through the heliosphere, the mechanism that propels it forward is not well
understood (Howard 2011).

While there is no consensus on what exactly causes the onset and acceleration
of a CME, what is well understood from observations is the kinematic evolution of
a CME (Zhang and Dere 2006; Zhang et al. 2001). The evolution can be divided into
three phases: initiation, acceleration, and propagation. Figure 2.3 shows schemati-

CME kinematic evolution and timing with associated flare

C
M

E
 v

e
lo

ci
ty

F
la

re
 s

o
ft

 X
-r

a
y

 fl
u

x

Phase 1 Phase 2 Phase 3

Peak

Onset 2Onset 1

Flare (soft X-ray)
Pre-flare phase
Rise phase
Decay phase

Phase 1:
Phase 2:
Phase 3:

Initiation phase
Acceleration phase
Propagation phase

CME

Onset 1:
Onset 2:
Peak:

Onset of instability; onset of initiation phase
Onset of main energy release; onset of acceleration 
End of main energy release; peak of CME velocity 

Time

Figure 2.3 Schematic plot showing the three-phase kinematic evolution of a
CME and how it is related to the evolution of a solar flare as measured by its soft
X-ray flux. The three phases of the CME evolution are initiation, acceleration,
and propagation. These correspond to the pre-flare, rise, and the decay phases
of a solar flare, respectively. Usually the CME achieves its peak velocity when
the flare reaches its peak flux. Adapted from Zhang and Dere (2006).
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cally how the velocity of a CME changes as it goes through these phases. The figure
also shows the temporal correlation that has been observed (e.g., Zhang et al. 2001)
between the evolution of a CME and that of a soft X-ray flare, if the CME is accom-
panied by one.

Figure 2.3 shows that after the initial phase, during which there is only a small
gain in velocity, the velocity of the CME increases greatly in a short period of time.
However, this is not true for all CMEs. Some CMEs show extremely impulsive ac-
celeration, which is strong and happens over a relatively short period of time, while
others may evolve very gradually. Gradual CMEs undergo weak acceleration that is
usually much longer-lasting than that experienced by impulsive CMEs. Most CMEs,
however, are neither very impulsive nor very gradual, but something in between
(Zhang and Dere 2006).

The first phase, which is initiation, happens primarily in the inner corona (Zhang
and Dere (2006) put the threshold between the inner and the outer corona at 2𝑅⊙).
It lasts for some tens of minutes and involves the process that causes the onset of the
CME. Usually there is some large-scale structure that starts to rise slowly, at a speed
that is on the order of tens of kilometers per second.

Following initiation, the CME undergoes its main acceleration. This phase is
typically characterized by a period of fast increase in velocity, or at least the pe-
riod during which most of the change in velocity takes places, be that impulsively
or gradually. The main acceleration also takes place in the inner corona, and lasts
for anything from a few minutes to a few hours, though the usual duration is some
tens of minutes. The magnitude of the acceleration experienced by the CME during
this phase is also widely distributed. The acceleration of some gradual events may
be very low, even under 10m s−2, while the acceleration of the most impulsive ejec-
tions can exceed 1000m s−2. Typically the acceleration is somewhere around a few
hundred m s−2, e.g., the average acceleration found by Zhang and Dere (2006) was
330.9m s−2. Zhang et al. (2001) found that if the CME is associated with a flare, the
main acceleration phase of the CME coincides well with the rise phase of the flare,
and the peak velocity is achieved around the same time as the soft X-ray flux of flare
reaches its maximum.

During the final propagation phase the CME continues its movement into the
outer corona and from there into the heliosphere. There may be some residual ac-
celeration that is small compared to the acceleration of the main acceleration phase,
but mostly the CME velocity remains relatively constant during this phase. The an-
gular width and position angle also remain the same during this phase, so that when
the CME reaches this phase, it can be considered to be more or less fully developed
(Zhang and Dere 2006).
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2.4 Shocks driven by CMEs
A shock wave (see, e.g., Boyd and Sanderson 2003; Koskinen 2011; Parks 2004), or
just shock, is a boundary in plasma that forms when a disturbance moves through
the plasma at a speed greater than the local magnetosonic speed,

𝑣ms = √𝑣2A + 𝑣2s , (2.1)

where 𝑣A = √𝐵2/(𝜇0𝜌m) is the Alfvén speed3 and 𝑣s = √𝛾𝑘𝑇/𝑚 is the speed of
sound, i.e., the speed of a longitudinal compression wave. In the expressions for the
two speeds 𝐵 is the magnetic field magnitude, 𝜇0 is the vacuum permeability, 𝜌m is
themass density of the plasma, 𝛾 is the adiabatic index (the ratio of the heat capacity
at constant pressure to the heat capacity at constant volume), 𝑘 is the Boltzmann
constant,𝑇 is the plasma temperature, and𝑚 is the averagemass of a plasma particle.

Alfvén speed is the speed of Alfvén waves, which are transverse, low-frequency
magnetohydrodynamic (MHD)waves propagating in plasma. Alfvénwaves are trans-
verse oscillations of the magnetic field lines (similar to the oscillations of a guitar
string), which cause plasma particles to also oscillate transverse to themagnetic field
(Krall and Trivelpiece 1973). The waves themselves propagate parallel to the mag-
netic field lines. Together the Alfvén speed 𝑣A and the speed of sound 𝑣s are the two
characteristic speeds of MHD (Koskinen 2011).

The interface of the shock is called the shock front, and it divides the plasma into
two regions, the upstream and downstream regions. The plasma that has not yet
encountered the shock is upstream of the shock, while the plasma through which
the shock has already passed is downstream of the shock. As the upstream plasma
encounters the shock front, it undergoes changes in its properties like density and
pressure. The changes may be approximated to be happening discontinuously. Due
to this discontinuity it is not possible to describe the plasma conditions in the shock
itself. Instead, the plasma upstream and downstream of the shock and how the two
are related can be described using the Rankine–Hugoniot relations,4 also known as
the shock-jump conditions. These relations describe the conservation of mass, mo-
mentum, energy and magnetic flux across the shock. The relations will not be listed
here, but they can be found for example in any of the plasma physics textbooks men-
tioned at the beginning of this section.

Most space plasmas are collisionless (Kivelson and Russell 1995). This means
that the mean free path of the particles (i.e., the average distance a particle travels
before colliding with another particle) is much larger than the spatial scale of the

3Named after the Swedish physicist Hannes Alfvén (1908–1995), who was awarded the Nobel
Prize in Physics in 1970 for his foundational work on the theory of magnetohydrodynamics (MHD).

4Originally the Rankine–Hugoniot conditions referred to the jump conditions across a hydro-
dynamic shock, but in plasma physics the term is widely used to refer to the jump conditions in
magnetohydrodynamic shocks.
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interactions being studied. In the case of shocks this means that the shock is much
thinner than themean free path of the plasma particles. The shocks driven by CMEs
are essentially collisionless.

Strictly speaking theRankine–Hugoniot relations apply toMHDshocks, inwhich
the collisions between plasma particles are responsible for the changes that take
place in the shock. In collisionless plasmas, however, collisions cannot be responsi-
ble for anything that happens in the shocks. In general, the theory of MHD cannot
fully explain the behavior of collisionless plasmas. For example, in MHD the plasma
is assumed to be one fluid that has one temperature, but in a collisionless plasma
the ions and electrons that make up the plasma do not interact via collisions and
therefore can have different temperatures. Still, MHD does work “remarkably well
in collisionless tenuous space plasmas” (Koskinen 2011), and tools from MHD can
be used to describe the behavior of collisionless shocks.

In ideal MHD, in which plasma is assumed to be perfectly conductive, there are
three fundamental wave modes, slow, intermediate, and fast modes. The intermedi-
ate wave mode is also known as the shear Alfvén wave mode. All three wave modes
have characteristic velocities, which are given by

𝑣2fm/sm = 1
2 [(𝑣

2
s + 𝑣2A) ±√(𝑣2s + 𝑣2A)2 − 4𝑣2s 𝑣2A cos2 𝜃] , (2.2)

𝑣2i = 𝑣2A cos2 𝜃, (2.3)

where the plus and minus signs give the fast-mode speed 𝑣fm and the slow-mode
speed 𝑣sm, respectively, and 𝑣i is the intermediate-mode speed. In the expressions 𝑣A
is the Alfvén speed, 𝑣s is the speed of sound, and 𝜃 is the angle between themagnetic
field 𝑩 and the wave vector 𝒌 of the propagating plasma wave.

Corresponding to the fast- and slow-mode MHD waves, shocks can be divided
into fast and slow shocks. There is no shock corresponding to the shear Alfvénmode,
since that mode is purely transverse, meaning that shear Alfvén waves are not com-
pressive and cannot form shocks. However, the fast- and slow-mode waves are com-
pressive, which means that they change the properties of the plasma they propagate
in, and in a supersonic flow they can form shocks (Parks 2004).

In a fast shock themagnetic field strength increases across the shock front, while
in a slow shock it decreases. According to the Rankine–Hugoniot relations the nor-
mal component of the magnetic field (the component parallel to the shock normal)
is continuous across the shock, so the increase or decrease is in the transverse com-
ponent of the magnetic field. This means that moving across the shock front of a fast
shock, the magnetic field lines bend away from the shock normal, while in a slow
shock the field lines bend towards it. This is illustrated in Figure 2.4. Observations
of shocks in space plasmas show that fast shocks are muchmore common than slow
shocks (Kivelson and Russell 1995). The shocks driven by CMEs are fast shocks.
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Figure 2.4 The effect of a fast or slow shock on themagnetic field lines. Moving
across the shock front of a fast shock, magnetic field lines bend away from the
shock normal. In the case of a slow shock the field lines bend towards the shock
normal. The situation is shown in the rest frame of the shock, in which the
upstream plasma approaches the shock with velocity 𝒗u, and the downstream
plasma recedes from the shock with velocity 𝒗d. Adapted from Kivelson and
Russell (1995).

Another property by which shocks can be classified is the angle 𝜃Bn between the
shock normal �̂� and the upstream magnetic field 𝑩u. The angle 𝜃Bn is an impor-
tant parameter in collisional shocks, because the orientation of the shock relative to
the upstreammagnetic field affects the particle acceleration that occurs at the shock
front. If 𝜃Bn = 0°, the shock is said to be a parallel shock, if 0° < 𝜃Bn < 90°, the
shock is an oblique shock, and if 𝜃Bn = 90°, it is a perpendicular shock. Oblique
shocks can further be divided into quasi-parallel shocks if 0° < 𝜃Bn < 45°, and quasi-
perpendicular shocks if 45° < 𝜃Bn < 90° (Parks 2004).

Collisionless shocks driven by CMEs are powerful accelerators of charged par-
ticles, and as such they are sources of electromagnetic radiation, especially at radio
wavelengths. Acceleration of electrons by coronal or interplanetary shocks is the
accepted emission mechanism of type II radio bursts (Bougeret and Pick 2007; see
Section 3.3.1). The mechanism thought to be responsible for these radio bursts is
shock drift acceleration, a process in which electrons drift along the shock front and
reflect back upstream or are transmitted downstream. The electrons emit electro-
magnetic radiation as a result of the acceleration they undergo.
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2.5 Shock drift acceleration

When a charged particle such as an electron encounters a shock, the interaction be-
tween the shock front and the particle can cause the particle to be accelerated, which
in turn causes it to emit electromagnetic radiation. The particle can interact once or
many times with the shock, and in general multiple interactions lead to more ac-
celeration than a single one (Aschwanden 2006). There are two main mechanisms
that cause particle acceleration at shock fronts, shock drift acceleration, and diffu-
sive shock acceleration (Koskinen 2011). In shock drift acceleration an electron (or
an ion, but solar radio emission is caused almost exclusively by the acceleration of
electrons so they will by used when describing the process) interacts once with the
shock, drifting along it and being accelerated in the process. In diffusive shock ac-
celeration the electron interacts with magnetic irregularities in the plasma flow in
such a way that it crosses the shock front multiple times and is thus accelerated by
the shock. Shock drift acceleration will be discussed here.

Consider a fast quasi-perpendicular shock that moves through plasma and mag-
netic field at velocity 𝒗sh. In the rest frame of the shock the upstream plasma moves
towards the shock at velocity 𝒗u = −𝒗sh, and after crossing the shock front, the
plasma continues moving downstream at some velocity 𝒗d (in general 𝒗u ∦ 𝒗d). Let
𝑩u and 𝑩d denote the upstream and downstreammagnetic fields, respectively. Since
we assumed that the shock is fast, the downstream magnetic field is stronger than
the upstream field, 𝑩d > 𝑩u. In the rest frame of the shock the motion of the plasma
in the magnetic field induces an electric field 𝑬 = −𝒗u × 𝑩u, which is parallel to the
shock front (Pesses et al. 1982).

Now, consider an electron moving along the upstream plasma towards the shock
front. Moving in a magnetic field the electron gyrates, i.e., performs circular mo-
tion, perpendicular to the field lines. The characteristic frequency and radius of the
circular motion are

𝜔c = 𝑒𝐵
𝑚e

, 𝑟c = 𝑣⟂
𝜔c

= 𝑚e𝑣⟂
𝑒𝐵 ,

where 𝑒 is the elementary charge, 𝐵 is the magnetic field strength, 𝑚e is the mass
of the electron, and 𝑣⟂ is the magnitude of the velocity perpendicular to 𝐵. These
quantities are known as the gyrofrequency and gyroradius (or Larmor frequency and
Larmor radius), respectively. We notice that in this situation the motion of the elec-
tron consists of the superposition of two different motions, the circular Larmor mo-
tion and the overall drift of the electron towards the shock front. The drift, which in
general happens much more slowly than the circular motion, can be approximated
as the motion of the center around which the electron gyrates. This central point is
known as the guiding center. In the rest frame of the shock themotion of the electron
is caused by the so-called 𝑬 × 𝑩 drift (Sarris and Van Allen 1974; for a description of
𝑬 × 𝑩 drift see, e.g., Boyd and Sanderson 2003), in which an electric field perpendic-
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ular to a magnetic field causes the guiding center of a gyrating charged particle to
drift in a direction perpendicular to both fields.

In general, the electron’s gyroradius is much smaller than the shock thickness,
so that when the electron hits the shock front, it experiences a continuous change
in magnetic field. The scale 𝐿 of this change however is assumed to be much larger
than the electron gyroradius, 𝑟c ≪ 𝐿, which means that the change in magnetic field
that the electron feels is continuous but small. In this case the magnetic moment of
the electron,

𝜇B = 𝑊⟂
𝐵 = 𝑚𝑣2⟂

2𝐵 , (2.4)

where𝑊⟂ is the kinetic energy of the perpendicular component of the electron’s mo-
tion, is also constant (Pesses 1981). The magnetic moment 𝜇B is also known as the
first adiabatic invariant.5

When the electron interacts with the shock, it experiences another drift, called
gradient drift (see, e.g., Boyd and Sanderson 2003), in which the guiding center of the
electron drifts due to the change in the strength of the magnetic field. The velocity
caused by the gradient drift is given by

𝒗∇𝐵 = 𝜇B
𝑒𝐵2𝑩 × (∇𝐵). (2.5)

From this we see that the direction of the drift is perpendicular to both the magnetic
field and the gradient of the magnetic field. For a quasi-perpendicular shock this
implies that the drift is along the shock front. Thus, the drift is also anti-parallel to
the electric field, and therefore the electron is accelerated.

Once the electron has drifted along the shock front, it can either be transmit-
ted downstream or reflected back upstream. Though both transmitted and reflected
electrons gain energy, the gain is much larger when the electrons are reflected back
upstream (Ball and Melrose 2001). From (2.4) we see that the conservation of mag-
netic moment requires that for transmitted electrons the energy gain is in the per-
pendicular component of motion, since 𝐵d > 𝐵u, so that 𝑣⟂,d > 𝑣⟂,u in order for
𝜇B,d = 𝜇B,u to be satisfied. Similarly, since reflected electrons re-enter the upstream
regionwhere themagnetic field remains the same, the conservation ofmagneticmo-
ment requires that for reflected electrons the energy gain is in the parallel component
of motion (Holman and Pesses 1983).

In order for type II radio bursts to be produced via shock drift acceleration of
electrons, the shock must be close to perpendicular, with 𝜃Bn > 80° (Mann 1994).

5In plasma physics adiabatic invariants are approximate constants ofmotionwhich are associated
with the periodic motion of charged particles in magnetic fields (see, e.g., Boyd and Sanderson 2003;
Koskinen 2011). This means that adiabatic invariants, like magnetic moment, remain constant if the
parameters describing the motion change slowly. Again, using the first adiabatic invariant, magnetic
moment, as an example, it remains constant if the particle moves in a magnetic field whose temporal
or spatial change happens slowly compared to the Larmor frequency or radius of the particle.
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This is because the electron distributions that can produce the type II emission are
formed upstream of the shock, meaning that they consist of electrons reflected from
the shock front. Reflection is most efficient for nearly perpendicular shocks. How-
ever, when 𝜃Bn → 90° electrons are not reflected by the shock and thus no type II
emission is produced. According to Holman and Pesses (1983) a 1000 km s−1 shock
produces type II radio bursts if 80° ≲ 𝜃Bn ≲ 87°. For a faster 2000 km s−1 shock
the interval is even smaller, with type IIs occurring only if 80° ≲ 𝜃Bn ≲ 83°. An
earlier study by Sarris and Van Allen (1974) found that the same holds for protons
accelerated at quasi-perpendicular shocks, namely that energy gain is greatest when
𝜃Bn > 80°, though they also noted that reflection of particles falls offwhen 𝜃Bn→ 90°.

Thus, it can be concluded that type II radio bursts are produced only within a
relatively narrow range of angles between the shock normal and the magnetic field.
This implies that only some parts of the shock, with a favorable geometry between
the shock front and the upstream magnetic field, can be expected to produce type II
radio bursts. This mean that the production can be highly localized so that it only
occurs on some regions of the shock.



3 | Radio emission associated
with CMEs

Radio waves cover the electromagnetic spectrum from as low as 30Hz all the way up
to 300GHz and as such they form the largest section of it. The Sun produces radio
emission at frequencies that range from a few kHz to a few hundred GHz, or the
top end of the radio frequency spectrum (Bougeret and Pick 2007). CMEs involve
the acceleration of charged particles to high energies. Therefore they too emit radio
waves on a wide band of frequencies, the range running from tens of kHz all the way
to hundreds of MHz.

Much of the radio emission from CMEs comes in the form of solar radio bursts.
In the 1960s solar radio bursts at frequencies below about 300MHz were classified
into five different types (Wild et al. 1963), named type I–V radio bursts. These bursts
are emitted through many different mechanisms. This chapter will summarize first
the different ways solar radio emission can be classified based on emission mecha-
nism, then the emissionmechanisms themselves, andfinally the types of radio bursts
relevant to CMEs.

3.1 Classifying solar radio emission
There are two broad ways of classifying radio emission from the Sun and elsewhere
in the cosmos. These are coherent vs. incoherent (see, e.g., Melrose 2017; Nindos
2020), and thermal vs. non-thermal (see, e.g., Condon and Ransom 2016) radio emis-
sion. Thefirst classification relates to the emissionmechanism, such that a particular
mechanism can be coherent or incoherent. The second one relates to the source of
the emission, which virtually always means electrons (Wilson et al. 2009). An elec-
tron distribution can be thermal or non-thermal, and these distributions emit radio
waves via different mechanisms, so there is overlap to these classifications.

15
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3.1.1 Coherent and incoherent emission
Incoherent radio emission emerges when each electron in a radio source emits pho-
tons randomly and independently from the other electrons in the distribution (Gary
and Hurford 2004). Since the electrons radiate photons independently, the num-
ber of emitted photons is proportional to the number of emitting electrons (Nindos
2020), and this implies that the total emission from the distribution is simply the sum
of the emissions from the individual electrons (Melrose 2017).

In turn, coherent radio emission comes about when the electrons in the radio
source “come together”, e.g., when instabilities in the plasma induce collective mo-
tions of electrons, causing them to accelerate and emit photons in phase with each
other (Nindos et al. 2008). In general, coherent emission mechanisms are capable
of converting the kinetic energy of electrons into electromagnetic radiation more
efficiently than incoherent emission mechanisms (Benz 2004). This is because in
coherent mechanisms the emitting electrons act together as a larger emitting entity,
whereas incoherent emission is emitted by a collection of individual electrons.

Both incoherent and coherent emission are encountered on the Sun. Of the emis-
sion mechanisms via which electrons in the solar atmosphere emit at radio frequen-
cies, bremsstrahlung or free–free and gyromagnetic emission mechanisms are in-
coherent, while plasma emission is an example of a coherent mechanisms (Bastian
2004). For descriptions of these emission mechanisms see Section 3.2.

3.1.2 Thermal and non-thermal emission
Whether radio emission is classified as thermal or non-thermal depends on the en-
ergy or velocity distribution the emitting electrons have. Thermal emission is pro-
duced by a source whose electrons follow a Maxwell–Boltzmann velocity distribu-
tion. A thermal source is also said to be in local thermodynamic equilibrium (LTE),
which means that the material is in thermal equilibrium with itself, so that there is
negligible change in temperature within themean free path of the emitting electrons
and emitted photons (Condon and Ransom 2016; Nindos 2020).

The radiation froma thermal source is emitted via the thermalmotion of particles
and as such is essentially a random process. There is thus a limit to the possible
brightness temperature 𝑇B (see Section 4.1.2) of the radiation, set by the electron
temperature 𝑇e (Gelfreikh 2004),

𝑇B ≤ 𝑇e.
Non-thermal radio emission originates from electrons that are not in LTE and

their velocities do not follow a Maxwell–Boltzmann distribution. Rather the elec-
trons in non-thermal sources have a power-law energy distribution (Condon and
Ransom 2016). Most radio emission in radio astronomy is emitted by non-thermal
electrons via differentmechanisms (Wilson et al. 2009). Whereas the brightness tem-
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perature, i.e., the intensity, of thermal radiation is limited by the thermodynamic
temperature of the emitting electrons, in non-thermal sources this is not so. The
intensity of non-thermal emission (measured in kelvins as brightness temperature)
may be significantly greater than the thermodynamic temperature of the source. In
many cases non-thermal sources do not even have well defined temperatures (Con-
don and Ransom 2016).

All thermal radio emission is incoherent, while non-thermal emission can be
incoherent or coherent. The Sun is a source of both thermal and non-thermal radio
emission. Thermal emission dominates the radio emission from the quiet Sun, while
non-thermal radiation is principally emitted during flares and CMEs, though both
are sources of thermal emission too (Nindos 2020).

3.2 Emission mechanisms
The previous section described the division of astronomical and solar radio emission
into coherent or incoherent and thermal or non-thermal emission. This section will
discuss three emission mechanisms relevant to CMEs, free–free, gyrosynchrotron,
and plasma emission. The focus will be on plasma emission, since it is the main
source of radio emission associated with CMEs (Vourlidas 2004).

3.2.1 Free–free emission
When an electric charge 𝑞 undergoes an acceleration 𝑎, it emits electromagnetic ra-
diation with power 𝑃 according to the Larmor formula (Condon and Ransom 2016)

𝑃 = 𝑞2𝑎2
6π𝜖0𝑐3

, (3.1)

where 𝜖0 is the permittivity of free space and 𝑐 is the speed of light. Free–free radia-
tion is emitted when electrons pass by ions (mostly protons) in plasma, causing them
to be deflected and thus accelerated (or decelerated, since for conservation of energy
to be satisfied, the electron necessarily loses kinetic energy) by the Coulomb inter-
action between them and the ions. Free–free emission is named such because the
electron is free before the interaction and it remains free after it. Because the electron
loses energy in the interaction, free–free emission is also known as bremsstrahlung,
which is German for “braking radiation” (Condon and Ransom 2016).

Free–free radiation is emitted by thermal electrons and it is the primary emission
mechanism responsible for radio emission of the quiet Sun (Nindos 2020). CMEs,
which cause coronal plasma trapped in a magnetic field to expand outward from
the Sun, also produce free–free emission. If observed, the free–free emission has a
structure similar to that of the CME seen in white-light coronagraph images, but
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often this type of radio emission is hard to observe. This is because as it is coming
from thermal electrons, free–free emission is often masked by the much brighter
emission emanating from non-thermal sources (Vourlidas 2004).

3.2.2 Gyrosynchrotron emission
Gyrosynchrotron is one type of magnetobremsstrahlung, or “magnetic braking radi-
ation”. While free–free emission comes from the electric interaction between elec-
trons and ions in plasma, gyrosynchrotron radiation is emitted by electrons being
accelerated by a magnetic field. When an electron moves in a magnetic field, it ex-
periences a force acting on it according to the magnetic part of the Lorentz law

𝑭 = 𝑒𝒗 × 𝑩, (3.2)

where 𝑒 is the charge of the electron, 𝒗 its velocity, and𝑩 themagnetic flux density. A
force causes an acceleration, and an accelerating electric charge emits electromag-
netic radiation. The acceleration caused by the magnetic force does not affect the
magnitude of the velocity of the electron, only the direction of its motion. The direc-
tion of the acceleration is such that it causes the electron to move along a spiral in
the magnetic field.

In general, the radio emission by electrons moving in a magnetic field is termed
gyromagnetic emission (Nindos 2020). Depending on the energy of the emitting elec-
trons, there are three varieties of gyromagnetic emission. If the electrons are non-
relativistic (the Lorentz factor𝛾 ≈ 1) the emission is called gyroresonance or cyclotron
emission. Gyrosynchrotron emission comes from mildly relativistic electrons (for
which 𝛾 < 3). If the electrons are ultra-relativistic (𝛾 ≫ 1), the emission is termed
synchrotron emission (Dulk 1985).

Of these three forms of gyromagnetic emission, gyrosynchrotron can be associ-
atedwithCMEs (Vourlidas 2004), though observations of it in conjunctionwith them
are rare (Nindos 2020). On the Sun gyroresonance emission is primarily seen as mi-
crowaves coming from strongmagnetic fields above sunspots. Synchrotron emission
is very common in astronomical radio sources, for example the radio emission dis-
covered by Jansky was synchrotron emission from non-thermal electrons gyrating
in the magnetic field of the Milky Way galaxy (Burke et al. 2019). Gyroresonance
radiation is emitted by thermal electrons, while gyrosynchrotron and synchrotron
radiation can come from either thermal or non-thermal electrons. Gyrosynchrotron
emission from CMEs tends to be non-thermal, and most of the astronomical sources
of synchrotron radiation have power-law energy distributions, i.e., they are non-
thermal sources.
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3.2.3 Plasma emission
Plasma radiation is a coherent emission mechanism that plays an important role
in the radio emission of the Sun especially at frequencies below 1GHz. In and be-
low the hundreds of MHz range most emission from solar radio bursts comes from
plasma emission (Gary and Hurford 2004). As a coherent mechanism plasma emis-
sion can produce radiation of a far greater intensity than the incoherentmechanisms
described above. Plasma radiation is emitted by non-thermal electrons.

The mechanism behind plasma emission is more complex than the mechanism
behind free–free or gyrosynchrotron emission. Plasma emission occurs when an ex-
citing agent causes the generation of Langmuir waves in plasma, from which energy
then escapes as electromagnetic radiation. Langmuir waves, also known as electron
plasma waves, are longitudinal waves of the electrons in the plasma itself (Aschwan-
den 2006). Plasma emission occurs primarily at the local plasma frequency 𝜈p and
its second harmonic 2𝜈p. The local plasma density is defined by

𝜈p = 1
2π√

𝑛e𝑒2
𝑚e𝜖0

≈ 9√𝑛e, (3.3)

where 𝑛e is the electron density in m−3, 𝑒 is the charge of an electron,𝑚e is its mass
and 𝜖0 is again the permittivity of free space. This expression gives the plasma fre-
quency in Hz. Since the plasma density decreases when moving further out from
the Sun’s surface, the local plasma frequency also decreases. Emission at higher
harmonics is also possible, but very rare (Dulk 1985).

There are many possible versions of plasma emission processes and many pos-
sible mechanisms that are responsible for the intermediate steps in the overall pro-
cess. The original theory of plasma emission was developed by Ginzburg and Zhe-
leznyakov, who published it in 1958. Here we will provide a qualitative description
of a variant of their original theory following Melrose (1991). This variant, shown
schematically in Figure 3.1, consists of three stages.

In the first stage, an electron beam in the plasma generates an instability that
drives the production of Langmuirwaves in the plasma. One accepted instability that
produces Langmuir waves is the so-called bump-in-the-tail or two-stream instability
(e.g., Aschwanden 2006; Dulk 1985), where fast electrons outpacing slower ones and
arriving at some location before them causes a transient bump to form at the higher
end of the electron velocity distribution.

The second stage of the plasma emission process involves the production of trans-
verse waves6 at the fundamental plasma frequency. A number of ways for the energy
to escape from theLangmuirwaves as electromagnetic radiationhave been proposed.

6The term used for electromagnetic radiation by Melrose (1991). The term is also used in other
works on the subject.
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Figure 3.1 Schematic diagram of a variant of the theory of plasma emission
originally put forward by Ginzburg and Zheleznyakov in 1958. In this version of
the theory the Langmuir waves scatter from ion sound waves. In other versions
some other non-linear process is responsible for the scattering. Diagramadapted
from Melrose (1991).

Here the process of three-wave interactions will be described. As the name suggests,
this involves the interaction of three waves, either the production of a third wave
from the coalescence of two, or the production of two waves as a result of the decay
of a single wave. There are three types of waves that can take part in these three-wave
interactions: Langmuir waves (𝐿), ion acoustic waves (𝑆), and transverse waves (𝑇).
Ion acoustic waves or ion sound waves (see, e.g., Parks 2004) are low-frequency lon-
gitudinal oscillations of ions in plasma, similar to Langmuir waves, which are high-
frequency electron oscillations. They are similar to ordinary sound waves, such as
those propagating in air, though whereas the propagation of sound waves in a neu-
tral fluid is driven by the collisions between particles, ion acoustic waves are driven
mainly by the electrostatic interaction between the ions.

Looking first at the right-hand branch of the diagram in Figure 3.1, we see that
Langmuir waves can scatter off ion acoustic waves to generate either radio emission
at the fundamental plasma frequency or alternatively they can scatter into secondary
Langmuir waves. These two processes can be written as 𝐿 + 𝑆 → 𝑇 and 𝐿 + 𝑆 → 𝐿′,
respectively, where 𝐿′ indicates once-scattered Langmuir waves. In addition to these
coalescence processes there are two possible decay processes, 𝐿 → 𝑆 + 𝑇 and 𝐿 →
𝑆 + 𝐿′, that can occur.



3.3 CME-related radio bursts 21

Then on the left-hand branch of Figure 3.1 we have the production of radio emis-
sion at the second harmonic of the plasma frequency. This occurs via the process
𝐿 + 𝐿′ → 𝑇, in which Langmuir waves and once-scattered Langmuir waves coalesce
to produce the higher-frequency emission.

The version of the theory presented here does not take into account for example
the effects of a magnetic field on the plasma emission process. Over the years modi-
fications have been made to the theory to address this and other factors such as the
polarization of plasma emission. Melrose (2017) provides a recent and comprehen-
sive summary ofmany of thesemodifications, as well as references tomore thorough
treatments of them.

On the Sun plasma emission occurs in radio bursts, and contributions from it are
not seen in the radio spectrum of the quiet Sun. This is not surprising, as plasma
emission requires the acceleration of electrons in order to produce the Langmuir
waves that are the source of the radio emission. As mentioned at the start of this
section, plasma emission is themain source of radio emission associated with CMEs.
Flares are also significant sources of plasma emission (see, e.g., Bastian et al. 1998).
Plasma emission is the accepted emission mechanism of type II, III, and IV radio
bursts, which are all associated with CMEs (Gopalswamy 2011; Vourlidas 2004; for
descriptions see the following section).

3.3 CME-related radio bursts
Of the five different types of radio bursts mentioned at the start of the chapter, types
II, III, and IV are associatedwith CMEs (Gopalswamy 2011). All of these three bursts
are seen in the metric range, and all are produced by non-thermal distributions of
electrons. Figure 3.2 shows the three types of radio bursts in a simplified represen-
tation of a dynamic spectrum. Types II and IV are discussed below in more detail,
type III will only be briefly described here.

Type III radio bursts are characterized by a fast drift fromhigh to low frequencies.
The drift rate is higher for higher frequencies (White 2007). Often type III bursts
occur in groups that can contain asmany as 20 individual bursts, each lasting only for
a few seconds (Dulk 1985). Type III radio bursts are produced by plasma emission,
which is caused by electron beams that propagate outward from the Sun along open
magnetic field lines (Bougeret and Pick 2007).

Figure 3.2 also includes a fourth type of radio burst, the type V radio burst. Type
V bursts are associated with type III bursts, appearing in conjunction with around
10% of them. They appear as extended wideband continuum phases following type
III bursts (Wild et al. 1963).
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3.3.1 Type II radio bursts

Type II radio bursts are characterized by a slow drift fromhigher to lower frequencies
that lasts typically around 10 minutes (Wild and Smerd 1972). They mostly occur at
frequencies below 150MHz (Gopalswamy 2006) and drift to lower frequencies at a
rate of around 0.25 to 1MHz s−1 (Melrose 2017; Street et al. 1994). Type II radio
bursts are usually either unpolarized or weakly polarized (Dulk 1985; Wild et al.
1963). They are caused by non-thermal electrons that are accelerated in the upstream
regions of coronal or interplanetary shocks, such as those driven by CMEs (Bougeret
and Pick 2007).

The emission from type II radio bursts ismostly observed in the fundamental and
the harmonic of the local plasma frequency and thus the accepted emission mecha-
nism of the radiation is plasma emission (Gopalswamy 2006; Vourlidas 2004). The
plasma emission is thought to result from electrons which are reflected from the
shock front via shock drift acceleration, which makes the upstream plasma unstable
to the production of Langmuir waves (see Sections 2.5 and 3.2.3).

As with other radiation caused by plasma emission, the higher frequencies of the
emission originate from lower in the solar corona, while lower frequency emission
comes from higher up in the corona (Gopalswamy 2006). The drift in frequency is
therefore interpreted as being caused by the outward motion of the source, i.e., the
shock, and the emitting electrons through the corona. If the coronal density can be
estimated, the drift rate of a type II radio burst can be used to calculate the speed of
the shock that causes it (e.g., Magdalenić et al. 2010).

Emission at the second harmonic of the plasma frequency is seen in about 60% of
type II radio bursts (Street et al. 1994). Many times, both the fundamental and har-
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Figure 3.2 Idealized dynamic spectrum showing four of the five different types
of solar radio bursts appearing in themetric to decametric wavelength range. Of
these, types II, III, and IV are related to CMEs, with type V radio bursts rarely
accompanying type III radio bursts. Adapted from Cliver (2001).
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monic bands are split into two subbands in a phenomenon known as band splitting.
The relative split in frequency typically ranges between 0.05 and 0.6 of the central
frequency, though lower in the corona the split tends to be on the smaller end of
the range, around 0.1 (Vršnak et al. 2001). One possible explanation for band split-
ting, put forward by Holman and Pesses (1983), is that the two bands originate from
different regions in the shock front and that this separation results in the observed
difference in their frequencies. Another possible explanation is that the two bands
originate on the upstream and downstream regions of the shock (Smerd et al. 1974,
1975). Observations of type II band splitting can be used for example to estimate the
coronal magnetic field (e.g., Mahrous et al. 2018).

In addition to the slow-drift component of the burst, a type II can have fast-drift
lanes that emanate towards higher and lower frequencies from the slow-drift com-
ponent. These fast-drift structures are known as herringbones (see, e.g., Aschwanden
2006; Mann and Klassen 2005), and an example of a type II with these bursts can be
seen in Figure 3.3. In a type II that has these herringbones the slow-drift component
is typically called the backbone. It has been estimated that herringbones are seen in
about 20% of type II radio bursts (Benz and Thejappa 1988). Whereas the backbone

Figure 3.3 Dynamic spectrum showing a type II radio burst with the slowly
drifting backbone (starting around 458 s at 62MHz) and on both sides of it the
fast-drift herringbones. The herringbones appear on either side of the backbone,
the ones above drifting down in frequency, and the ones below drifting up in
frequency. The herringbones are produced by electron beams being accelerated
via shock drift acceleration at the shock front of a CME-driven shock. Adapted
from Miteva and Mann (2007).
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is at most weakly polarized, herringbones can be somewhat more strongly polarized
(Cairns and Robinson 1987). The sense of polarization between the two components
is always the same (Benz and Thejappa 1988).

Herringbones are similar in structure to type III radio bursts, though on average
they have a drift rate about half that of type IIIs (Mann and Klassen 2002) and the
range over which the frequency drifts in herringbones is much smaller than in type
IIIs (Mann and Klassen 2005). Typically herringbones have a drift rate of around
10MHz s−1. Herringbones, like type III radio bursts, are thought to originate from
electron beams that travel along openmagnetic field lines (Mann and Klassen 2005).

Herringbones are believed to be produced via shock drift acceleration along with
the type II backbone (Holman and Pesses 1983). The electrons that produce herring-
bones are accelerated at the shock front along with those that produce the backbone,
but escape in beams along open magnetic field lines. Herringbone production, just
as the production of type II bursts in general, requires the shock to be nearly per-
pendicular (Mann and Klassen 2005). Holman and Pesses (1983) have also noted
that just as a backbone may be seen without herringbones, herringbones may be ob-
served without a backbone (see also, e.g., Morosan et al. 2019a). The presence of the
backbone and herringbones depend on the geometry of the shock and the locations
of the particle acceleration regions.

3.3.2 Type IV radio bursts
Type IV radio bursts are characterized by broadband continuumemission thatmainly
occurs in the tens of MHz to GHz range and typically lasts for tens of minutes. The
original definition of type IV radio bursts referred to continuum emission from a
source moving outward through the corona (Dulk 1985). Later on bursts with simi-
lar spectral characteristics whose sources did not appear to propagate in the corona
were identified. They were also termed type IV bursts, which led to these two va-
rieties being separated into moving type IV (IVm) and stationary type IV (IVs) radio
bursts (Weiss 1963). Since the source of a type IVm propagates outward from the
Sun, the burst shows a frequency drift in a dynamic spectrum, while a type IVs does
not (Liu et al. 2018).

A number of different emission mechanisms have been proposed to be responsi-
ble for type IV radio bursts, among them synchrotron (Bastian et al. 2001), gyrosyn-
chrotron (Bain et al. 2014; Carley et al. 2017), and plasma emission (Gary et al. 1985;
Salas-Matamoros and Klein 2020; Vasanth et al. 2019). Morosan et al. (2019b) have
also shown that the emission mechanism of a type IV radio burst can change over
the lifetime of the burst. If the emission mechanism can be determined, type IV
bursts can be used as diagnostic tools to probe the plasma conditions of the emitting
region. Properties such as electron density or magnetic field can be estimated from
observations of type IV bursts (Carley et al. 2020).



3.3 CME-related radio bursts 25

Most type IV bursts are associated with CMEs. A recent statistical study by Ku-
mari et al. (2021) found that out of 446 type IV radio bursts that occurred over solar
cycle 24, around 81%were associated with a CME. The converse however is not true,
i.e., most CMEs are not accompanied by type IV bursts. In their study, Kumari et al.
(2021) found that only 2.2% of CMEs were accompanied by type IV radio bursts.
They also found that type IVs bursts are much more common than type IVm bursts,
with only about 18% of the type IV bursts being moving.

Type IV radio bursts are also associatedwith flares. In a statistical study of 685 ra-
dio events which included type II and type IV radio bursts, Cane and Reames (1988a)
found that around 84% of type IV bursts were associated with a flare. Most of the
type IV-associated flares were intense, long-duration events. In an associated study
on the same data set Cane and Reames (1988b) found that 88% of the type IV bursts
were preceded by a type II burst. Just as with CMEs, the converse was found not to
be true: only about 30% of type II bursts were followed by a type IV. Some type IV
bursts that follow type II bursts may be caused by electrons transmitted to the down-
stream region of a shock, where they can interact with the enhanced magnetic field
to produce gyrosynchrotron radiation (Holman and Pesses 1983).
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This chapter introduces some relevant concepts from the theory of radiative trans-
fer, including specific intensity, flux density and brightness temperature. The units
commonly used in radio astronomy to measure these quantities are also described.
Finally, the concept of spectral index is introduced, describing what it is and how it
can be used to probe the possible nature of observed radio emission.

4.1 Measuring radio emission
The radio data used in this thesis is recorded as brightness temperature (see, e.g.,
Condon and Ransom 2016; Rybicki and Lightman 2004; Wilson et al. 2009) which,
though it is called a temperature andmeasured in kelvins, is not the same as physical
temperature. Rather, brightness temperature is a measure of the specific intensity,
or the brightness, of radiation. Let us now see where this convention of using tem-
perature as a measure of brightness comes from.

4.1.1 Specific intensity and flux density
Starting with terminology, brightness or intensity refers to the power of radiation per
unit area per unit solid angle. Some distinguish between these two, with brightness
referring to the power emitted at the source, and intensity to the power along the
path of the radiation to the detector. Assuming there is no emission or absorption
happening along the way (such is the case in empty space), the two powers are the
same, and here the two are used to refer to the same thing. Brightness is indepen-
dent of distance, meaning in other words that the brightness measured at the source
and at the detector are equal. As an example, this means that the Sun has the same
brightness regardless of whether it is viewed from the Earth or from Venus.

Whereas brightness refers to the total power contributed by all frequencies, spe-
cific intensity or spectral brightness, denoted by 𝐼𝜈 is the intensity of radiation per unit
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frequency. The units of 𝐼𝜈 are Wm−2Hz−1 sr−1.7 As solar observations are usually
conducted in narrow passbands, this quantity is more useful to consider than the
total brightness across the entire spectrum.

Measuring specific intensity is usually possible for solar radio sources, sincemost
of the time the source is larger than the beam of the observing telescope (the beam
is the area from which the radiation arrives at the antenna). This, however, is not
so for most astrophysical radio sources. They are unresolved in the sense that the
source itself is smaller than the beam of the receiving telescope and thus the angular
information is lost. In cases such as this what can be measured is the flux density,
denoted by 𝑆𝜈, which is the spectral power received by a detector per unit projected
area. The units of 𝑆𝜈 are Wm−2Hz−1 (Burke et al. 2019). The flux densities of astro-
nomical and solar radio sources are very small, so astronomers mostly use the unit
jansky,8 defined as

1 Jy = 10−26Wm−2Hz−1,
when measuring flux densities. In addition to this, in solar radio physics the unit
solar flux unit (Bougeret and Pick 2007), defined as

1 sfu = 10−22Wm−2Hz−1 = 104 Jy,

is used for measuring flux densities.
Flux density can be defined using specific intensity. The flux density of a source

of radiation is given by the integral of the specific intensity of the source over the
solid angle 𝛺s subtended by it, i.e.,

𝑆𝜈 = ∫
𝛺s
𝐼𝜈(𝜃,𝜙) cos 𝜃d𝛺, (4.1)

where d𝛺 is a solid angle element and 𝜃 is the angle between the line of sight and a
normal to the surface of the detector. Assuming that the source’s specific intensity is
constant over𝛺s, and that 𝜃 ≪ 1 (meaning that the detector is directed at the source
and the source is small so that 𝜃 remains small over the extent of the source), i.e.,
cos 𝜃 ≈ 1, then (4.1) simply gives

𝑆𝜈 = 𝐼𝜈𝛺s. (4.2)

As we will shortly see, flux density is useful when studying the spectral properties
of solar radio bursts. Using the relationship given above between specific intensity

7In radio astronomy frequency is used more than wavelength, but naturally specific intensity can
also be defined as the intensity of radiation per unit wavelength. In this case it is denoted by 𝐼𝜆 and
has the units Wm−2m−1 sr−1 = Wm−3 sr−1.

8In honor of the American physicist Karl G. Jansky (1905–1950), who is widely considered to be
the father of radio astronomy due to his 1931 discovery of radio emission coming from theMilkyWay
galaxy (Burke et al. 2019).
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and flux density we can estimate the flux density of an extended radio burst from the
recorded brightness data.

4.1.2 Brightness temperature
A black body is an idealized absorber and emitter of electromagnetic radiation. It
absorbs all electromagnetic radiation incident on it, reflecting nothing. In addition
to this, a black body in thermal equilibrium with its surroundings will necessarily
(in order to remain in thermal equilibrium) emit electromagnetic radiation, termed
black-body radiation. The radiation emitted by a black body is isotropic, meaning
that the black body radiates equally in all directions. The spectral distribution of
black-body radiation at a given temperature 𝑇 is given by Planck’s law,

𝐵𝜈(𝑇) = 2ℎ𝜈3
𝑐2

1
eℎ𝜈/(𝑘𝑇) − 1, (4.3)

where 𝐵𝜈 is the specific intensity of the black-body radiation, 𝜈 is the frequency of
the radiation, 𝑐 is the speed of light, ℎ is the Planck constant, and 𝑘 is the Boltzmann
constant.

In the limit of low frequencies, where ℎ𝜈 ≪ 𝑘𝑇, the exponential in the denomi-
nator of (4.3) can be approximated as

eℎ𝜈/(𝑘𝑇) = 1 + ℎ𝜈
𝑘𝑇 +⋯ ≈ 1 + ℎ𝜈

𝑘𝑇 .

Then, using this in (4.3) we get

𝐵𝜈(𝑇) ≈ 2ℎ𝜈3
𝑐2

𝑘𝑇
ℎ𝜈 = 2𝑘𝜈2

𝑐2 𝑇. (4.4)

This is known as the Rayleigh–Jeans law, and it gives the specific intensity of black-
body radiation at low frequencies. We see that 𝐵𝜈 given by (4.4) diverges for high
frequencies. The Rayleigh–Jeans law was first derived in the beginning of the 20th
century by the British physicists Lord Rayleigh and James Jean using assumptions
from classical physics (see, e.g., Beiser 2003). The breakdown between the predic-
tions of classical physics and experimental results became known as the ultraviolet
catastrophe. The problems caused by this breakdown were solved by the German
physicist Max Planck, who in 1900 discovered the law which now bears his name,
and is described mathematically by equation (4.3).

We see from equation (4.4) that at low frequencies, a condition that certainly
holds for observations conducted in radio astronomy, the specific intensity of the
radiation that is emitted by a black body is directly proportional to its temperature.
Thus we can define the brightness temperature 𝑇B as the temperature a black-body
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radiator would need to have in order to produce radiation of the same specific in-
tensity as the observed source. From (4.4) we can write specific intensity in terms of
brightness temperature as

𝐼𝜈 = 2𝑘𝜈2
𝑐2 𝑇B. (4.5)

Putting this together with (4.2) we see that flux density and brightness temperature
are related to each other by

𝑆𝜈 = 2𝑘𝜈2𝛺s
𝑐2 𝑇B. (4.6)

This expresses flux density in terms of the frequency of the radiation. Equivalently,
flux density can be written in terms of the wavelength of the radiation, so that

𝑆𝜆 = 2𝑘𝛺s
𝜆2 𝑇B. (4.7)

4.2 Spectral index
Just as with black-body radiation, the intensity of radio emission radiated by a typical
solar (or astrophysical) radio source is not constant across the frequency spectrum
of the radiation. The relationship between intensity and frequency is described by
the spectral index 𝛼 (see, e.g., Burke et al. 2019; Condon and Ransom 2016), though
usually the relationship is between the flux density and frequency, but as we see
from above flux density is just the total intensity integrated over the source, so their
frequency-dependence is the same.

The spectral index is usually defined by the expression

𝑆𝜈(𝜈) ∝ 𝜈𝛼, (4.8)

which shows that the flux density of the radio source follows a power law in fre-
quency. Another equivalent way of defining the spectral index is by defining it as
the slope of the flux spectrum in a log–log plot, namely

𝛼 = d log 𝑆𝜈
d log𝜈 , (4.9)

where log is the base-10 logarithm. Looking at both of these definitions, we see that
if 𝛼 > 0, the flux density of the source increases with frequency, and if 𝛼 < 0, the
flux density decreases with frequency.

It should be noted that in many astrophysics and space physics textbooks and ar-
ticles, especially older ones, the spectral index is defined with the opposite sign con-
vention so that 𝑆𝜈(𝜈) ∝ 𝜈−𝛼 (e.g., Rybicki and Lightman 2004 and the first edition
of Burke et al. 2019 use this convention). The reason for this choice was that many
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sources that were discovered in the early days of radio astronomy radiated more in-
tensely at low frequencies than at high frequencies (Condon and Ransom 2016), and
therefore it made sense to include the minus sign in the definition.

Different emission mechanisms have different shapes to their spectra, and thus
their spectral indices may differ significantly. In general, optically thick (opaque)
emission is characterized by flux increasing with frequency, which implies a positive
spectral index, while the flux of optically thin (transparent) emission falls off with
increasing frequency (Nindos 2020).

At low frequencies thermal emission, for example, has a spectral index of 𝛼 ≈ 2.
This is because at low frequencies thermal sources mostly radiate according to the
Rayleigh–Jeans law, and as we see from (4.6), in the Rayleigh–Jeans regime 𝑆𝜈 ∝ 𝜈2.
For example, the radio emission of the quiet Sun is largely thermal in origin. At some
higher frequency, 𝜈 ≫ 1GHz, the emission becomes optically thin and the spectral
index flattens to 𝛼  ≈ −0.1 (Condon and Ransom 2016).

In contrast many astrophysical radio sources such as radio galaxies have syn-
chrotron spectra at low frequencies, which are characterized by a relatively steep
fall in flux with frequency, meaning that for synchrotron emission 𝛼 < 0. In gen-
eral, a negative spectral index indicates that the emission is non-thermal in origin
(Bastian et al. 2001), though similar to the spectrum of thermal emission, the spec-
trum of gyrosynchrotron emission can be divided into optically thick and optically
thin parts (Nindos 2020). The emission is optically thick at low frequencies, meaning
the spectral index is positive, and becomes optically thin at some higher frequency,
at which point the spectral index turns negative. For solar radio bursts the turnover
frequency, i.e., the frequency for which the emission turns from optically thick to
optically thin, is 𝜈 ≳ 1GHz (Carley et al. 2017; Nita et al. 2004). Therefore a negative
spectral index in the hundreds of MHz range indicates that the radiation is due to
plasma emission.
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In this thesis the radio emission associated with a CME is studied in detail. The
investigation employs not only radio data but white-light and EUV images as well.
In this chapter the sources of data and themethods of analysis are explained in detail.
The CME that the radio bursts accompanied is also described. The description of the
CME event largely summarizes the findings of previous studies of the ejection.

5.1 Data sources
Here the sources of data used in the thesis work are described in some detail. This
being a work of solar radiophysics, themain source of data is the Nançay Radiohelio-
graph. Using only radio data is not enough however, but they need to be compared
with data from other sources. Here imaging from white-light coronagraph and EUV
instruments is used to support the analysis of the radio data. The white-light and
EUV data sources are also described.

5.1.1 Nançay Radioheliograph (NRH)
TheNançay Radioheliograph (NRH; Kerdraon and Delouis 1997), part of the Nançay
Radio Observatory located in central France, is a T-shaped interferometer array ded-
icated to observing the Sun at a number of radio wavelengths.

The Nançay Radio Observatory was established in 1953, and the predecessor to
NRH started operating there in June 1956 (Pick et al. 2011). The original interfer-
ometer consisted of eight 5m dishes spaced at 50m intervals. Over the decades
the original system has been developed into the radioheliograph that is still in used
today. The current version of NRH consists of two perpendicular antenna arrays,
one oriented along an east–west direction, the other one north–south. Together
the arrays contain 43 antennas. In addition to these NRH has four antennas out-
side the array to improve image quality, bringing the total number of antennas to
47 (https://www.obs-nancay.fr/radioheliographe). The antennas are motor-
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ized so that they can follow the Sun as it moves in the sky during the daily 7.5 hour
observation period. Depending on observation frequency and direction, the spatial
resolution of NRH is between 0.3 and 6 arcmin.

The east–west array contains 19 of the 47 antennas. Four of the antennas have
parabolic collectors, while the other 15 antennas have no dishes and instead consist
only of thick dipole antennas. Of the antennas with parabolic collectors, two have
10m dishes, one has a 7m dish and one a 5m dish. This last antenna is situated at
the crossing point of the east–west and the north–south arrays and is shared among
them. The main part of the array, that is the 15 dipole antennas and the central dish,
are spaced at 100m intervals. Then the 7mdish is 50m from themost easterly dipole,
and the 10m dish is another 50m east. The other 10m dish is 1600m east, meaning
that the possible baselines of the east–west array range from 50m to 3200m.

The north–south array, which was added in 1980 (The Radioheliograph Group
1983), contains 25 antennas, including the one shared with the east–west array. The
first 24 antennas have 5m parabolic collectors and are spaced at 54.3m intervals,
meaning that the main part of the north–south array has a maximum baseline of
1248m. The 25th antenna, which was added later, has a 7m parabolic collector and
is located 1200m south of the main array. Thus the entire north–south array has a
maximum baseline of about 2448m.

Currently NRH can performmeasurements at up to 10 frequencies ranging from
150MHz to 450MHz, with an observing bandwidth of 700 kHz. Observations at dif-
ferent frequencies are not done simultaneously. Instead, during standard operations
each frequency is observed for 5ms, after which the next frequency is chosen during
a 100 µs switch period. The observed frequencies can be chosen in 100 kHz steps.

The feed system of the multifrequency antennas consists of thick folded dipoles.
Each dipole has a bandwidth of about one octave, whichmeans that two such dipoles
are needed to cover the full band of frequencies from 150MHz to 450MHz. The
two dipoles in each feed cover the ranges 150 – 260MHz and 260 – 450MHz. The
antennas of the north–south array and the four antennas of the east–west array that
have dishes are equipped with two orthogonal pairs of dipoles, while the rest of the
east–west antennas have only one such pair. The orthogonal pairs are needed to
measure circular polarization. To illustrate this, consider the east–west array. If we
denote the orthogonal dipole pairs of the dish antennas as (𝑋, 𝑌) and the single dipole
pair of the other antennas as (𝑥), then performing the correlations 𝑋, 𝑥 and 𝑌, 𝑥 give
us the Stokes 𝐼 and Stokes𝑉 parameters, i.e., total intensity and circular polarization,
respectively. The dipoles are oriented in such a way that 𝑋 is parallel to, and 𝑌 is
perpendicular to 𝑥.

For the first 20 years of operations, NRH only provided one-dimensional images
of the Sun’s radio emission. Limited two-dimensional imagingwas possible (Alissan-
drakis et al. 1985) by using Earth-rotation aperture synthesis, whichmeans using the
Earth’s rotation to improve the 𝑢𝑣-coverage of the interferometer array. But while
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two-dimensional maps of the Sun could be produced this way, it required a full day’s
observations to be able to compute such maps (The Radioheliograph Group 1993).
Fast two-dimensional imaging was made possible in 1996, when the analog corre-
lator used by NRH was upgraded into a digital one (Kerdraon and Delouis 1997).
The first two-dimensional images were produced using the north–south array to-
gether with the western 17 antennas of the east–west array (i.e., excluding the 10m
antennas). Because all the antennas of the east–west array were not used in the two-
dimensional imaging, the spatial resolution of the two-dimensional images was four
times lower than in one-dimensional east–west scans. The current version of NRH
uses all the antennas, including the four outside the arrays, for two-dimensional
imaging so spatial resolution does not suffer.

The total number of correlations possible with the array configuration that was
used for the first two-dimensional images was 861. This included many redundant
correlations that were not needed, mostly in the directions of the north–south and
east–west arrays, and thus the first digital correlator was limited to 576 correlations.
This number included all the products between north–south and east–west antennas
as well as some redundant correlations. The current correlator, installed in 2015, can
handle all the correlations between all the 47 antennas.

From the correlator the correlations are passed on to a computer, which calcu-
lates the visibilities and calibrates the data. Calibration is done based on observations
of known sources of intense radio emission, like the radio galaxy Cygnus A, one of
the strongest observable radio sources in the sky. In addition to data processing the
computer also handles data storage. The computer produces and displays some raw
images in real time. This is done to ensure that the system works correctly, and this
also allows some measure of real time scientific interaction.

5.1.2 Atmospheric Imaging Assembly (AIA)
The Atmospheric Imaging Assembly (AIA; Lemen et al. 2012) is an EUV imaging in-
strument that provides continuous full-disk observations of the solar chromosphere
and corona up to 0.5𝑅⊙ above the solar limb. AIA is a part of NASA’s Solar Dynam-
ics Observatory (SDO; Pesnell et al. 2012) mission, which was launched in February
2011. The primary goal of SDO has been to enhance our understanding of how the
Sun influences the Earth and near-Earth space. AIA has worked towards this goal
by providing high cadence and high resolution images of the Sun’s atmosphere at a
multitude of wavelengths, enabling the study of coronal variations and the evolution
of the solar magnetic environment.

AIA consists of four telescopes that image the Sun and its atmosphere at seven
different EUVwavelengths. In addition to EUV imaging, AIA provides images of the
Sun at two UV wavelengths as well as one visible wavelength. The visible bandpass
enables coalignmentwith images fromother telescopes. Three of the telescopes have
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Table 5.1 The wavelengths observed by AIA, along with their primary ions.
The temperature is the characteristic emission temperature corresponding to the
wavelength. Adapted from Lemen et al. (2012).

Channel Primary ion(s) Region of atmosphere 𝑇 [K]
4500Å continuum photosphere 5000
1700Å continuum temperature minimum, photosphere 5000
1600Å C iv + continuum transition region, upper photosphere 1.0 × 106
335Å Fe xvi active-region corona 2.5 × 106
304Å He ii chromosphere, transition region 5.0 × 105
211Å Fe xiv active-region corona 2.0 × 106
193Å Fe xii, xxiv corona and hot flare plasma 1.6 × 106, 2.0 × 107
171Å Fe ix quiet corona, upper transition region 6.3 × 105
131Å Fe viii, xxi transition region, flaring corona 4.0 × 105, 1.0 × 107
94Å Fe xviii flaring corona 6.3 × 106

two EUV bandpasses, while the remaining telescope houses an EUV bandpass on
one half and a broadband UV coating on the other half. The visible bandpass filter
is also included on this telescope. The desired wavelength channel is chosen using a
filter wheel in three of the telescopes, while one uses a selector mechanism for this.

The EUV wavelengths range from 94Å to 335Å, and together with the UV and
visible wavelengths they correspond to temperatures ranging from 5000K all theway
to 20MK. All ten channels are listed in Table 5.1. All of the EUV wavelengths corre-
spond to emission lines of iron (and in one case of helium) ions, and these are also
listed in Table 5.1. The table also lists the likely source regions of the radiation as
well as their characteristic emission temperatures.

When EUV radiation enters one of the telescopes, it is passed via the primary and
the secondary mirrors to the charge-coupled device (CCD), which is the same for all
telescopes. Each CCD has 4096 × 4096 pixels, and each pixel has a size of 12 µm,
which corresponds to 0.6 arcsec. This gives all of AIA’s telescopes a field of view of
41 arcmin along the detector axes. The spatial resolution that is achieved with AIA
is 1.5 arcsec.

The standard temporal resolution of AIA is 12 seconds. In that 12 seconds each
telescope can take two pictures, which means that an image at each of the EUV and
one of the UV (or visible) wavelengths is produced. As each 12 seconds is divided
into two 6 second intervals, one for each bandpass, and 3.1 seconds is needed to
perform the camera readout and other system functions, in normal operations the
maximum exposure time is 2.9 seconds. If the need arises, however, the cadence can
be shortened to 10 seconds, which shortens the exposure time to around 2 seconds.

SDO was placed into an inclined geosynchronous orbit 35 800 km above the sur-
face of the Earth. This orbit is such that it not only permits continuous transmission
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of data from the satellite down to the ground, but also gives SDO an almost unin-
terrupted coverage of the Sun for months at a time. From the entire year, a total of
around 44 hours of coverage is lost due to eclipses of the Sun by the Earth. The cov-
erage loss happens twice a year, taking place over someweeks around the equinoxes.
In addition to the Earth blocking the Sun, SDO will experience a few lunar transits
per year, though this does not cause much data loss.

The AIA images are distributed to the public as FITS files (Pence et al. 2010), and
they aremade available at Level 1 or Level 1.5 processing. Level 1 processing includes
for example filtering for bad pixels and orienting the picture such that the solar north
points up. Level 1.5 processing includes for example scaling all the images to the
same scale and shifting the image so that the center of the Sun is in the middle of
each image. Additionally Level 1.5 AIA data come with magnetograms provided
by Helioseismic Magnetic Imager (HMI), another instrument on board SDO. The file
header structure for both Level 1 and Level 1.5 images is the same, i.e., both have the
same keywords but the values reflect the level of processing.

SDO has been observing the Sun for over 10 years and continues to do so to this
day, more than doubling the initial baseline mission lifetime of five years. Indeed,
it is expected that SDO and its instruments will continue to work and observe the
Sun for at least another decade (Johnson-Groh 2020), providing valuable data to the
scientific community.

5.1.3 Sun Watcher Using Active Pixel Sensor and Image
Processing (SWAP)

Like AIA, the Sun Watcher Using Active Pixel Sensor and Image Processing (SWAP;
Halain et al. 2013; Seaton et al. 2013) is an EUV telescope, but unlike AIA, SWAP ob-
serves the Sun only at one bandpass that is centered around 174Å. SWAP is on board
ESA’s Project for On-Board Autonomy 2 (PROBA2; Santandrea et al. 2013) mission,
which was sent into space in November 2009 and which is one of a series of mi-
crosatellites launched by ESA, whose main objective “is the demonstration and vali-
dation in flight of innovative space technologies and techniques, in order to promote
their utilisation in future space missions” (Santandrea et al. 2013). While this is the
main objective of the missions, the PROBA satellites also include science payloads,
one of which is SWAP

While at first glance it seems that SWAP does not offer much compared to AIA,
with only one EUV bandpass compared to AIA’s seven, and lower spatial and tempo-
ral resolution, the data it produces is still useful for the scientific community. Where
SWAP excels over AIA and other instruments is that at 54 arcmin it offers the widest
field of view of the Sun from Earth’s orbit. During nominal operations SWAP has a
temporal resolution of about two minutes.
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WhereasAIAuses CCDdetectors, SWAP employs a complementarymetal-oxide-
semiconductor active-pixel sensor (CMOS-APS) technology. It is the first such detec-
tor to be used for scientific solar observation from space. The sensor has 1024 × 1024
pixels with a pixel size of 18 µm, which corresponds to 3.2 arcsec. The CMOS-APS
is more resistant to blooming during bright solar phenomena such as strong flares
than the detectors used in many other instruments.

The bandpass centered on 174Å was chosen for SWAP because it “contains the
brightest coronal emission lines in the EUV spectrum, and simultaneously provides
satisfactory response to emission from the features and events that serve as the drivers
of space weather” (Seaton et al. 2013). There are three primary emission lines in
SWAP’s bandpass, one of Fe ix (171.07Å) and two of Fe x (174.53Å, 177.24Å), with
the Fe ix line being the most intense one.

PROBA2 was placed into a circular Sun-synchronous orbit with an altitude of
730 km. The orbit was chosen such that it provides the satellite an almost continuous
view of the Sun, with a limited eclipse season from mid-November until the end of
January. During the eclipse season the Sun is eclipsed by the Earth for a maximum
of 18 minutes per orbit, and for the rest of the year the satellite can observe the Sun
without interruption.

There is one special feature in PROBA2 that can be used to better observe and
track CMEs, and that is the ability to quickly adjust the pointing of SWAP in any
direction. This functionality leverages the nearly real-time onboard processing of
SWAP images, as this allows the onboard detection of eruptive events in some pre-
defined set of sectors. If such an event, a CME for example, were detected by the
computer, an off-pointing procedure that enables SWAP to follow the CME as it
propagates outward from the Sun would be triggered. Image cadence can also be
increased in order to better capture the event.

While in theory this ability increases SWAP’s total field of view by a factor of
three, in reality there are limitations that many times make the process not worth-
while. A big limitation is the fact that the onboard software has trouble identifying
CMEs correctly from other bright transients that may appear in the images. There
have also been relatively few events bright enough to be seen well outside SWAP’s
normal field of view to make the off-pointing procedure worth the effort.

The off-pointing ability can, however, also be used to create a mosaic image with
an extended field of view to better show large-scale coronal structures. An example
showing the extent to which the field of view widened can be seen in Figure 5.1, in
which the mosaic image’s field of view is compared to SWAP’s nominal field of view
aswell as to AIA’s field of view. In the figurewe also see how some coronal structures
may not fully fit into AIA images, but can be observed in images taken by SWAP.

The images taken by SWAP are available to the scientific community as FITS files
at two different data levels. Level-0 refers to uncalibrated images, and Level-1 to
calibrated and corrected images. Additional information is included as keywords in
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Figure 5.1 Comparison between the standard SWAP andAIAfields of view and
the field of view of a mosaic image produced using SWAP’s off-pointing ability.
The dotted line marks the two solar radii distance from the center of the Sun.
Reprinted from Seaton et al. (2013).

the FITS headers, with the Level-0 image headers containing all information needed
to calibrate the images. The Level-0 archive contains all the images taken by SWAP,
while the Level-1 archive contains only images useful for scientific analysis.

5.1.4 Large Angle Spectroscopic Coronagraph (LASCO)
The Large Angle Spectroscopic Coronagraph (LASCO; Brueckner et al. 1995) is an
imaging instrument consisting of three coronagraphs, C1, C2, and C3, observing the
solar corona from 1.1 to 30𝑅⊙. Two of the coronagraphs, C2 and C3, are white-light
coronagraphs. The C1 coronagraph, which is no longer operational, was equipped
with a Fabry–Pérot interferometer, which could be used to produce images of the low
corona in narrow passbands in wavelength in the visible domain.

LASCO is part of the Solar and Heliospheric Observatory (SOHO; Domingo et al.
1995b) mission, which is a joint project of ESA and NASA, launched in December
1995. The main objectives of the SOHO mission have been “to reach a better un-
derstanding of the structure and dynamics of the solar interior using techniques of
helioseismology” (Domingo et al. 1995a), and also “to gain a better insight into the
physical processes that form and heat the Sun’s corona, maintain it and give rise to
its acceleration into the solar wind” (Domingo et al. 1995a). SOHO includes 12 in-
struments that employ a number of different techniques to observe the Sun and its
surrounding space.

The C2 and C3 coronagraphs are externally occulted and observe the Sun in vis-
ible light. The field of view of C2 is from 1.5 to 6𝑅⊙, while the field of view of C3 is
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from 3.7 to 30𝑅⊙. The wide field of view of C3 makes LASCO the first instrument
to image the solar corona beyond 10𝑅⊙. In addition to the external occulter, which
blocks out most of the photospheric light incident on the instrument, the telescope
design for both C2 and C3 includes an internal occulter as well. This functions to
suppress the largest source of stray light in the coronagraph, i.e., the diffracted light
originating from the edges of the external occulter. The pixel size is 11.3 arcsec in C2
and 56.3 arcsec in C3, meaning that the telescopes have spatial resolutions of around
23 arcsec and 113 arcsec, respectively. For both telescopes the spatial resolution is
maintained over most of the field of view, but there is a loss of resolution due to
vignetting near the inner edge of the field of view.

Each telescope uses a front-illuminated 1024 × 1024 pixel CCD to record the im-
ages of the solar corona. The pixels are 21 µm on a side, and scaling that with the
field of view gives each of the telescopes the effective pixel size in arcsec mentioned
above. Exposure times used for capturing the images are on the order of a few min-
utes. This means that for example dark current, which is thermally generated noise
in the CCD sensor, is negligible. After exposure the image is read at 50 000 pixels per
second, meaning that it takes a little over 20 seconds to read out one full image.

SOHO is in a halo orbit around the L1 Lagrangian point of the Sun–Earth system,
which is located around 1.5 × 106 km from the Earth on the Sun–Earth line. The halo
orbit means that SOHO is not situated at the L1 point, but rather orbits around it.
This orbit was chosen because it allows SOHO’s instruments a continuous view of
the Sun. From its orbit SOHO continuously transmits science data, which is received
using NASA’s Deep Space Network (DSN). The data is forwarded to NASA’s Goddard
Space Flight Center (GSFC) in Greenbelt, Maryland, where it is analyzed and made
available to the science community.

The SOHO mission was originally designed to be a two-year mission, with suf-
ficient onboard consumables for a total of six years. The mission, however, proved
so successful that the satellite continues to observe the Sun and transmit the data to
Earth to this day. As of 2020 the SOHO mission has been extended at least until the
end of 2022 (ESA 2019). With regard to CME research, LASCO has gone on to pro-
vide by far the largest CME dataset to date. From 1996, when SOHO first started to
send data, to the end of 2011 the number of CMEs observed by LASCO was around
18 000 (Howard 2014), and the dataset has just been growing since then.

5.2 Observations
In the previous section the sources of the data used in this thesis were described. In
this section the radio and EUV data employed in the analysis are discussed. Before
that however we summarize what is known about the CME in question based on a
number of earlier studies.
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5.2.1 The CME of May 22, 2013
The CME that is studied in this thesis erupted on May 22, 2013. It was observed
in white light by several coronagraphs, namely LASCO C2 and C3 on board SOHO,
and COR1 and COR2 of the Sun Earth Connection Coronal and Heliospheric Inves-
tigation (SECCHI; Howard et al. 2008) on board the twin Solar Terrestrial Relations
Observatory (STEREO; Kaiser et al. 2008) spacecraft. LASCO images show the CME
from Earth’s perspective, while STEREO-A and STEREO-B had longitudinal separa-
tions of 137° and −141° from the Earth, respectively (STEREO locations given by the
STEREO Science Center’s “STEREO Orbit Tool”, found at https://stereo-ssc.
nascom.nasa.gov/cgi-bin/make_where_gif). The positions of the two spacecraft
with respect to the Sun and the Earth are shown in Figure 5.2. In addition Figure 5.2
also includes the propagation direction of the CME. According to graduated cylin-
drical shell (GCS) modeling (Thernisien et al. 2006, 2009) conducted by Ding et al.
(2014) and Palmerio et al. (2019), the longitude (the angle with respect to the Sun–
Earth line) of the expanding CME was about 70°.

The CME was first observed from Earth’s perspective by the LASCO C2 corona-
graph at 13:25 UT (see Figure 5.3), though it could be seen in images taken by the
inner coronagraph COR1 of STEREO-A even earlier, at 13:00 UT. Cheng et al. (2014),
who studied the early kinematics of the CME in question, determined that the im-
pulsive acceleration phase, characterized by an exponential increase of velocity, of
the magnetic flux rope associated with the CME started around 12:31 UT. The CME
erupted fromNOAA9 active region (AR) 11745, at that time found on the northwest-
ern limb of Sun as seen from Earth. The source region of the eruption was located
at (𝜃,𝜙) = (13°, 70°) in Stonyhurst coordinates.10 Coronagraph data show that as
the CME evolved it appeared as a full halo CME from all three available perspectives
(Palmerio et al. 2019).

The CME was a fast one. Palmerio et al. (2019) report that based on the GCS
model the speed of the CME was around 1500 km s−1. This fits well both with the
SOHO/LASCO CME catalog (Gopalswamy et al. 2009; https://cdaw.gsfc.nasa.
gov/CME_list), which lists the plane-of-the-sky speed as 1466 km s−1, and the re-
sults of the analysis done by Ding et al. (2014), who estimated the CME speed to be
1439 km s−1. Looking at major solar eruptions of solar cycle 24, Gopalswamy et al.
(2014) estimate that the CME had a peak speed of 1881 km s−1.

9National Oceanic and Atmospheric Administration.
10The Stonyhurst coordinate system is one of the heliographic coordinate systems used to identify

positions of features on the surface of the Sun, the other major one being the Carrington system.
Whereas the Carrington system rotates along with the rotation of the Sun, the Stonyhurst remains
fixed with respect to the Earth. The origin of the system is located at the intersection point of the
solar equator and the solar central meridian as seen from Earth. Latitude 𝜃 increases towards north,
and longitude 𝜙 increases towards the west limb of the Sun (i.e., to the right in solar images). In
Stonyhurst coordinates the origin is the same for non-terrestrial observers as well, so that for them
too it is determined by the central meridian from Earth’s perspective (Thompson 2006).

https://stereo-ssc.nascom.nasa.gov/cgi-bin/make_where_gif
https://stereo-ssc.nascom.nasa.gov/cgi-bin/make_where_gif
https://cdaw.gsfc.nasa.gov/CME_list
https://cdaw.gsfc.nasa.gov/CME_list
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Figure 5.2 The location of the Earth and the two STEREO spacecraft around
the Sun on May 22, 2013 at 12:00 UT. The longitudinal separation between the
Earth and STEREO-A was 137°. Between the Earth and STEREO-B it was 141°,
and between the two spacecraft the separation was 82°. The arrow indicates the
propagation direction of the CME, which was around 70° in Stonyhurst longi-
tude, based on modeling done by Ding et al. (2014) and Palmerio et al. (2019).

The CMEwas associated with anM5.0-class solar flare (as measured by the Geo-
stationary Environmental Satellites; GOES) that originated from the same active re-
gion. Theflare initiated at 13:08UT, reachedmaximumflux at 13:32UT anddeclined
after that. In total the flare lasted for about an hour.

The fast CME studied in this thesis was preceded by another CME that erupted
from the same source region 4.5 hours earlier, at around 07:00 UT (Palmerio et al.
2019). The precedingCMEfirst appeared in coronagraph images at around 08:00UT,
when it was observed by COR1. The first image taken of it by LASCO was at 08:48
UT, when it appeared in C2’s field of view (Mäkelä et al. 2016). The LASCO CME
catalog lists the speed of this event as 647 km s−1, i.e., though faster than average,
still much slower than the CME that followed it some hours later. As reported by
Palmerio et al. (2019), LASCO/C3 images show that around 15:30 UT the later, fast
CME caught up with the slower one preceding it, and they merged at a heliocentric
distance of around 20𝑅⊙. More detailed analysis of the fast CME catching up with
the preceding slower one, conducted previously by Ding et al. (2014), confirms this.
After that they continued propagating through interplanetary space as one.

Later on, the merged CME arrived at Earth and was the cause of some geomag-
netic disturbance. According to Palmerio et al. (2019) the shock driven by themerged
CME showed up in the in situ measurements made by the instruments on board the
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Figure 5.3 The first image (from Earth’s perspective) of the May 22, 2013 CME
studied in this thesis, taken by the LASCO C2 coronagraph at 13:25 UT (image
courtesy of NASA/ESA).

Wind (Ogilvie and Desch 1997) spacecraft at the L1 Lagrangian point on May 24
at 17:26 UT. In addition, the effects of the shock were also recorded in the in situ
measurements made by STEREO-A on May 25 at 06:05 UT. The shock arrived at
Earth over the next 12 hours from being detected at Wind. Over that time period the
disturbance storm time (Dst) index11 reached a minimum value of around −60 nT,
indicating a moderate geomagnetic storm.

When the CME erupted and propagated through the corona it was accompanied
by a host of radio emission. Palmerio et al. (2019) report two separate type II radio

11The disturbance storm time (Dst) index (see, e.g., Gonzalez et al. 1994; Kamide and Maltsev
2007) is a geomagnetic index used as a measure of the intensity of geomagnetic activity or a geo-
magnetic storm. The Dst index measured the change in the Earth’s magnetic field due primarily
to changes in the ring current encircling the Earth. The ring current is a circular band of energetic
charged particles lying in the equatorial plane and circulating westward around the Earth. This cur-
rent produces a magnetic field opposite to that of the Earth’s magnetic field. A geomagnetic storm
may be caused when energetic particles from the solar wind are injected into the ring current, en-
hancing it and as a result strengthening its magnetic field. This in turn causes a depression in the
horizontal component of the Earth’s magnetic field, resulting in the geomagnetic storm, or at least
a geomagnetic disturbance. The Dst index is measured in nanoteslas and a negative value indicates
a geomagnetic disturbance or storm. A common classification for the intensity of a storm is that a
peak Dst of −100 nT or less is an intense storm, between −100 nT and −50 nT is a moderate storm,
and between −50 nT and −30 nT is a weak storm. A Dst value of around 0 nT indicates that the ring
current is undisturbed, but this is not typical. An enhanced ring current, meaning aDst value of about
−20 nT is normal and does not point to significant geomagnetic activity or storm-level conditions.
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bursts, an intense type III radio burst, and a type IV continuum burst. Ding et al.
(2014) and Mäkelä et al. (2016) report only the second type II and the type III, but
Ding et al. (2014) agree with Palmerio et al. (2019) that the type III is associated with
the flare and caused by electron acceleration at the flare site. The reason they do
not mention the first type II or the type IV is that they only analyze the dynamic
spectra from the Radio and Plasma Wave Investigation instruments on board Wind
(WAVES; Bougeret et al. 1995) and the twin STEREO spacecraft (S/WAVES; Bougeret
et al. 2008), and the type II is obscured by the type III in those data and the type IV
is outside their frequency range. Palmerio et al. (2019) also look at the data from the
Nançay Decametric Array (NDA; Boischot et al. 1980), which shows the start of the
first type II burst as well as the type IV continuum. In addition to the type IV seen
in the NDA dynamic spectrum a second, shorter duration type IV radio burst can
be seen in data captured in a higher frequency range by the ORFEES (Observations
Radio pour FEDOME et l’Étude des Éruptions Solaires; https://www.obs-nancay.
fr/orfees) radio spectrograph.

The first type II burst occurred from 12:55 UT to 13:35 UT starting at around
50MHz and ending up at 1.2MHz. The source region for this burst could not be de-
termined, because the burst occurred below the frequency range of NRH and thus
comparison with EUV images was not possible. The second type II started around
13:11 UT at about 190MHz, and comparison of NRH images with EUV images sug-
gested that this type II originated around the source region of the CME. Palmerio
et al. (2019) conclude that since the two type IIs had very similar drift rates and only
one CME could clearly be seen, it is likely that both bursts were caused by the same
shock driven by the CME.

5.2.2 Radio data
The focus of this thesis is radio emission associated with a CME, so the main data
source for the analysis conducted is theNançayRadioheliograph (NRH).Herewe are
only concerned with the data used in this thesis, the instrument itself is described in
Section 5.1.1. The NRH data were obtained from the Solar Radio Data Base website
(https://rsdb.obs-nancay.fr).

The data are distributed as binary files in a Nançay proprietary format, which
contain the visibilities measured by NRH. Visibility is the quantity recorded by an
interferometer, and mathematically it is the Fourier transform of the observed sky
brightness distribution (for a description of the basic theory of interferometry see,
e.g., Condon and Ransom 2016; Wilson et al. 2009). However, in reality getting the
radio images from themeasured visibilities is not as simple as taking a Fourier trans-
form of the data. This is because interferometers consist of a collection of antennas
and as such cannot map the entire 𝑢𝑣-plane, but only sample part of it. Therefore,
the data actually consists of the true visibilities modified by a sampling function,

https://www.obs-nancay.fr/orfees
https://www.obs-nancay.fr/orfees
https://rsdb.obs-nancay.fr
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which contains information regarding the coverage of the 𝑢𝑣-plane achieved by the
array. Fourier transforming the visibility modified by the sampling function gives
the so-called dirty image, or dirty map.

The effects of the incomplete sampling need to be removed in order to get as close
to the true sky brightness distribution as possible. The process by which this is done
is called deconvolution. The name is such because the dirty image is formed by the
convolution of the true image with the dirty beam, which is the Fourier transform
of the sampling function (Clark 1995), and the goal of the process is to remove the
effects of this convolution. Deconvolution is done algorithmically, the most popu-
lar algorithm being the CLEAN algorithm, first developed by the Swedish radio as-
tronomer JanHögbom in the early 1970s (Högbom 1974). A variant of this algorithm
is used to process the NRH data.

The basic idea of how the CLEAN algorithm works is as follows (see, e.g., Corn-
well et al. 1999; Jackson 2008). It is assumed that the radio source can be represented
by a finite number of point sources, while the rest of the sky is empty. The highest
intensity point in the dirty image is found. At the position of the peak a scaled dirty
beam is subtracted off and the position and magnitude of the subtracted point are
noted down. This is repeated until the peak is under some threshold. The remaining
map is known is as a residual map and it consists only of noise. The points that were
removed from the dirty image are then convolved with a CLEAN beam (usually an
ideal Gaussian shape). Finally, the residual map is added to the CLEAN image, and
the resulting map is the final image.

The processing done on the NRH visibility data, the steps of which are outlined
above, is conducted using the SolarSoft system (SSW; Freeland and Bentley 2001;
Freeland and Handy 1998). SSW is a programming and data analysis environment
used in solar physics, and it includes an NRH software package that has tools for
processing NRH data. The processed data are packaged into FITS files.

The data consist of observations at nine frequencies: 150.9, 173.2, 228.0, 270.6,
298.7, 327.0, 408.0, 432.0, and 445.0MHz. The data for each frequency are contained
in their own file. The observation period is between 12:45 UT and 13:45 UT on May
22, 2013. The processed data contain measurements of both the Stokes 𝐼 (total in-
tensity) and 𝑉 (circular polarization) components of the radio emission, recorded as
brightness temperature 𝑇B and measured in kelvins (for a description of brightness
temperature see Section 4.1.2).

When computing the radio images from theNRHbinary files, the programallows
specification of image parameters like field of view and image size. In this case the
field of view was chosen to be 6𝑅⊙, and the image size the possible maximum of
256 × 256 pixels. Other options were kept at their default values. The integration
time for the imageswas set at 0.9 seconds. TheFITSfiles contain all of the parameters
above, and much more, as keywords in the FITS file headers.

Reading the FITSfiles and extracting the data from them is done using the Python
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Figure 5.4 An example of processedNRHdata visualized. The frequency of the
emission here is 150.9MHz. The left pane shows the total intensity of the radio
emission, and the right pane shows the circular polarization of the emission.
The circular polarization follows the usual convention of positive 𝑉 (blue in the
figure) indicating left-handed circularly polarized emission, and negative 𝑉 (red
in the figure) indicating right-handed circularly polarized emission. For the left-
handed emission the electric field rotates in a counterclockwise manner, and for
the right-handed in a clockwisemanner. Thewhite circles in the figures indicate
the solar limb.

package Astropy (The Astropy Collaboration et al. 2013, 2018), which has extensive
FITS file handling capabilities. The solar physics Python package SunPy (The SunPy
Community et al. 2020) is used alongside the Python plotting library Matplotlib in
visualizing the data. An example of what the processed radio images look like can be
seen in Figure 5.4. Both Stokes components are shown in side-by-side images taken
at around 13:27 UT at the frequency 150.9MHz. The example shows two relatively
strongly polarized radio bursts that have opposite senses of polarization.

In addition to NRH, data from the ORFEES radio spectrograph is employed in
studying the emission associated with the CME. ORFEES consists of a 5m parabolic
dish that is coupled to a spectrograph. It observes the Sun at a temporal resolution of
0.1 s in the frequency range from 144MHz to 1000MHz. The data can be visualized
in a frequency vs. time dynamic spectrum, which shows the evolution of flux as a
function of observation frequency across time (see, e.g., Figure 6.2).

5.2.3 Extreme ultraviolet data
In addition to the main radio emission data, this thesis employs EUV imaging of
the solar corona in support of the analysis of the radio data. The data sources for
the EUV images are the AIA (described in Section 5.1.2) telescope on board SDO,
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and the SWAP (described in Section 5.1.3) telescope on board PROBA2. The SWAP
images were obtained from the PROBA2 Science Center website (P2SC; https://
proba2.sidc.be/data/SWAP), and the AIA images were acquired via the Virtual
Solar Observatory website (VSO; https://sdac.virtualsolar.org/cgi/search).

For AIA images the wavelengths that were chosen were 131Å, 171Å, and 211Å.
SWAP observes the Sun at just one wavelength, 174Å, so those images were used.
Here too the FITS files were processed using Astropy and visualization was done
using Matplotlib and SunPy. Example images of all of the wavelengths are shown in
Figure 5.5.

Even though the AIA images that were used were calibrated and corrected, it
turned out that the sets for all wavelengths contained numerous images that had
significantly shorter exposure times than normal. The normal exposure time for the
AIA telescopes is 2.9 seconds (Lemen et al. 2012), whereas for some images the ex-
posure time was found to be as low as 0.6 seconds. This of course causes the image
to be much darker than normal. This in turn would cause problems when looking
at running difference images, where the previous image array is subtracted from the
current array. If a low-exposure image is subtracted from a normal-exposure one, the
resulting difference image is very bright, seeming to be “overexposed”. Similarly, if a
normal-exposure image is subtracted from a low-exposure one, the difference image
appears very dark, or “underexposed”. Because of this all images with an exposure
time much less than 2.9 seconds were taken out of the dataset. An exposure time of
1.6 seconds was used as the threshold for discarding the image.

Themain application of EUVdata is in difference images. Difference imaging is a
technique inwhich a preceding image is subtracted from the current one, thus aiding
in visualizing transient events such as CMEs. There are two “versions” of difference
imaging, base and running difference imaging. In principle the two techniques are
similar, since in both a preceding image is subtracted. They, however, differ in that
in base difference imaging all images that are analyzed have the same fixed image
that is subtracted from them, whereas in running difference imaging the previous
image is subtracted (Pérez-Suárez et al. 2011).

Whenmaking difference images fromAIA data, it is necessary to smooth out the
images or the difference image will end up looking noisy. The smoothing, or noise
reduction, can be done by applying an averaging filter such as a uniform filter to the
image. A uniform filter replaces each pixel value by the average value of an area
centered at that pixel. The larger the area, the more the image is filtered, which in
general means that the image gets blurrier. The uniform filter can be applied by us-
ing the image processing capabilities of Python’s SciPy library (Virtanen et al. 2020).
Figure 5.6 shows the effect that applying a uniform filter has on AIA running dif-
ference images. Figure 5.6a with no filter applied to it is clearly more grainy than
Figure 5.6b, which has a 4 × 4 uniform filter applied to the images prior to subtrac-
tion. Filtering can make features such as the one seen around (500, 200) easier to

https://proba2.sidc.be/data/SWAP
https://proba2.sidc.be/data/SWAP
https://sdac.virtualsolar.org/cgi/search
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(a) AIA/131Å.

AIA 171 Å 2013-05-22 12:47:47 UT

(b) AIA/171Å.

AIA 211 Å 2013-05-22 12:47:47 UT

(c) AIA/211Å.

SWAP 174 Å 2013-05-22 12:44:01 UT

(d) SWAP/174Å.

Figure 5.5 Examples of images taken by AIA and SWAP at the wavelengths
used in this thesis. The CME erupted from the northwestern limb of the Sun.
The site of eruption is indicated by the arrow in the 131Å image. The image also
shows the CME itself clearly as it is starting to propagate outwards.



5.3 Identifying moving radio bursts 49

400 600 800 1000 1200
𝑋 [arcsec]

−400

−200

0

200

400

600

800
𝑌
[a
rc
se
c]

AIA 131 Å 2013-05-22 12:47:08

(a)

400 600 800 1000 1200
𝑋 [arcsec]

−400

−200

0

200

400

600

800

𝑌
[a
rc
se
c]

AIA 131 Å 2013-05-22 12:47:08

(b)

Figure 5.6 The effect on running difference images of applying a uniform filter
to the images before subtracting one from another. Both are the same ten frame
AIA running difference image, the one on the left with no filtering and the one
on the right with a 4 × 4 uniform filter applied to it.

distinguish from the background, as is the case here. In this thesis all difference
images were filtered prior to subtraction.

5.3 Identifying moving radio bursts
Since NRH produces two-dimensional radio maps of the Sun and its corona, the im-
ages can be used in conjunction with white-light and EUV observations of CMEs
and flares to identify radio emission associated them. In addition, this also allows
for the identification of the source region of the radio emission relative to the solar
eruption being studied (see, e.g., Maia et al. 1999a,b; Morosan et al. 2019b; Vasanth
et al. 2019).

The starting point of this study was to identify any significant radio bursts that
occurred around the time that the CME in question erupted and propagated through
the corona. The focuswas on seeing if therewere any radio bursts that appeared to be
moving along with the CME. Using video to search for radio bursts, be they station-
ary or moving, instead of looking at individual frames makes it easier to distinguish
between actual radio bursts and other transient events, which might be caused for
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example by instrumental noise. It also makes it easier to identify whether a radio
burst is stationary or if it appears to move across the field of view.

In order for a structure seen in the radio images to be identified as a moving
radio burst, it should satisfy three criteria. The first criterion is that the source of
the radio emission should have a clear structure, and that it should more or less
retain that structure throughout its lifetime. If the structure does change, it should
change continuously or smoothly and not abruptly. The second criterion is that the
burst should be visible in the images over a period of time, on the order of at least
tens of seconds to minutes. The burst, in order to be identified as a single burst,
should be visible throughout its lifetime and not disappear and reappear in between.
If something like this were observed, it may indicate the presence of two separate
bursts that happen to appear in the same region. Naturally, the third criterion is that
the burst propagates along a path through the corona. It is expected that the path
should be more or less continuous and it should have no sudden jumps from one
location to another. These sudden jumps may be indicative of other, separate bursts
that should be treated as their own events.

Once a moving radio burst has been identified, its start and end times are noted
down and the other frequencies are checked to see if the burst is seen in those images.
The images that are compiled to video have both Stokes components, 𝐼 and𝑉 , side by
side, so the possible polarization properties of the identified bursts can be checked
at the same time.

5.4 Tracking the movement of radio bursts
Once a moving radio burst has been identified in the NRH radio images, its move-
ment across the field of view can be tracked. The movement can be tracked by cal-
culating the centroid of the burst as it appears in the image. The centroid of a radio
burst can be thought of as the “center of intensity” of the burst, similar to the center
of mass of a physical body. This means that the 𝑥 and 𝑦 coordinates of the centroid
are calculated as weighted averages, where the weights used for the coordinates are
given by the measured intensity of the radiation. In general, the weighted average 𝑥
of a dataset {𝑥1, 𝑥2, . . . , 𝑥𝑛} is calculated as

𝑥 = ∑𝑛
𝑖=1𝑤𝑖𝑥𝑖
∑𝑛

𝑖=1𝑤𝑖
= 𝑤1𝑥1 + 𝑤2𝑥2 +⋯ + 𝑤𝑛𝑥𝑛

𝑤1 + 𝑤2 +⋯ + 𝑤𝑛
, (5.1)

where 𝑤𝑖 is the weight assigned to the data point 𝑥𝑖.
A function is used to calculate the centroid of a given radio burst. The function

is given the array containing the brightness data as an input. As there may be some
transient bursts occurring somewhere else in the field of view, the full data array is
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not given to the function. Rather, a subarray that contains the radio burst should be
given. The subarray is chosen such that the radio burst is contained within it for its
entire trajectory. Figure 5.7 shows what this means.

Since the radio images are superimposed onto a helioprojective coordinate sys-
tem12, the coordinates of the edges of the bounding box can be read graphically. This
gives the coordinates in arcseconds, so it is necessary to convert them to pixels with
respect to the lower left corner of the full image. These coordinates correspond to
indices of the data array. The NRH FITS file header contains the keyword SOLAR_R,
which is the solar radius in pixels on the radio images. In arcseconds the solar radius,
as seen from Earth, is 959.61 arcsec (Emilio and Leister 2005). From these numbers
we get how many arcseconds one pixel corresponds to in the radio images, and this
in turn can be used to convert the coordinates of the edges of the bounding box from
arcseconds to pixels. In this way it is possible to pick out the desired subarray from
the full radio data array.

To minimize the effect of background radiation on the centroid calculation, ev-
erything below 50% of the maximum brightness is set to zero. In Figure 5.7 this
threshold is indicated by the contour. We see that this level outlines the brightest
part of the burst well. Then, the 𝑥- and 𝑦-coordinates of the centroid are calculated
using Equation (5.1), where now the weights𝑤𝑖 are given by the brightness data, and
the points 𝑥𝑖 are just the 𝑥- or 𝑦-coordinates in the subarray (in pixels).

The function returns the coordinates of the centroid in pixels with respect to the
lower left corner of the subarray, so that they need to be converted back to the he-
lioprojective coordinates of the full image. The coordinates of the point can be con-
verted from pixels to arcseconds similarly as was done earlier from arcseconds to
pixels, by using the scaling factor of how many arcseconds equals one pixel. Then,
since the coordinates are given with respect to the lower left corner of the subarray,
adding the helioprojective coordinates of the lower left corner to the coordinates of
the centroid gives the helioprojective latitude and longitude of the centroid, which
can then be plotted into the full image, as seen in Figure 5.7.

Because the bounding box for the moving burst is chosen such that the burst
remains inside it for its whole trajectory, the method outlined above can easily be

12Helioprojective coordinates express positions of features as projections in the plane of the sky.
Helioprojective coordinates are similar to heliocentric coordinates, which describe the actual posi-
tions of features, measured in physical units from the center of the Sun. Where the two systems differ
is that helioprojective coordinates take into account the fact that a view from a single perspective can
only ever be a projection into the plane of the sky, and whereas coordinates are measured in physi-
cal units in heliocentric coordinate systems, in helioprojective coordinate systems this is done using
angles. Both of these coordinate systems differ from the Stonyhurst coordinates (and heliographic
coordinate systems in general) described earlier, in that these systems define the origin as seen by
the observer, so that non-terrestrial observers will measure different coordinates from terrestrial ob-
servers, whereas observers using heliographic coordinate systems all share the same origin (Thomp-
son 2006). Therefore, as seen from theEarth, the 𝑥 and 𝑦 coordinates of a feature are usuallymeasured
in arcseconds from the center of the Sun, as is done for example in Figure 5.7.
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Figure 5.7 The method used to calculate the centroid of a moving radio burst
illustrated on a sample image. The radio burst is “boxed off”, and the bounding
box is chosen so that it contains the full trajectory of the burst. Here, for exam-
ple, the radio burst propagates roughly from the upper left corner to the lower
right corner. The contour indicates the line of 50% of the maximum brightness.
This level is used as the threshold for removing the background, i.e., everything
outside the contour is set to zero. The centroid of the radio burst is indicated by
the cross.

iterated over all images of the burst and thus used to calculate all the centroids for
the burst. Once all of the centroids have been calculated, they are saved to a text file
and plotted against AIA running difference images to show the full trajectory that the
radio burst traverses in the corona. The times of the images are saved along with the
centroid coordinates, and this allows the centroids to be used to estimate the speed
of the moving radio burst.

If a burst moves more or less along a clear path, a line can be fitted to the data.
In this thesis this was done using Python’s NumPy library (Harris et al. 2020). Once
the fit is done, the distance propagated by the burst can be estimated from the 𝑥- and
𝑦-coordinates of the fitted line by

Δ𝑟 = √(Δ𝑥)2 + (Δ𝑦)2,

which is just the Euclidean distance between the end points of the line.
To estimate the speed of the radio burst the time it takes the burst to propagate

from its starting point to its end point is needed. This can be determined for ex-
ample with Python’s datetime module (https://docs.python.org/3/library/
datetime.html), which provides the ability to perform time arithmetic. Then, once
both the distance Δ𝑟 and the time Δ𝑡 are known, the speed of the moving radio burst

https://docs.python.org/3/library/datetime.html
https://docs.python.org/3/library/datetime.html
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is estimated by
𝑣 = Δ𝑟

Δ𝑡 .

5.5 Estimating the flux density of a radio burst
From the brightness data provided by NRH it is possible to estimate the flux density
𝑆𝜈 (see Section 4.1) of a radio source. Estimating the flux density of a source at all
the frequencies it is visible at may make it possible to estimate the spectral index of
the emission. This in turn may give some hint as to what the emission mechanism
of the source is.

A solar radio burst has some extent in pixels in the radio image. The flux den-
sity of the burst can be estimated by estimating the flux density of each pixel and
summing them together. From (4.6) we see that the flux density coming from an
individual pixel can be estimated by

𝑆𝜈 = 2𝑘𝜈2𝛺px
𝑐2 𝑇B, (5.2)

where 𝛺px is the solid angle one pixel in the image corresponds to. In the code used
in this thesis this is given by

𝛺px = (16 ⋅ 3 × 10
−4

𝑅⊙,px
)
2

, (5.3)

where in the numerator 16 is the angular radius (i.e., half of the angular diame-
ter) of the Sun in arcminutes, and 3 × 10−4 is approximately 1 arcmin in radians
(1 arcmin = π/10 800 rad = 0.000290888.. .rad ≈ 3 × 10−4 rad), so that the numer-
ator is the approximate angular radius of the Sun in radians. In the denominator
𝑅⊙,px is the radius of the Sun in pixels in the radio image. It can be shown that small
solid angles can be approximated by 𝛺 ≈ π𝜃2, where 𝜃 ≪ 1 is the angular radius of
the object whose solid angle is approximated. The solid angle corresponding to one
pixel is calculated by dividing the solid angle subtended by the Sun by the area of the
Sun in pixels, given by 𝐴⊙,px = π𝑅2⊙,px. Thus in the expression for 𝛺px given above
the factors of π cancel out.

Similarly, as with the centroid calculation, only a subarray containing the ob-
served radio burst is considered (as is shown in Figure 5.7). Also, as with the cen-
troids, to remove the contribution of possible background emission to the flux den-
sity, everything below 20% of themaximumbrightness is set to zero in the data array.
A lower threshold is chosen for the flux estimation because the edges as well as the
bright core of the burst contribute to the flux density, whereas in the centroid calcu-
lation the edges do not necessarily need to be included in order to accurately locate
the centroid.
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Once this is done, the data array containing the radio burst can be iterated over
and the contributions of individual pixels to the flux density of the burst are summed
to give an estimate of the total flux density of the radio burst. Equation (5.2) gives
the flux density in Wm−2Hz−1. In these units the flux density of the burst is very
small, so that it is convenient to express it in solar flux units (see Section 4.1.1). Once
the flux density is in solar flux units, the above is repeated for all frequencies. Flux
density estimates at multiple frequencies can be used to estimate the spectral index
of the emission.

5.6 Estimating the spectral index
If a power-law relationship between flux density and frequency is assumed, the spec-
tral index (see Section 4.2) of the emission can be estimated. A power-law relation-
ship between two variables implies a linear relationship between their logarithms.

A general power-law relationship between flux density 𝑆𝜈 and frequency 𝜈 can
be written as

𝑆𝜈(𝜈) = 𝐶𝜈𝛼, (5.4)

where 𝐶 is some constant and 𝛼 is the spectral index. Taking a base-10 logarithm of
this on both sides and using the properties of logarithms we can write

log 𝑆𝜈 = log(𝐶𝜈𝛼) = log𝐶 + 𝛼 log𝜈 = 𝐶′ + 𝛼 log𝜈, (5.5)

where in the last step we renamed the constant, since the logarithm of a constant is
just another constant. We see that there is a linear relationship between log 𝑆𝜈 and
log𝜈, which means that a simple line fit can be used to estimate 𝛼.

Once the fit is done, the spectral index is the slope of the resulting line. The
results of the flux estimation and line fit can then be plotted together in a log–log
plot. The spectral index can be used along with other features of a radio burst to try
to determine the emission mechanism behind the observed radiation.
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The methods presented in the previous chapter were used to analyze the radio emis-
sion associated with the fast CME of May 22, 2013. In this chapter the results of that
analysis are presented, starting with the moving radio bursts that were identified.
Following this the results of the analysis of the radio bursts’ kinematics and spectral
properties are described.

6.1 Moving radio bursts
The method described in Section 5.3 was used to study the radio emission at all nine
available frequencies, and both the Stokes components, 𝐼 and 𝑉 , were analyzed. The
time period over which the search for radio bursts was conducted was chosen to be
from 12:45 UT to 13:45 UT. The CME started to accelerate in the low corona around
12:31 UT (Cheng et al. 2014), so the start of the observation period corresponds to the
CME not being very high yet, at a height of under 2𝑅⊙ (measured from the center of
the Sun). At the end of the observation period the CME had propagated into the field
of view of LASCO C3, with the leading edge being at a height of around 6𝑅⊙. Thus,
the observation period corresponds well to the early evolution phase of the CME.

Threemoving radio bursts were identified in theNRH radio images. These bursts
were labelled Source 1, Source 2, and Source 3, in chronological order. Figure 6.1
shows these radio bursts as contourmaps, each at three different times in their evolu-
tion, overlaid on top of AIA 211Å running difference images. The difference images,
especially those of Source 1 (top row), clearly show theCMEas it propagated through
the solar corona. The orange contours show the radio burst at 150.9MHz, and the
green contours at 173.2MHz. All three bursts were most distinct at 150.9MHz.
They were also visible at 173.2MHz, but not at any of the higher frequencies from
228.0MHz to 445.0MHz observed by NRH. None of the three bursts showed any
degree of circular polarization at either of the frequencies.

The firstmoving sourcewas preceded by a stationary one, which first appeared in
the 150.9MHz images at the very start of the observation period, i.e., around 12:45
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Figure 6.1 Three moving radio bursts, labelled Source 1 (top panels), Source
2 (middle panels), and Source 3 (bottom panels), associated with the May 22,
2013 CME. Each radio burst is indicated by the arrow in the first panel of each
row. The contours indicate the lines of 30%, 50%, and 70% of the maximum
brightness of the moving radio bursts as seen by NRH at 150.9MHz (orange)
and 173.2MHz (green). The contours are overlaid on top of AIA 211Å running
difference images, which show the CME as it evolved in the solar corona. The
difference images show a difference of 10 images, which corresponds to a tem-
poral difference of two minutes between the subtracted images.
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UT. The burst remained stationary for around five minutes, after which it started
moving in a northwesterly direction at around 12:50 UT. The radio burst then prop-
agated northwest for about seven minutes before it stopped again. Once it came to a
stop, the burst remained visible and stationary for a couple of minutes before disap-
pearing altogether at around 12:59:30 UT.

The secondmoving radio burst appeared for a shorter period of time than the first
one. It first showed up at around 13:03:30 UT, and was not preceded by a stationary
burst, so it started moving immediately. The burst moved in a westerly direction,
though it did have a small southward component to itsmovement. After propagating
for over three minutes, the burst came to a stop a little before 13:07 UT. After that
a stationary burst was visible until around 13:08:30 UT at 150.9MHz in the region
where Source 2 stopped.

A large and bright stationary radio burst appeared above the western limb of the
Sun just before 13:10UT. This burstmost likely corresponds to the broadband contin-
uum emission starting around 13:10 UT, which can be seen in the ORFEES dynamic
spectrum (Figure 6.2). The broadband continuumnature of the burst suggests that it
is a type IV radio burst, and the fact that it shows no significant frequency drift sug-
gests that it may be a stationary type IV radio burst (Liu et al. 2018). The dynamic
spectrum shows that the type IV spanned the entire frequency spectrum covered by
NRH. Indeed, the burst did appear at all nine frequencies observed by NRH. At and
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Figure 6.2 ORFEES dynamic spectrum of the observation period from 12:45
UT to 13:45 UT. The broadband continuum emission, indicated by the arrow,
started around 13:10 UT. The emission is a type IV radio burst, most likely a
stationary one. The source region for this burst is above the western limb of the
Sun. The three dashed vertical lines indicate the moving radio bursts, marking
the times when they started moving. The locations of the lines show that the
moving bursts were not associated with the type IV burst.
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above 228.0MHz the burst appears to have been fairly highly circularly polarized. At
first when the burst appears, this polarization was not seen at the lower frequencies.

Initially the bursts at 150.9MHz and 173.2MHz had slightly different source re-
gions compared to the bursts at the higher frequencies, which clearly had the same
source region. Around 13:15 UT, however, the bursts at all of the nine frequencies
lined up nicely, with higher frequency emission coming from closer to the limb and
lower frequency emission from higher up. This is a characteristic feature of plasma
emission, whose frequency is proportional to the plasma density (Eq. 3.3), and as
plasma density generally decreases with increasing distance from the Sun, it is ex-
pected that the frequency of radio bursts from plasma emission also decreases when
moving higher up in the corona. Therefore, the emissionmechanism that caused the
type IV radio burst is likely plasma emission. The high degree of circular polarization
seen earlier at the higher frequencies was then seen at 150.9MHz and 173.2MHz.

A little after this, at around 13:17 UT, the third moving radio source appeared
in the 150.9MHz and 173.2MHz images. As can be seen from the bottom panels
of Figure 6.1, Source 3 was located fairly high up in the corona, to the northwest of
the type IV (which is indicated by the contours that cover a large part of the field of
view in the bottom panels of Figure 6.1). Source 3 propagated northwest, meaning
its direction was similar to that of Source 1. It continued moving northwest until a
little after 13:22:30 UT, when it disappeared from view.

The dashed vertical lines in the dynamic spectrum shown in Figure 6.2 indicate
the timeswhen each of the three radio bursts started tomove in the radio images. We
see that all of the three bursts occurred at times different to the type IV. The first one
appeared around 20 minutes before the onset of the type IV, the second one about
seven minutes before the type IV, and the third one was first seen after the onset
of the type IV. These observations indicate that the moving radio bursts were not
associated with the type IV. This in turn supports the idea that the stationary burst
seen above the western limb in the radio images is the type IV seen in the ORFEES
dynamic spectrum.

Figure 6.2 also shows that these three moving radio bursts do not fit the typical
classifications, or types, of solar radio bursts. In the dynamic spectrum there are
no clearly visible bursts resembling either a type II or a type IV radio bursts that
occur around the time when moving bursts were observed. As mentioned above,
the moving bursts are not associated with the type IV that is visible in the spectrum.
Clearly they are also not associated with the type II bursts that were observed in
conjunction with the CME. Type III radio bursts can also be associated with a CME,
but there are no type III-like structures visible near any of the dashed lines, so the
moving bursts are no type IIIs either. Thus it can be concluded that the observed
moving radio bursts are some atypical type of radio emission.
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6.2 Radio burst kinematics
Themethods described in Section 5.4 were used to first calculate the centroids of the
three identified moving radio bursts, and based on the results estimate the speeds of
the bursts. All of the bursts were seen most clearly at 150.9MHz, so that brightness
data was used when calculating the centroids of all three bursts. The centroids were
overlaid on top of AIA running difference images (see Figure 6.3), showing the full
trajectories of the bursts through the corona.

The centroids overlaid on top of the AIA running difference images show the tra-
jectories of the moving bursts more clearly than the contour maps of Figure 6.3. We
see that Source 1 is well in front of the CME, whose leading edge can be seen in the
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(a) Source 1.
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(c) Source 3.

Figure 6.3 Centroids of the three moving radio bursts overlaid on top of AIA
ten frame running difference images. For each burst the color of the centroids
indicates time in seconds since the start of the burst. Plotted on top of the cen-
troids are the line fits that were used to estimate the speed of eachmoving burst.
The resulting estimated speeds are also included in the plots.
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difference image, extending just beyond the field of view of AIA. The centroids show
that the burst propagated almost straight north, having just a small westerly com-
ponent to its movement. In contrast, Source 2 moved almost straight west, having a
small southward component to its direction. Finally, Source 3 is between these two,
since it moved in almost a straight northwestern direction.

The relationship between the CME and Sources 2 and 3 is not as clear from Fig-
ures 6.3b and 6.3c as it is for Source 1 in Figure 6.3a. This is because the CME struc-
ture is not as clearly visible in the later running difference images as it is at the start
of the CME’s evolution. The northern and southern flanks the of the CME can be
distinguished in Figure 6.3b The northern flank is indicated by the streak that ex-
tends northwest from around the point (1000, 600). The streak appears to be curving
to the west, which indicates that Source 2 originated near the northern flank of the
CME, though it propagated in the direction of the CME front. The location of Source
3 relatively high up to the north suggests that it too originated near the northern
flank of the CME.

From the centroids the estimated speeds of the three radio bursts were found to
be ∼450 km s−1, ∼1500 km s−1, and ∼900 km s−1, respectively. We see that the speed
of Source 2 matches the speed of the CME fairly closely, though at the time when
Source 2 is observed the CME is still relatively early in its evolution, so that it may
not have accelerated to its peak speed yet. Source 1 seems to be significantly slower
than the CME, and Source 3 too is somewhat slower than the CME. Here again it
may be that the speed of the CME is closer to that of Source 1, when the CME has
just erupted. With regards to the speeds, it is important to note that they are only
plane of the sky estimates of the true speeds of the radio bursts. This is because,
just as with any coronal features, the radio bursts recorded by a radioheliograph are
projected on to the plane of the sky, and as such are subject to projection effects. It
is more likely that the moving bursts propagated at least to some degree outside the
plane of the sky than exactly along it. In such a case the estimated speed is a lower
limit of the true speed of the burst.

The centroids were also used to study how the heights of the radio bursts evolved
in time. Since in this case height is just the heliocentric distance, i.e., radial distance
from the center of the Sun, the height ℎ of a radio burst can be estimated from the co-
ordinates of its centroids by ℎ = √𝑥2 + 𝑦2. Figure 6.4 shows the moving radio bursts
in blue (Source 1), orange (Source 2), and red (Source 3), along with the kinematic
evolution of the CME and the two associated type II radio bursts studied by Palmerio
et al. (2019). We see that the height evolution of Source 1matches well with the early
evolution of the CME as determined from EUV images (indicated by the plus sym-
bols), and also of the evolution of the northern flank of the CME, which was seen
in white-light images (indicated by the asterisks). The height evolution of Source 2
matches up with that of the shock nose, or even the southern flank. Though this ap-
pears curious, as the centroids and the EUV images suggest that Source 2 originated
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Figure 6.4 Time evolution of the heights of the three moving radio bursts in
relation to the kinematic evolution of the CME and two type II radio bursts asso-
ciated with it, seen in EUV, white light, and radio, and studied by Palmerio et al.
(2019). The early evolution of the CMEwas determined fromEUV images taken
by PROBA2/SWAP and STEREO/EUVI-A, the later evolution from white-light
images taken by SOHO/LASCO and STEREO/COR-A. The type II kinematics
were determined from data captured by NDA and Wind/WAVES. The figure is
adapted from Palmerio et al. (2019).

from the northern flank of the CME, this height evolution can be explained by not-
ing that Source 2 propagated west, in the same direction as the CME nose. Finally,
Source 3 seems to evolve behind the white-light structures of the CME, though its
height evolution does match up with the evolution of the second type II radio burst.

The centroids plotted on top of the AIA difference images show that all three
radio bursts originated near the northern flank of the CME, relatively high up in the
corona. The height profiles show that Source 1 first appeared at a height of about
1.6𝑅⊙ and propagated to a height of around 1.8𝑅⊙. During its evolution Source 2
went from a height of 1.6𝑅⊙ to a height of about 2.1𝑅⊙. Finally, Source 3 originated
from a height of 1.9𝑅⊙ andmoved outwards to a height of about 2.3𝑅⊙. All themain
properties of the three moving radio bursts are summarized in Table 6.1.

Coronagraph images show that the CME that preceded the one studied here (see
Section 5.2.1) may have a role in explaining why all of the moving radio bursts were
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Table 6.1 The key properties of the three moving radio bursts.

Source Start time
[UT]

End time
[UT]

Height
range [𝑅⊙]

Speed
[km s−1]

Location
wrt CME

1 12:50:00 12:59:30 1.6 – 1.8 451 northern
flank

2 13:03:30 13:07:00 1.6 – 2.1 1457 northern
flank

3 13:17:00 13:22:30 1.9 – 2.3 895 northern
flank

observed to be coming from the northern flank of themain CME. The conditions left
behind by the preceding CMEmay also have affected the height at which these radio
bursts originated from. Figure 6.5a shows the preceding CME from the point of view
of STEREO-A. Figure 6.5b shows the main CME propagating behind the previous
ejection. The arrow in the figure indicates the southern flank of the preceding CME
(as seen in Figure 6.5a), showing that the main CME expanded partly into the same
region, and partly outside of it.

(a) (b)

Figure 6.5 (a) The CME preceding the one studied in this thesis, as seen by
STEREO-A/COR2. The arrow indicates the southern flank of the CME. (b) The
CME studied in this work as it first appeared in the field of view of STEREO-
A/COR2. The preceding CME is clearly visible, covering the upper left quadrant
of the image and extending out to the edge of the field of view of COR2. Here too
the arrow indicates the southern flank of the preceding CME, showing that the
main CME expanded mostly into the same region as the one that came before
it. However, the southern flank of the CME expanded outside the region of the
preceding CME. Images courtesy of NASA.
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The slope of the height-time curve gives an estimate of the radial speed of the
propagating feature, though it should be noted that this estimate may be subject to
the same projection effects as the speeds estimated from the centroids were. Com-
paring the heights of the moving radio bursts to those of the CME and the type II
radio bursts, we see that Source 1 appeared to be somewhat slower than the CME,
even though the speed of the CME itself was low at this point, since Source 1 oc-
curred early in its evolution. The difference in the radial speeds of the features is not
large, and it may be that Source 1 propagated either towards the Earth or away from
it so that its actual speed was higher than the speed indicated by the observations,
more closely matching the speed of the CME at that point of its evolution. The radial
speed of Source 2 seems to be higher than the radial speed of the CME, though this
is not surprising, as the CME is in a relatively early stage of its evolution and has
therefore not yet reached its peak speed, which was around 1500 km s−1. The radial
speed of Source 3 appears to be about the same as that of the second type II burst,
though the type II is slightly faster. Palmerio et al. (2019) estimated the speed of the
second type II to be around 1300 km s−1.

6.3 Radio burst spectral properties
The methods outlined in Sections 5.5 and 5.6 were used to first estimate the flux
density of the three moving radio bursts, and based on those results estimate the
spectral indices of the bursts. The three plots of Figure 6.6 summarize the results of
the analysis. For each radio burst the flux densities at the observed frequencies as
well as the estimated spectral indices are shown at one moment in their evolution.
As was noted in Section 6.1, all three radio bursts were visible only at 150.9MHz and
173.2MHz and not at any of the higher frequencies. Therefore only the flux densities
at those two frequencies were used in the power-law fit, from which the spectral
index was estimated. It should be noted that the spectral indices can only be taken
to be fairly rough estimates, as theywere obtained based on a fit done on just two data
points. The flux densities for the higher frequencies are the flux densities calculated
inside the bounding box chosen for the calculation. As can be seen Figure 6.7, the
flux density at the higher frequency comes from random noise, and thus the orange
data points in the plots of Figure 6.6 were not used in the power-law fits.

For all three moving bursts the flux density was found to be lower at 173.2MHz
compared to 150.9MHz, which means that the spectral index of the emission was
negative. The spectral index of the first burst was estimated to be 𝛼1 ≈ −4, while
the second and third bursts had spectral indices 𝛼2 ≈ −8 and 𝛼3 ≈ −8, respectively.
The flux density estimates show that the second radio burst was the strongest of the
three, and the first and third bursts were weaker. This observation was also evident
in the radio images when viewed over the full evolution of the radio bursts.
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(a) Source 1.
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(b) Source 2.
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(c) Source 3.

Figure 6.6 The estimated flux densities of the three moving radio bursts at the
observed frequencies, along with the spectral indices calculated from the flux
density data. The calculation could only be done based on the flux density of
the radiation at 150.9MHz and 173.2MHz, as the radio bursts were not visible
at any of the higher frequencies. For the higher frequencies, which are colored
orange, the flux density is from random noise that was present in the same area
where the moving radio burst was located.

The steeply negative spectral index exhibited by all three radio bursts indicates
that the mechanism by which they were emitted was plasma emission. As noted
in Section 4.2, a negative spectral index is indicative of optically thin non-thermal
emission. The spectrum of optically thin thermal emission is almost flat, so that the
spectral index, while it can be slightly negative, is close to zero. This is not the case
here, as the spectral index of Source 1 is around−4, and for Sources 2 and 3 it is closer
to−10. Also, the relationship between flux density and frequency resembles the low-
frequency part of the flux density spectrum presented for example by Carley et al.
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150.9 MHz 173.2 MHz 228.0 MHz

270.6 MHz 298.7 MHz 327.0 MHz

408.0 MHz 432.0 MHz 445.0 MHz

2013-05-22 13:04:16 UT

Figure 6.7 The zoomed-in NRH radio images corresponding to Figure 6.6b.
Themoving radio burst can only be seen at the two lowest frequencies, while the
higher frequencies show mostly random noise (at 228MHz an unrelated tran-
sient can be seen in the lower left corner of the frame). The contours indicate
20% of the maximum intensity inside the frame. When estimating the flux den-
sity everything below that threshold was set to zero.

(2017). They conclude that the spectrum is likely dominated by plasma emission.
Finally, as noted in Section 3.2.3, at frequencies below the hundreds of MHz range
emission from solar radio bursts is mainly due to plasma emission.
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Analysis of the NRH radio data, the results of which were presented in the previous
chapter, revealed three radio bursts that appeared to propagate through the corona
along with a fast CME that erupted from close to the western limb of the Sun. None
of the three bursts fit the description of any of the five commonly identified radio
bursts, most notably types II or IV, both of which were also observed in conjunction
with the CME. As Figure 6.2 shows, no radio burst reminiscent of type II or type IV
bursts could be seen in the dynamic spectrum around the onset of any of the three
moving bursts.

All three radio bursts originated near the northern flank of the CME, relatively
high up in the corona. Their heights ranged from 1.6𝑅⊙, where Sources 1 and 2 first
appeared, to 2.3𝑅⊙, where Source 3 was last observed. There are many models that
have been developed for estimating plasma density in the corona and in interplan-
etary space. These models can be used to estimate the coronal height from which
radio emission at a certain frequency may be expected to originate from. Depending
on the model used, a fundamental plasma frequency of 150MHz corresponds to a
coronal height of 1.2𝑅⊙ to 1.4𝑅⊙ (Pohjolainen et al. 2007). This means that all three
radio bursts originated from unusually high up in the corona.

The corona of course is not static, and its prevailing conditions can affect the
plasma density. The corona into which the CME erupted was not undisturbed, since
the CME was preceded by another ejection some hours earlier (see Section 5.2.1).
Coronagraph images andGCSmodeling show that the precedingCMEexpanded in a
more northerly direction than the one that followed it (see Figure 6.5 and Palmerio et
al. 2019). Therefore, the coronal environment was disturbed mainly at the northern
flank and the nose of the main CME, while the southern flank likely expanded into
a relatively undisturbed corona.

This suggests that one possible explanation for the atypical height at which the
radio bursts were observed may be that the preceding CME perturbed the corona,
resulting in an enhanced plasma density at greater than usual heights, which then
facilitated the emission of the observed radio bursts. The magnetic and plasma en-
vironment were likely significantly disturbed on the northern side of the CME but
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not on the southern side. This is also a likely explanation for why the moving radio
bursts were only observed on the northern flank of the CME, with none coming from
the southern flank.

For all three moving radio bursts the emission mechanism is likely to be plasma
emission. One strong indicator of the bursts being emitted via plasma emission is
the steeply negative spectral index that each burst was found to have. Another fac-
tor indicating plasma emission is that the emissions from the radio bursts had high
brightness temperatures. High brightness temperature is characteristic of coherent
emission (see Section 3.1.1), which in this case means plasma emission.

The observations of type II radio bursts indicate the presence of a CME-driven
shock wave. There are several factors that suggest that the moving radio bursts
were emitted by electrons accelerated at this shock. First is the fact that all three
radio bursts propagated outwards, following the expansion of the CME through the
corona. Second, based on the kinematic evolution of the CME and the radio bursts
(see Figure 6.4) Source 2 appeared to be faster than the CME features that were seen
in white light around the same time. Shocks driven by CMEs can be faster than
the CMEs themselves (e.g., Manuel-Hernandez et al. 2013), which suggests that the
emitting electrons of Source 2may bemovingwith the shock. The first type II, which
was observed around the same time as Source 2, is also faster than the CME, and type
IIs are emitted by electrons accelerated at the shock. This couldmean that the type II
and Source 2 had the same source, namely the shock driven by the CME. Then, since
the three moving radio bursts were closely connected not only temporally but also
in their positions relative to the CME/shock, it stands to reason that all three bursts
were emitted at the shock. This also supports the moving radio bursts having been
emitted by plasma emission rather than for example gyrosynchrotron emission.

If the moving bursts were emitted by electrons accelerated at the shock, the ac-
celeration mechanism is likely to be shock drift acceleration. However, most likely
there are differences between the acceleration regions of the type II bursts and those
of themoving radio sources. This is because the type II bursts are brighter andmuch
longer-lasting than the three moving bursts studied in this thesis. This suggests that
the electron acceleration that resulted in the type II emission was much more ef-
ficient and sustained than the acceleration that caused the observed moving radio
sources. It may be that the type II emission and the moving radio bursts originated
from different regions of the shock so that the orientation between the upstream
magnetic field and the shock front was different for the different bursts. As was seen
in Section 2.5, this orientation can greatly affect the efficiency of particle acceleration
at the shock, and hence the strength and duration of resulting radio emission.

It could also be that the upstream magnetic field underwent rapid changes due
to turbulence caused by the preceding CME, and the changes in the magnetic field
caused the efficiency of particle acceleration to change on a short timescale, leading
to the observed emission. Some geometries of the magnetic field and shock front,
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e.g., one in which the magnetic field lines intersect the shock at two points, can lead
to small energy gains (see, e.g., Sandroos andVainio 2006), which could in turn cause
short-lived radio bursts such as the ones studied in this thesis.

7.1 Limitations
There are some factors in the analysis done for this thesis that are sources of uncer-
tainty. One is that there is a degree of subjectivity in determining for example when
exactly a burst first appeared and when it vanished. It may be for example that there
is a stationary transient that flickers in and out around the location where a moving
burst eventually appears and starts its movement, and someone might consider the
stationary and moving bursts as the same burst while someone may consider them
as separate events. This of course does not necessarily have any effect on the analy-
sis when looking at kinematics, if one only takes into account the movement of the
bursts, disregarding any stationary stages at the start or the end of their evolution.

When calculating the centroids or estimating the flux density of the radio bursts
some random error may be introduced to the results of the analysis. The error comes
about if there is at some point some short-lived, relatively strong emission, for exam-
ple at the edge of the bounding box of the moving burst that is not filtered out when
removing the background emission. An example of this can be seen in Figure 6.7,
where at 173.2MHz the contour, which indicates the threshold outside of which ev-
erything is set to zero, does not loop around the burst but rather curves out to the
edge of the zoomed-in view. This means that the emission seen at the lower left cor-
ner of the view contributes to the estimated flux density of the burst, even though it
clearly is not part of the moving burst being studied.

This error can beminimized if in the calculation the bounding box is chosen to be
so small that it only contains the burst and not its entire trajectory. Then, as the burst
propagates out of the bounding box the box is shifted so that it again contains the
burst. This procedure is then repeated for the whole time that the burst moves. This
way of calculating the centroids or the flux density can become quite cumbersome
depending on the number of times the box is shifted, but it does reduce error.

There is some systematic error present in the estimated flux densities of the radio
bursts. This error comes about from using the small-solid angle approximation for
the solid angle subtended by the Sun when calculating the solid angle one pixel in
the NRH images corresponds to. Amore accurate number would have been reached
if the solid angle subtended by the Sun, 𝛺⊙, would have been calculated from the
definition of solid angle, 𝛺⊙ = 𝐴⊙/𝑑2, where 𝐴⊙ is the area of the solar disk and 𝑑
is the average distance from the Earth to the Sun. Comparing the solid angle cor-
responding to one pixel given by this method to the one used in the analysis shows
that there is a little over 6% difference between the numbers, with the one used be-
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ing higher. The error introduced by the approximation is therefore not high. And
when estimating flux density, this error affects the flux density at every frequency
the same way, and what was of interest in the analysis was not what the actual flux
density at any given frequency is. Rather how the flux density behaves as a function
of frequency was of interest, and this behavior is not changed by the systematic error
outlined above. The error caused by the small-solid angle approximation only serves
to shift the flux density estimates up or down, with the shift being the same for all
data points. Thus, this systematic error does not affect the spectral index and there-
fore the results of the analysis, at least when it comes to this source of error, can
be considered as accurate. There is, however, some uncertainty that is introduced
by the fact that only two data points could be used for estimating the spectral index
of each radio burst. Still, the general relationship between frequency and flux den-
sity is evident in the results, so that the spectral indices can be used to support the
conclusion that the bursts were a result of plasma emission.

7.2 Outlook
In this thesis moving radio bursts associated with a coronal mass ejection were an-
alyzed. The study of radio bursts such as the ones that were identified in this work
is of particular interest, as their characteristics clearly depart from those of the com-
monly known and widely studied solar radio bursts. Another factor that made the
bursts studied in this thesis atypical was that they originated from higher up in the
corona than would be expected from radiation of a similar frequency that resulted
from plasma emission.

The work presented in this thesis shows that relatively straightforward data anal-
ysis techniques can effectively be employed to yield information on atypical radio
emission observed in conjunction with CMEs. The aim of this thesis was to inves-
tigate the nature and the origin of these types of radio bursts, meaning what is the
emitting structure and by what mechanism is the radio emission produced. It was
found that the moving bursts were related to electrons that were accelerated by a
shock driven by the CME, resulting in radiation produced via the plasma emission
mechanism. The emission was also identified as likely having originated from the
northern flank of the CME. With these conclusions, the aim of the thesis was met.

The results of the analysis relied on earlier work done on the CME in question,
as what allowed many of the properties to be identified was relating the features of
the moving bursts to those of other radio bursts that were studied in earlier works.
When it comes to studying the radio emission associated with the CME, those earlier
works mostly focused on the spectra of the emission. They did not take advantage of
radio imaging and the unique perspective it provides on plasma processes occurring
due to the CME.
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Further analysis of the moving radio bursts and the CME, and how the inter-
action between this CME and the one that preceded it contributed to the observed
radio emission, has been conducted in a recent article by Morosan et al. (2020). The
author of this thesis contributed to the identification of the moving radio bursts and
the analysis of the kinematics of the bursts, as presented in the above work.

There are a number of avenues for further research. Regarding the event stud-
ied in this thesis, it may be interesting to take a closer look at the stationary type
IV radio burst that was seen in the ORFEES dynamic spectrum (Figure 6.2). The
type IV extended over all of the frequencies monitored by NRH, and its source re-
gion was visible at all the frequencies in the radio images. Therefore the methods
from Sections 5.5 and 5.6 could be used to study the spectral properties of the burst.
Calculating the flux density of the burst at all of the nine frequencies would most
likely enable the spectral index of the burst to be estimated fairly accurately. Visual
inspection of the burst also shows that it appears to be a pulsating continuum, and
this can have many implications on the acceleration mechanism that produced the
observed emission.

Another way the research on this particular CME could be extended to is to study
the properties of the shock driven by the ejection more closely. One important pa-
rameter of a shock wave is the Alfvén Mach number 𝑀A, which is the ratio of the
speed of the shock’s driver to the local Alfvén speed (Priest 2014). The Alfvén Mach
number can be used as a measure of the compression of plasma and magnetic field
at the shock front, a higher𝑀A implying more compression. There are a number of
techniques that can be used to calculate the AlfvénMach number of the CME-driven
shock. Maguire et al. (2020) have compared three techniques, one using the shock’s
standoff distance (distance from the leading edge of the CME to the shock front), one
which determines it from the ratio 𝑣CME/𝑣A, and one using the relative bandwidth
of a band-split type II radio burst. At least the first one of these could be applied to
the CME studied in this thesis, and if a reliable estimate of the Alfvén speed could
be determined, the second technique could also be used.

Regarding this CME and other events like it, what the analysis in this thesis
showed is that preconditioning of the corona by a preceding CME may have impor-
tant implications for the production of atypical radio bursts. Therefore, it would be
interesting to study the radio emission associated with other similar events, in which
a CME erupts behind another CME, in detail. Such studies may provide more infor-
mation on how a preceding CME affects the nature of observed radio emission, if it
indeed is the case for example that the conditions left behind by the CME facilitate
the production of radio bursts at greater than expected heights in the corona.

Other radio events similar to the ones described here could also be studied us-
ing more modern and accurate instruments. For example, with the LOw-Frequency
ARray (LOFAR; van Haarlem et al. 2013), radio images of the Sun with much better
resolution are achievable compared to NRH. This means that for example the source
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regions of radio bursts such as the ones studied in this thesis could be located more
accurately. Also, the frequency coverage is much better with LOFAR than it is with
NRH.Whereas NRH observes the Sun at nine frequencies, LOFAR observes the Sun
at two frequency ranges, 30 – 80MHz and 110 – 240MHz, and with a nearly contin-
uous coverage of those ranges. This enables the spectral properties of radio bursts to
be studied in more detail, and the spectral indices to be determined more accurately.

In addition to high-resolution imaging of radio bursts, in situ observations of the
plasma conditions responsible for producing the bursts are possible with for example
the instruments on board the Parker Solar Probe (PSP; Fox et al. 2016), which is the
first spacecraft that will fly into the low solar corona. On board, PSP has instruments
that canmeasure the coronal electric andmagnetic fields, as well as investigate ener-
getic electrons and other charged particles as they are being accelerated for example
by shocks in the corona. As was seen earlier, the orientation of the magnetic field
relative to the shock is an important factor in determining the efficiency of particle
acceleration, so direct measurements of the shock properties and magnetic field will
provide valuable insights into the kinds of solar radio bursts studied in this thesis.
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